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Preface

Physics at the highest energy scales is notoriously hard to test. With the advent of the Large
Hadron Collider it has been possible to probe particle physics up to an energy of 13 TeV. However,
an order-of-magnitude increase in this energy scale is not feasible in the near future. Beside the
accelerators built by human technology, the most energetic particles we are aware of are powered
by electromagnetic processes within astrophysical sources. These particles, namely the cosmic-rays,
are ideal for studying high-energy processes and possibly for testing Beyond Standard Model (BSM)
physics. Indeed, the origin of particle physics is strongly intertwined with cosmic-ray observations.

However, a difficulty to deal with is the uncertainty on their origin. Even though the discovery of
cosmic-rays dates back to 1912, it is at present unknown which astrophysical sources are responsible
for their production. Various acceleration mechanisms have been proposed in the context of different
astrophysical sources, but there is no agreement on what are the dominant sources. Beside its
importance as a theoretical question, this lack of knowledge necessarily limits the extraction of
information on BSM physics.

Determining the sources of cosmic-rays is hard mainly because they propagate in galactic and
intergalactic magnetic fields, which are typically turbulent. For this reason, the trajectories of
cosmic-rays are not predictable and do not point back to their sources. A step toward a deeper
understanding of the cosmic-ray production was done with the construction of gamma-ray experi-
ments. High-energy gamma-rays are produced by cosmic-rays via different mechanisms which will
be reviewed in this thesis. Differently from cosmic-rays, however, gamma-rays are neutral and are
therefore not deflected by magnetic fields. For this reason, they point back to the source they came
from. The observation of high energy gamma rays allows the identification of sources potentially
connected with cosmic-ray production and acceleration.

The final step so far in the quest for the cosmic-ray origin has been the construction of neutrino
observatories. In fact, compared to gamma rays, neutrinos are expected to be produced only when
cosmic rays interact hadronically. Furthermore, due to their weak interactions, high energy neutri-
nos arrive at Earth with no attenuation, whereas photons with energies larger than about 1 TeV
suffer a strong attenuation from collisions with the Extragalactic Background Light. Therefore, the
observation of neutrinos of astrophysical origin made by IceCube, a Gton neutrino telescope in the
South Pole, is a marker of hadronic interactions of cosmic-rays within their sources. At the same
time it allows to observe the products of cosmic-ray interactions at energies above 100 TeV, much
higher than the ones testable by gamma rays.

The first part of this thesis is dedicated to a review of the physics of cosmic-rays, astrophysical
gamma-rays, and astrophysical neutrinos. The combined observation of these particles is the focus
of multi-messenger astronomy, which is the main strategy followed in most of the works of this thesis.
We divide the discussion of this first part in four subjects: the acceleration of cosmic-rays and the
processes of production of high-energy gamma-rays and neutrinos (Chapter 1), the processes which
influence the propagation of these particles in the interstellar and intergalactic space (Chapter 2),
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the experiments aiming at the detection of astrophysical gamma-rays and neutrinos and the results
obtained so far (Chapter 3), and finally a review of the main sources believed to be responsible for
the production of the astrophysical neutrinos observed so far (Chapter 4).

The identification of point-like sources of these astrophysical neutrinos has been so far limited.
IceCube has detected a diffuse flux of astrophysical neutrinos, but most of these have no temporal
or spatial correlation with known sources. Some noticeable exceptions include the blazar TXS
0506+056, the tidal disruption event AT2019dsg, and the starburst galaxy with an active galactic
nucleus NGC1068. However, the analysis of correlations with astrophysical sources has not yet
provided a definite answer to the question of where these neutrinos come from. Such a definite
answer will shed light on the question of what are the most significant sources of cosmic-rays.

A first group of works discussed in this thesis deals with this question. In Chapter 5, we consider
a specific class of sources which are expected to produce high-energy gamma-rays and neutrinos,
namely starburst galaxies. We revise the estimates of the gamma-ray and neutrino fluxes produced
in starburst galaxies, emphasizing the effect of the intrinsic variability of the cosmic-ray populations
within each starburst galaxy. In Chapter 6, we consider a compact model of neutrino production
in collisions between protons and soft photons, which is believed to be a dominant mechanism of
neutrino production in the so-called photohadronic sources. We show that a limited number of
parameters is able to describe quite accurately the properties of high-energy neutrinos produced in
these sources, proposing a model which can be helpful in systematic studies of many different classes
of astrophysical sources at once.

Despite the many uncertainties on the sources of the high-energy neutrinos and gamma-rays
observed by the current experiments, they can still provide a powerful source of information on
high-energy physics and BSM physics. This is the subject of a second group of works presented in
this thesis, in which we analyze a number of extensions of the Standard Model.

Indeed, some of the questions left open by the Standard Model may receive answers by high-
energy neutrino observations. Among these, a central one is the nature of dark matter, namely the
dark component of matter suggested by astrophysical and cosmological observations. Dark matter
has been only observed through its gravitational effects, for example on the velocities of rotation
of stars in galaxies or on the formation of structures in the primordial universe. However, most of
the dedicated searches for a dark matter particle interacting with visible matter have so far failed
in finding any. Neutrino astronomy opens a new possibility of dark matter detection, by looking for
neutrinos produced in the decay of dark matter particles at the galactic and extragalactic scale. We
study this possibility in Chapter 7, in which we show that even weakly interacting dark matter, with
lifetimes ten orders of magnitude longer than the lifetime of the universe, can be tested at neutrino
experiments.

A sector of BSM physics for which high-energy neutrino observations are naturally suited is
the study of the neutrino properties. In the Standard Model, neutrinos are assumed to come in
three flavors, and to be interacting only through the weak interactions. Both these assumptions
may no longer hold true in a more complete theory, and indeed many extensions of the Standard
Model including a fourth sterile (i.e. not interacting through the weak interaction) neutrino have
been proposed. Furthermore, the presence of non-weak interactions among neutrinos (often dubbed
neutrino secret interactions) is constantly tested either in the study of meson decays, or by looking
at dense neutrino environments such as supernovae or the primordial universe. In Chapter 8, we
exemplify the potential of high-energy neutrinos to probe new neutrino physics with a specific model
of secret interaction between active neutrinos and an additional sterile neutrino. We show that, due
to the scattering of active neutrinos on the low-energy cosmic neutrino background, the spectrum of
astrophysical neutrinos could exhibit observable absorption features and slight changes in the flavor
composition.
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Finally, a well-known open question of the Standard Model is how to describe consistently gravity
in an ultraviolet-complete quantum theory. For this reason, a great work is devoted to testing the
founding assumptions of general relativity, the current classical theory of gravitation. In Chapter 9,
we follow this path and test the possible presence of a violation of the equivalence principle (VEP),
leading to a different gravitational coupling for different combinations of neutrino flavor states. We
show that the energy and angular distribution of high-energy atmospheric neutrinos is sensitive
enough to VEP to significantly constrain its magnitude. Furthermore, we show that the flavor
composition of astrophysical neutrinos is also a promising sensitive probe of VEP, which may become
able in 10 to 20 years to exclude most of the parameter space of this BSM extension.
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Chapter 1

Multi-messenger production

In the first part of this thesis, we summarize the theoretical background on gamma-ray and neu-
trino observations, as well as their connection with high energy astrophysics. The first step is a
discussion of how these very energetic particles are produced in astrophysical sources, and this first
chapter is devoted to this topic. Even though cosmic-rays are not the primary subject of this thesis,
they are the progenitors of high energy gamma-rays and neutrinos: for this reason, we start our
discussion in Sec. 1.1 by describing the diffusive shock acceleration mechanism, by which cosmic-
rays are believed to be accelerated. This discussion is necessary to justify the common assumption
of power-law spectra for the high-energy particles produced in astrophysical sources, as well as to
introduce the important concept of the maximal energy to which particles can be accelerated. In the
following Secs. 1.2 and 1.3 we describe the leptonic and hadronic processes causing the production
of high-energy gamma-rays and neutrinos. The two sections are necessarily intertwined, since the
hadronic processes are responsible for both neutrino and gamma-ray production: we therefore split
the discussion among those features that are more relevant for gamma-rays and neutrinos.

1.1 Cosmic-rays: acceleration processes
Cosmic-rays are the primary particles whose collisions produce gamma-rays and neutrinos. A dis-
cussion of how cosmic-rays are accelerated to the high energies at which we observe them is therefore
a necessary basis for all the rest of this work. Since it is not the primary aim of this thesis, in this
section we limit ourselves to a short discussion of shock acceleration in supernova remnants (SNRs):
however, it should be mentioned that other processes have been proposed as candidates acceleration
mechanisms, including magnetic reconnection and unipolar induction, e.g., in pulsars.

The observation of cosmic-rays shows in a definite way that charged particles can have a non-
thermal, typically power-law, distribution as a function of the energy. This statement is confirmed
by the observation of power-law photon spectra from many astrophysical sources, which are believed
to be generated by cosmic-rays, inheriting their power-law spectra. The problem is then to explain
how a distribution of particles initially at thermal equilibrium can be accelerated to non-thermal
spectra with very high energies1. A standard solution to the problem is given by the diffusive shock
acceleration mechanism, originally proposed independently in Refs. [1–4]. This is generally known as
Fermi first order mechanism, since it was inspired by a previous candidate mechanism proposed by

1In fact a related problem is the injection, namely how a group of particles are selected among the initially thermal
one to be accelerated.
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Fermi [5] generally known as the Fermi second order mechanism (the reason for the different names
will be more clear below). In this section, after a short description of the original Fermi second order
mechanism, we describe the diffusive shock acceleration process, and the properties of cosmic-rays
accelerated by this mechanism.

1.1.1 Diffusive shock acceleration
The idea behind the mechanism is that charged particles require electric fields to be accelerated. Due
to the high conductivity of the cosmic plasma, electric fields are hard to maintain in astrophysical
environments. They can however be generated by moving magnetic fields, according to the law of
induction. This was the original motivation behind the mechanism proposed by Fermi, in which
cosmic-rays collide with moving magnetic clouds. Even without a detailed calculation, we can
understand the physical reason why this mechanism fails. Let us assume that the magnetic cloud
moves with a non-relativistic velocity V , colliding with a relativistic particle with energy E and with
angle ✓ compared to the cloud velocity. Since the cloud is macroscopic, it behaves as a rigid wall,
imparting to the particle a velocity 2V cos ✓. The impulse of the particle, and therefore its energy
(which are equal for a relativistic particle), increases by an amount

�E = 2EV cos ✓. (1.1)

Here and throughout this thesis we adopt natural units in which ~ = c = 1. If we average over all
possible directions2, this vanishes. The physical meaning is that, to first order in V/c, there is no
increase on average in the particle energy because there are as many forward as backward collisions.
The average relative energy increase will be of second order in V/c, as confirmed by a more detailed
calculation: this is the reason why this is named a second order mechanism. The energy increase
in each collision is therefore very small, and many collisions are required to accelerate the particles
to the highest energies observed. We leave for App. A a more detailed discussion of Fermi second
order mechanism.

The scenario of diffusive shock acceleration, on the other hand, is based on the observation that
cosmic-rays do collide with magnetic inhomogeneities which are maintained by turbulence in the
interstellar space (the mechanism of collision will be discussed in more detail in Chap. 2). The main
type of inhomogeneities are Alfvèn waves [6], which collide with cosmic-rays causing them to diffuse
in the interstellar space. However, the velocity propagation of these waves is much smaller than
the speed of light, meaning that they are practically static with respect to the relativistic particles:
a static magnetic field, as well known, cannot do work on a particle and increase its energy. The
solution proposed in Refs. [1–4] involves the presence of a shock wave, such as the ones produced in
SNRs. The shock waves heats the gas that it sweeps up, and particles passing through the shock
wave are accelerated in a similar way by colliding with the Alfven waves. Let us discuss more
quantitatively how this process works.

In a shock wave the velocity, temperature, pressure, and magnetic field in the interstellar medium
jump discontinuously; for simplicity, we neglect the magnetic field in this treatment. The values
of the quantities on the two sides of the shock are connected by the conservation of the flux of
particles, momentum, and energy passing through the shock; the corresponding relations, namely
the Rankine-Hugoniot conditions [7], are most simply expressed in the shock rest frame. We denote
by a suffix 1 (2) the quantities upstream (downstream) of the shock: then the relation between the

2Here we assume isotropy of the particle direction in the laboratory frame: in the cloud comoving frame deviations
from isotropy are only of second order in V/c, because the particles move close to the speed of light and the cloud is
practically at rest compared to them.
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Figure 1.1: Cosmic-ray density near a shock in the shock rest (laboratory) frame. The quantities
referring to the upstream gas, the shock, and the downstream gas are shown in blue, green, and
orange respectively.

gas velocities, denoted by u, and the gas density, denoted by ⇢, on each side of the shock is3

u1

u2
=
⇢2

⇢1
=

(� + 1)M2
1

(� � 1)M2
1 + 2

, (1.2)

where M1 is the Mach number of the shock wave with respect to the sound speed upstream of the
shock and � is the polytropic index of the gas (we remind that in a polytropic gas density and
pressure are connected by the relation p / ⇢

�). In the limit of a strong shock, moving with a very
large Mach number, this fraction tends to a definite value, which, for a monoatomic gas (� = 5/3),
is u1

u2
= 4. The two velocities can be simply connected to the velocity of the shock in the laboratory

frame: in this frame the upstream gas is at rest, so the shock moves with velocity U = u1. It follows
that u1 = U , u2 = U/4. The geometrical structure of the shock wave and the velocities both in
the shock rest frame and in the laboratory frame (namely the rest frame of the upstream gas) are
summarized in Fig. 1.1.

The acceleration process can be now described as follows: when a cosmic-ray in the upstream
region is advected by the shock, it enters the downstream region. Relative to the upstream region,
the downstream gas is moving with a velocity v1 � v2 = 3V/4. Therefore, when the particle collides
with the Alfven waves in the downstream region, the latter are moving with respect to the particle
and can therefore do work on it, increasing its energy. A symmetrical situation is found when
the particle pass from the downstream to the upstream region: also in this case the gas from the
upstream region is moving toward the particle with a velocity 3V/4, and therefore the particle gains
again energy from collision with the moving magnetic waves. The efficiency of this acceleration
mechanism is based in fact on the observation that the particle gains energy each time it collides
with the shock.

3We assume non-relativistic shocks, for which u1, u2 ⌧ c, where c is the speed of light: however, we will later
comment on how the results change in the case of relativistic shocks.
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To describe in mathematical terms this situation, let us introduce the distribution of cosmic rays
in phase space f(r,p, t). In the laboratory frame the phase space distribution obeys the Vlasov
equation (we will later introduce the diffusion on magnetic fields)

@f

@t
+

p

E
·
@f

@r
= 0. (1.3)

If the gas in which the particles are moving is not at rest, but moves with a space-dependent
velocity u(r), the momentum of the particle from the gas rest frame to the laboratory frame changes
as p ! p + Eu(r). This amounts to a change of variables in Eq. 1.3, so in terms of the momentum
in the frame comoving with the gas the equation becomes

@f

@t
+

pi + Eui

E

@f

@ri
� (pi + Eui)

@uj

@ri

@f

@pj
= r · (Drf) , (1.4)

where we have also added a term on the right-hand side describing the diffusive collision of cosmic-
rays on the magnetic waves (see Sec. 2.1 for the diffusion coefficient D). To simplify further this
equation, we assume a plane, normal shock orthogonal to the z direction. In the shock rest frame
the problem is stationary4 and the distribution depends only on z and p; furthermore, assuming
that the momenta are distributed isotropically, we can average over the direction of p and obtain
the final form of the equation5

u
@f

@z
�

1

3
r · u p

@f

@p
=

@

@z

✓
D
@f

@z

◆
, (1.5)

where r · u = (u2 � u1)�(z) if the shock is placed at z = 0; also, we take the upstream region at
z < 0 and the downstream region at z > 0. We omit the intermediate passages and report directly
the solution of this equation, which is derived in App. B

f(z, p) =

8
>><

>>:

fu(p) +

"
3u1

u1�u2
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p

0
dp

0

p0 fu(p0)
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⌘ 3u1
u1�u2

� fu(p)

#
e
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3u1
u1�u2

R
p

0
dp

0

p0 fu(p0)
⇣

p
0

p

⌘ 3u1
u1�u2

z > 0.

(1.6)

This solution depends on an arbitrary function fu(p), which is the distribution of the particles
infinitely far from the shock in the upstream region: these are the particles that have not been
accelerated yet, and therefore fu(p) has support only at low energies. As a simple choice we take
fu(p) = n

4⇡p2
0
�(p � p0), where n is the spatial density upstream and p0 is a low energy value. By

substitution we see that both upstream and downstream there is a component, coming from the
integral, behaving as a power law in momentum p

�3u1/(u1�u2). Substituting u2 = u1/4 the behavior
of the spectrum is f(z, p) / p

�4. Since for relativistic particles p ' E, and the phase-space volume
is 4⇡p

2
dp, we find that the distribution in terms of the energy is proportional to E

�2
dE, recovering

the well-known result that for diffusive shock acceleration the cosmic-rays are distributed as a power
law in energy. The spectral index of the power law attains a constant value equal to 2 (throughout

4The assumption of stationarity is a subtle one, and its validity will be discussed in more detail below.
5The derivation of this equation skips over a subtlety, due to the fact that the diffusion term will be derived in

Sec. 2.1 in a frame in which the magnetic waves are at rest, whereas in the shock rest frame this is not anymore
true. However, since the Alfven waves are non-relativistic both in the laboratory and in the shock frame, the term
we are neglecting is only of order (vA/c)2, where vA is the Alfven velocity; this correction accounts for the stochastic
acceleration of cosmic-rays from the randomly moving waves, which might be relevant to explain the low energy part
of the spectrum, but does not influence the high energy behavior we are interested in here.
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this work, wherever it is not explicitly stated, we refer by spectral index to the power of the energy),
independent of the details of the precise velocity of the shock and the diffusion coefficient. This was
indeed one of the reason behind the relevance of diffusive shock acceleration, since this value is quite
close to the observed value for the cosmic-rays at Earth6.

Let us discuss in physical terms the solution that we have just found. In the upstream region
there is a spatially uniform component of cosmic-rays (fu(p)) which is not accelerated, constituted
by the particles who have never interacted with the shock wave, and a term decreasing far from
the shock. This term describes the particles who have already passed through the shock back and
forth several times and therefore are accelerated with the power law spectrum. On the other hand,
in the downstream region the accelerated particles are not suppressed and extend down to z ! 1.
They give rise to a particle flux j = f(z, p)u2 escaping from the shock to downstream infinity, which
is caused by the advection of the particles: in other words, these are the particles that have been
overcome by the propagating shocks and are escaping from behind it. This spatial distribution of
the particles already accelerated by the shock is shown graphically in Fig. 1.1.

The result has been derived under several assumptions: let us discuss some of them and what is
their effect:

• we have assumed that the shock waves behaves as an external field, feeling no influence from
the cosmic-rays. In reality cosmic-rays moving back and forth through the shock cause a
pressure, whose effect is to smooth the discontinuity in the velocity and pressure at the shock.
Therefore the majority of the cosmic-rays experience the passage through a weaker shock with
a smaller compression ratio, leading to a softer spectrum at lower energies; only the higher
energy cosmic-rays experience an increased compression ratio, making the spectrum harder at
harder energies. The spectra obtained taking into account the non-linear effects of cosmic-rays
on the shock have therefore a characteristic concave shape, with spectral index larger than 2
at low energies and smaller than 2 at high energies [9–12];

• we have assumed that the shock waves were non-relativistic. Relativistic shocks can be im-
portant for acceleration of cosmic-rays near very energetic astrophysical events, such as active
galactic nuclei and gamma-ray bursts (see Chap. 4). A full discussion of relativistic shock
acceleration is beyond the aims of this work: here we only report the result of numerical and
analytical studies [13–17], which have shown that near relativistic shocks cosmic-rays attain a
power-law spectrum7 in energy, with a spectral index around 2.2. This result is also in agree-
ment with the spectral index of cosmic-ray electrons near gamma-ray bursts, as estimated from
gamma-ray observations [18].

1.1.2 Maximal energy
The stationary solution that we have found possesses some surprising aspects: first of all, the
spectrum behaves as a power law in energy, so there are particles with energies which can be infinitely
large. Furthermore, even though the diffusion on magnetic waves is the primary mechanism by which
particles gain energy, the diffusion constant does not appear in the energy spectrum. Finally, the
total number of cosmic-rays integrated over all space diverges. All these aspects are connected with
the limited validity of a stationary solution: in reality if the shock is active for a finite time particles
can only be accelerated up to a maximum energy, determined by how many times they can cross the

6The observed spectral index of the cosmic-rays at Earth is about 2.7; however, the spectrum is somewhat softened
by the energy-dependent escape of cosmic-rays from the Galaxy. Taking this into account, the spectral index of
accelerated cosmic-rays is estimated to be close to 2.4 [8].

7This is expected due to the lack of any characteristic scale of momentum.
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Figure 1.2: Cosmic-ray spectrum after 24 crossings through the shock wave; the progressive crossings
are shown in decreasing order of color intensity. The superposition is shown in black.

shock, and they cannot reach the spatial infinity. We discuss in App. B the time-dependent solution
to the transport equation: here we adopt simpler arguments to determine the qualitative features
of the solution.

In a time-dependent solution, cosmic-rays are progressively accelerated each time they cross the
shock. At each crossing back and forth of the shock (which is generally called a cycle of acceleration),
the particle will experience an energy gain: to determine it, we observe that in a single passing
through the shock the particle collides with magnetic waves coming toward it with a velocity u1�u2.
Following the same reasoning that led to Eq. 1.1, we see that when the particle enters the other region
its energy gain is �E = E

u1�u2
c

cos ✓. When we average over the angle ✓, the probability of collision
is proportional to 2 sin ✓ cos ✓, where the factor cos ✓ accounts for the relative velocity between the
particle and the shock. After averaging, we find that the energy gain in a single passing through
the shock is �E = 2(u1�u2)

3c E. In a total cycle, the energy gain is twice this value �E = 4(u1�u2)
3c E,

because the particle gains energy in both the passages through the shock.
On the other hand, the cycle has a finite duration, which we can estimate as follows. When

the particle is released from the shock in the upstream or downstream region, it is diffused by a
characteristic length which can be estimated by the transport equation as l1,2 ⇠

D

u1,2
, where the

suffix refers to the region. Since cosmic-rays move with relativistic speeds, the time they take to go
back to the shock is then t1,2 ⇠

D

u1,2c
. The duration for a complete cycle is therefore of the order

of Tacc = f
D

c

⇣
1
u1

+ 1
u2

⌘
, where f is a numerical factor: a more precise determination (see App. B)

gives f = 4. Substituting the shock velocity, we find that on average the particle energy increases
with a rate

dE

dt
=

�E

Tacc

= E
V

2

20D
. (1.7)



1.2. GAMMA-RAY PRODUCTION 21

This is the rate of energy increase of the particles which keep crossing and recrossing the shock.
On the other hand, a fraction of the particles will escape the shock in the downstream region: to
estimate the probability that a particle escapes the shock, we simply notice that its motion is a
superposition of the relativistic motion with the speed of light (which in our units is 1) in random
directions, and the hydrodynamic advection with velocity u2 which makes it escape from the shock.
The relativistic isotropic motion causes a flux of particles to run back to the shock: since their
velocity is 1, the flux is n/4, where n is the cosmic-ray density downstream (in fact only half of the
particles have a velocity directed toward the shock, and the component of the velocity toward the
shock is uniformly distributed between 0 and 1: therefore the mean velocity is 1/2). On the other
hand, the flux of particles escaping downstream is simply nu2. Therefore the probability of escape
is

Pescape =
nu2

n/4
= 4u2. (1.8)

The stationary power-law spectrum we have derived above can be regarded as the superposition
of the original low-energy spectrum passing through the shocks N times: at each crossing the
energy increases by a factor 4(u1�u2)

3c , but the probability of doing N crossings without escaping
downstream rapidly decreases as e

�NPescape . A graphical representation of the power-law spectrum
in this interpretation is given in Fig. 1.2.

If the shock has a finite duration T , and the particles had originally an energy E0, they can only
attain a maximum energy Emax given by the condition

T =
20

V 2

Z
Emax

E0

dE

E
D(E), (1.9)

where for generality we have assumed that the diffusion coefficient is a function of the energy. This
diffusion coefficient will be discussed in more detail in Sec. 2.1: a simple argument that we can
use here is that for strong turbulence the particle mean free path cannot be smaller than their
Larmor radius. From kinetic theory the diffusion coefficient must therefore be larger than the Bohm
coefficient D = 1

3RLc = E

3qB , where RL is the Larmor radius, q is the charge and B is the magnetic
field. Substituting this form of the diffusion coefficient, we find that the maximal proton energy is

Emax =
3

20
ZeBV

2
T, (1.10)

where q = Ze for a nucleus with atomic number Z. Therefore, for a finite duration of the event
accelerating cosmic-rays, only a maximum energy can be attained which is proportional to the
duration of the event. The condition that the source lasts sufficiently long as to accelerate the
cosmic-rays to the highest observed energy will be used in Chap. 4 to determine which sources are
best candidates for cosmic-ray production.

As a final comment, Eq. 1.10 seems to suggest that large magnetic fields are connected with
cosmic-rays accelerated to high energies. However, if the magnetic field becomes too large, first the
high-energy electrons and then the high-energy protons start losing energy by emission of synchrotron
radiation (introduced in Sec. 1.2): in this case the maximal proton energy is significantly lower. This
subject will be discussed quantitatively in Chap. 4.

1.2 Gamma-ray production
The existence of non-thermal charged particles is a natural explanation for the observed astrophysical
gamma-rays. The processes by which gamma-rays are produced by cosmic-rays is the subject of the
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present section. This is not meant to be a complete overview, and we will only limit to those
processes which will be needed in this work.

The production of secondary gamma-rays from cosmic-rays can be broadly divided into leptonic
and hadronic mechanisms. In leptonic mechanisms gamma rays are produced via radiative pro-
cesses, which include bremsstrahlung, synchrotron and inverse Compton radiation. The production
is named leptonic since electrons are mainly responsible for it, due to their smaller masses compared
to hadrons. In hadronic mechanisms both gamma rays and neutrinos can be produced by the decay
of mesons originating from proton collisions. The target of these collisions can either be nuclei at
rest, typically from interstellar gas, or low energy photons. These two cases are separately iden-
tified as pp and p� interactions respectively. In the next subsections we will discuss each of these
production mechanisms separately.

1.2.1 Leptonic gamma-ray production
A first source of high-energy gamma-rays are accelerating charged particles. As known from classical
physics, in a given force field the acceleration of a particle is inversely proportional to its mass, so
that lighter particles have larger accelerations and consequently emit more radiation. For this reason
radiative processes are generally associated with electrons, which are lighter than protons. These
electrons can accelerate due to either their Coulomb interaction with nuclei, or their interaction with
a magnetic field, or because of scattering with a target radiation field. Accordingly there are three
distinct radiative processes, respectively bremsstrahlung, synchrotron and curvature radiation (we
will focus on synchrotron radiation only), and Inverse Compton (IC) processes. In this section we
will collect the information which will be most useful in this work.

Bremsstrahlung radiation originates from Coulomb scattering between electrons and ions (the
ion-ion collision involve particles with larger masses which therefore emit less radiation, whereas in
the electron-electron collision the dipole moment of the system, proportional to the center of mass
position, does not move because of momentum conservation, so there is no dipole radiation). The
cross section for bremsstrahlung is a classic result of both classical and quantum electrodynamics
(see, e.g., Refs. [19,20]). The emitted photon spectrum has a characteristic dependence E

�1
�

on the
photon energy at low energies: this is a universal property in the emission of soft particles. This
behavior changes at energies so large that the emitted quanta cannot be considered soft, namely
such that E� ' E, where E is the characteristic energy of the colliding particles.

Bremsstrahlung can appear in multiple contexts in high energy astrophysics: for example, it can
arise from a thermal population of ions and electrons. However, for the purpose of this work, we
are mainly interested in the bremsstrahlung radiation originating from relativistic electrons colliding
with a target of fixed protons, such as those in the interstellar medium. For this process, the cross
section can be approximated as [21]

d�

dE�
=
�brem

E�
✓ (Ee � E�) , (1.11)

where �brem ' 3.4 ⇥ 10�26 cm2, and Ee and E� are respectively the electron and photon energy8.
Hence we see that the differential cross section for photon production approximately does not depend
on the electron energy, and produces a spectrum of soft photons with the characteristic dependence
E

�1
�

.
A second radiative process involving relativistic electrons is synchrotron radiation. This origi-

nates when electrons move in a magnetic field: the latter causes the electrons to spiral around the
8For collisions off nuclei with charge Z, the cross section approximately increases by a factor Z

2; this is only
approximately true because of the presence of screening in the collision on atoms.
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magnetic field lines, imparting the electrons a centripetal acceleration which makes them radiate. In
principle one would expect the electrons, which are rotating with the Larmor frequency !L = qB/E

(where B is the external magnetic field), to emit radiation peaked at the same frequency: however,
due to relativistic beaming, the radiation is actually peaked at a much higher frequency. In fact the
observer only receives radiation when the particle is moving towards them within an angle of order
1/�. Since the period of the particle is of order TL = E/qB, the portion of the period in which
radiation is effectively conveyed to the observer is TL/�. The observer measures an even shorter
period due to the Doppler effect, equal to T = TL(1 � v)/� ' TL/2�3. Therefore we finally find
that the frequency perceived by the observer is of order !s ⇠ 1/T ⇠ (E/m)3!L, where we neglected
a factor 2, and m is the electron mass. While this argument is sufficient to determine the peak
frequency of synchrotron spectrum, it does not provide the frequency dependence. The spectrum
of the emitted photons can be computed in the dipole approximation by decomposing the particle
(centripetal) acceleration in its Fourier components [19]: we refer the reader to the literature for
the exact formulas in terms of the MacDonald functions. It is found that the spectrum is indeed
peaked at a frequency of the order of !s, and that the emitted power per unit frequency behaves
approximately as (!/!s)1/3e�16!/3!s [22].

A final radiative process that we will need to consider is Inverse Compton, namely the scattering
of a very energetic electron on a low-energy radiation field. Regarded from the rest frame of the
electron, this process is simply the scattering of radiation on a fixed particle, so we will start our
discussion from this reference frame: we use the prime for quantities in this frame. If the photon
frequency !0 (in the electron rest frame) is much smaller than the electron mass, the scattering is just
the classical Thomson scattering, for which the cross section �T = 8⇡e

2
/3m

2. When the frequency of
the incident photon becomes comparable with the electron mass, the classical theory is not applicable
anymore (indeed, restoring for a moment the Planck constant, this condition is written ~!0

⇠ m):
this is the Klein-Nishina regime in which the cross section decreases as �(!0) '

3
8�T

m

!0

�
log 2m

!0 + 1
2

�
.

Let us discuss the passage from the laboratory frame to the electron rest frame. Assume that
! is the initial photon frequency in the laboratory frame. Then by Lorentz transformations !0 =
�!(1�cos ✓), where ✓ is the angle between the photon and electron directions and we have assumed an
ultrarelativistic electron. After the collision, the frequency in the electron frame of the final photon
!
0
f

differs from !
0 by terms of order !0

/m, which are relevant only for center-of-mass energies near
the Klein-Nishina threshold, when Inverse Compton is suppressed. Therefore, we neglect them and
assume !0

f
= !

0. Translating back to the laboratory frame, we find !f = �
2
!(1 � cos ✓)(1 + cos�),

where � is the angle between the final photon direction in the electron rest frame and the original
electron direction. To obtain a precise estimate, we should average this relation over the angular
distribution of the initial and final photons: however, this relation is sufficient to show that the
scattered photon frequency is larger than the initial photon one by a factor �2 = (E/m)2. We will
now obtain a more precise estimate by a different argument.

We consider an electron moving with velocity v in an isotropic bath of photons, which we regard
as a fluctuating ensemble of electric and magnetic fields [23]. For a relativistically moving particle
the energy radiated per unit time in the field is [19]

✓
dE

dt

◆

rad

=
2e

4

3m2
�
2
h
(E + v⇥B)2 � (E · v)2

i
. (1.12)

By averaging this expression over the isotropic ensemble of electromagnetic fields we obtain the
mean energy loss ✓

dE

dt

◆

rad

= �TU�
2

✓
1 +

v
2

3

◆
. (1.13)



24

This is the total energy radiated by the charge; U is the energy density of the electromagnetic waves.
However, a part of this energy is not extracted from the charge itself, but rather is diffused from the
photon bath through which the charge is moving. This is just the energy that is diffuse by Thomson
scattering, and it corresponds to the emitted energy for v = 0. By subtracting this component, we
obtain the energy loss of the charge

dE

dt
=

4

3
�TU�

2
v
2
. (1.14)

For a particle moving through a bath of photons with frequency !, U = n!, with n being the photon
number density. Therefore, the mean frequency of the photons emitted by Inverse Compton is

!f =
4

3
!�

2
. (1.15)

1.2.2 pp processes
Differently from leptonic processes, pp processes involve the strong interaction of two protons col-
liding with one another. The proton-proton collision leads to the production of mesons, which
ultimately decay into lighter stable particles, namely electrons (and positrons), photons, and neutri-
nos. In astrophysical environments, pp collisions typically involve a very energetic proton from the
cosmic-rays and a non-relativistic proton from the ISM. In this section we will discuss the production
of mesons from the pp collision and the subsequent decay of mesons into photons: the decay into
neutrinos will be discussed in Sec. 1.3.1.

Since we are interested in meson production, we will refer only to the inelastic pp collisions.
The cross section for inelastic pp collisions has a threshold at a cosmic proton energy which, in
the laboratory frame (assuming the target proton is at rest), is about 1 GeV. After this threshold,
the cross section exhibits a logarithmic growth with the energy. Since pp collisions are intrinsically
hadronic processes, they cannot be described from first principles, due to the non-perturbative
character of strong interactions. The cross sections for these collisions are typically obtained from
Monte Carlo generators based on phenomenological models of the strong interaction. The main
numerical codes available for this task include PYTHIA [24], QGSJETII-04 [25], SIBYLL [26].These
codes are based on different techniques for modeling strong interactions at different energy scales:
for example, PYTHIA describes both hard quantum chromodynamics (QCD) processes, based on
the leading order parton distribution functions, and soft QCD processes, using phenomenological
Regge parametrizations of the data. On the other hand, SIBYLL describes the hard interactions by
means of the minijet model, whereas the soft interactions are described with the dual parton model.
A recent comparison between the results of these codes can be found in Ref. [27].

From a practical standpoint, the use of numerical codes for the description of pp processes would
be rather involved. Therefore, analytical parametrizations are available [28] for the total cross section
for pp interaction, �pp(Ep), and the energy spectra of the particles produced in the interaction. The
latter are typically expressed in terms of the functions Fi(x, Ep), defined so that

dNi = Fi(
Ei

Ep

, Ep)
dEi

Ep

, (1.16)

where dNi is the differential number of the i-th species particles with energy Ei, and Ep is the proton
energy. The functions F⇡ and F⌘, for the production of ⇡ and ⌘ mesons, are reported in Ref. [28].
Due to isospin symmetry, ⇡+, ⇡� and ⇡

0 are all produced in the same amounts. In terms of these
functions, the number of secondary particles injected per unit energy, volume and time is

dNi

dEdtdV
=

Z +1

1 GeV

dEp

Ep

�pp(Ep)nISMnp(Ep)Fi(
Ei

Ep

, Ep), (1.17)
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where nISM is the ISM density, acting as a target for pp interaction, and np(Ep) is the stationary
distribution of cosmic-ray protons per unit volume and energy; the lower limit at approximately 1
GeV takes into account the threshold for pp collision.

Gamma-ray production in pp collision happens via the process ⇡0
! ��. Since this is a two-body

decay, in the center-of-mass frame of the pion the two photons carry an energy equal to half the pion
mass, and their common line of motion will be distributed isotropically. Converting to the laboratory
frame, in which the pion has an energy E⇡0 , we find that the photon energy is distributed uniformly
between the two values E

±
�

=
E⇡0

2

⇣
1 ±

q
1 � m2

⇡
/E

2
⇡0

⌘
. The distribution for the photons from ⇡

0

decay can then be written as (the factor of 2 comes from the two photons produced in the decay)
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(1.18)
For relativistic pions, this expression can be simplified to

dn⇡0!�

dE�
=

1

E⇡0

F⇡0!�

✓
E�

E⇡0

◆
, (1.19)

where we have introduced the notation of Ref. [29] for the decay function, which will be used
throughout this work, and

F⇡0!�(x) = 2⇥(1 � x). (1.20)

A smaller contribution comes from the ⌘ decay, for which the main decay channels are (in order
of decreasing branching) ⌘ ! ��, ⌘ ! ⇡

0
⇡
0
⇡
0, ⌘ ! ⇡

+
⇡
�
⇡
0, ⌘ ! ⇡

+
⇡
�
�, all of which produce

either �, or ⇡0 decaying into �, in the final state. The two-body decay channels can be easily treated
like the ⇡0

! �� decay above; the three-body decay channels are more complicated because of the
higher number of variables. However, as mentioned in Ref. [28], the specific shape of the decay
function influences only weakly the results, and furthermore the photons from ⌘ decay are secondary
anyway.

Even though the analytical parametrizations are sufficiently easy to allow a rapid computation
of the secondary spectra in most cases, it is still useful to have an approximate idea of the shape
of the secondary spectra. Due to the approximate Feynman scaling in hadronic interactions, the
functions Fi(x, Ep) mostly depend on x, and only weakly on Ep. For this reason, there is an
approximate scaling in the production of secondary pions: in particular, if the number of protons
per unit volume and energy in a source has a power-law spectrum, one similarly expects a power-law
injection spectrum for the pions. This conclusion is only approximately true, due to the logarithmic
dependence of the pp cross section on the energy, which causes a slight spectral hardening in the
pion spectrum compared to a simple power law9.

Since scaling is approximately verified in this context, a typical approximation that is used in
the literature is that the pion energy is on average E⇡ = Ep/5. On the other hand, we have seen
that in the pion decay photons have a flat energy distribution between 0 and E⇡, so on average
they carry an energy E� = E⇡/2. Therefore, in this approximation photons carry an average energy

9Here we have assumed that the stationary distribution of protons was a power law. In more realistic situations,
protons are injected with a power-law spectrum, but then suffer energy losses and energy-dependent depletion processes
(such as escape from astrophysical sources), so their stationary distribution may be different from a power law. A
special situation is the so-called calorimetric one, in which protons mainly lose their energy via the same pp interactions
which also produce gamma-rays and neutrinos. In this case, the produced photon spectrum will be a power law with no
spectral hardening, because the increase of the pp cross section with the proton energy is balanced by a corresponding
increase in the proton energy losses.
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E� = Ep/10. For a power-law proton spectrum with a maximal proton energy Ep,max, protons with
energies above 1 GeV will participate to pp interactions: the resulting gamma-ray spectrum will be
approximately a power law between the energies of 1GeV/10 ' 0.1 GeV and Ep,max/10.

1.2.3 p� processes
The second hadronic process of interest in gamma-ray and neutrino production is the collision of
high energy protons with low energy photons, or photohadronic collision. Soft photon targets are a
common feature of astrophysical environments, and therefore p� processes can be significant in this
context.

The threshold for p� interaction is at a center-of-mass energy of about 0.2 GeV. Let us denote by
"� and Ep the photon and proton energy respectively. Furthermore, we introduce the angle ✓ between
the proton and photon momenta. The condition for p� interaction therefore can be written10 as
Ep"�(1 � cos ✓) & 0.04 GeV2, which depends on the angle between proton and photon. In Ref. [30],
it is shown that by averaging the cross section over the angle, under the assumption of an isotropic
photon target, the condition can be written as

Ep"� & mp✏th

2
, (1.21)

with mp the proton mass and ✏th ' 150 MeV. Whereas for pp interactions the proton energy had to
be larger than 1 GeV, from this condition we see that, for typical photon temperatures below the keV,
the proton needs energies of the order of 100 TeV to participate to p� interactions. For this reason,
p� processes are mainly connected with cosmic accelerators, namely sources where cosmic-rays are
accelerated to ultra-high energies: we will detail this point in Chap. 4.

Just like pp processes, photohadronic processes too are generally described by means of numerical
codes: the main tool for this task is the Monte Carlo code SOPHIA [31,32]. In this code three main
contributions are accounted for in the p� collision: at low energies the cross section is dominated by
a number of resonances, the most prominent of which is the �-resonance

p + � ! �+
!

(
n + ⇡

+ 1/3 of cases
p + ⇡

0 2/3 of cases.
(1.22)

The branching ratios of the � resonance can be obtained by the Clebsch-Gordon coefficients of the
isospin state 1/2 (the intermediate � resonance) in the two final states.

A second contribution taken into account is the direct production of pions, which are mediated
by the t-channel exchange of mesons. This is implemented in SOPHIA using phenomenological fits
to the data for the total cross sections. Finally, at higher energies the dominant contribution can be
described by means of the exchange of quasiparticles originating from Regge resonances, namely the
reggeon and the pomeron. This channel is also generally known as multi-pion production, because of
the large number of pions in the final states: the multi-particle production is described in SOPHIA
by means of QCD-fragmentation of color strings.

The use of SOPHIA for the simulation of p� interactions can be time-consuming, just as in
the pp case. For this reason, simpler analytical approaches are worthy of attention. A commonly
used approximation is the use of the �-resonance contribution alone, assuming that each secondary
carries a fixed fraction of the initial proton energy. For example, for pion production it is assumed
that an energy E⇡ ' 0.22Ep is carried by the daughter pion [30]. Correspondingly, photons carry

10Assuming "� ⌧ Ep.
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on average an energy E� = E⇡/2 ' 0.11Ep. The neglect of the multi-pion contribution in this
approach, however, is not always justified, as emphasized, e.g., in Refs. [22, 30,33–35].

Another approximate way of describing neutrino and gamma-ray production is the use of the an-
alytical parametrizations provided in Ref. [36]. Here the spectra of secondary photons and neutrinos
from monochromatic protons and photons are provided as analytical fits to the numerical results by
SOPHIA. In this approach, the intermediate distributions of secondary pions, neutrons and kaons
are not available, so that only the final result for neutrinos and gamma-rays can be used. This
approach is simple and complete for the gamma-ray production: on the other hand, in the case of
neutrinos, which originate from the decay of charged particles, this information may be incomplete
in sources with strong magnetic fields. In this case synchrotron losses may significantly distort the
distribution of the intermediate mesons, so that the result of Ref. [36] are not applicable anymore.

The intermediate meson and neutron production in p� interaction can be described using the
result of Ref. [30]. Here each of the contribution accounted for in SOPHIA (resonance, direct
production and multi-pion production) is parameterized by a collection of interaction types. For
each interaction type the secondary particle is assumed to carry a fixed fraction of the proton energy,
with an interaction rate depending on the center-of-mass energy. The parameters of each interaction
type, namely the fraction of energy carried by the secondary and the interaction rate, are determined
In this way the spectrum of pions, kaons and neutrons injected by p� interactions can be determined.
Finally, the gamma-ray spectrum can be obtained from the pion spectrum using the decay function
introduced in Eq. 1.20.

The behavior of the pion spectra from p� interactions will be the main subject of Chap. 6, where
we will discuss it in quantitative terms. Here we will limit ourselves to some qualitative remarks
on the gamma-ray spectra. First of all, if the target photons are at an energy "� , only protons
with energy higher than Ep & 70 TeV/"� [keV] can interact. Since the gamma-rays produced have
an average energy E� = E⇡/2, and the pions have an average energy E⇡ = 0.22Ep, the average
gamma-ray energy is E� = 0.11Ep, and therefore the minimum energy at which p� photons are
produced is of the order of 7 TeV/"� [keV]. Thus p� photons typically are produced at a much
higher energy scale than pp photons. The shape of the spectrum in this region will be discussed11

in Chap. 6, where we show that typically it is not a simple power law, as in the case of pp processes,
but it depends significantly on the shape of the target photon spectrum.

1.3 Neutrino production

The third component of the multi-messenger framework (neglecting gravitational waves) is the neu-
trino. Neutrinos are expected to be produced only in the hadronic pp and p� interactions that
we have discussed in the previous section. For this reason, they are a fundamental part of the
multi-messenger approach: whereas the leptonic or hadronic nature of high-energy gamma-rays is
difficult to probe, the observation of neutrinos is a definite signature of hadronic interactions. In
this section we discuss the pp and the p� processes, that have been described in the previous section,
from the viewpoint of neutrino interaction: more specifically, we will introduce the decay processes
of secondary particles which lead to neutrino production.

11The discussion in Chap. 6 is focused on neutrinos: however, the discussion can be extended in a similar way to
gamma-rays as well.
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1.3.1 pp processes
pp interactions lead to the production of pions in the final state. As was already discussed in the
previous sections, neutral pions can subsequently decay into photons. On the other hand, the main
decay channel of charged pions12 is ⇡+

! µ
+
⌫µ and the charge conjugated process for ⇡�. The

muons produced in this way can themselves decay into electrons µ
+

! e
+
⌫e⌫̄µ. The full pion decay

chain, therefore, ends up in the production of ⌫e, ⌫µ and ⌫̄µ.
The pion decay is a two-body process, and therefore the energy spectrum of the resulting muon

and neutrino can be determined in the same way as the spectrum of the photons in Sec. 1.2.2,
with the only complication that the muon is not massless and therefore limits the final available
phase-space. The result for the neutrino decay function is

F⇡+!⌫µ
(x) =

1

1 � r⇡
⇥ (1 � r⇡ � x) , (1.23)

with the definition of decay function as in Sec. 1.2.2 and r⇡ = (mµ/m⇡)2. For the muon decay
function one generally needs separately the spectrum of left-handed and right-handed muons, which
should be obtained by computing the relevant Feynman diagrams. The result is

F
⇡+!µ

+
R
(x) =

r⇡(1 � x)

(1 � r⇡)2x
⇥(x � r⇡), F

⇡+!µ
+
L
(x) =

x � r⇡

(1 � r⇡)2x
⇥(x � r⇡). (1.24)

In the limit r⇡ ! 0, the pion decays only to left-handed muons, as it should because of the helicity
structure of the interaction13. Finally, the decay functions for the two helicity states of the muon to
decay into electron and muon neutrinos are

Fµ+!⌫̄µ
=

✓
5

3
� 3x

2 +
4x

3

3

◆
+ h

✓
�

1

3
+ 3x

2
�

8x
3

3

◆
(1.25)

and
Fµ+!⌫e

= (2 � 6x
2 + 4x

3) + h(2 � 12x + 18x
2

� 8x
3), (1.26)

where h is the helicity of the muon. All these decay functions are collected in Ref. [29]. The average
fraction of the pion energy carried by the neutrino can be obtained by these probability distributions.
The result is that each neutrino carries on average an energy E⌫ = E⇡/4: we observe that this is
half of the energy carried by each photon in the corresponding ⇡0 decay. Since in turn each pion
carries on average about 1/5 of the parent proton energy, this leads to the often-used approximation
that neutrinos carries a fraction 1/20 of the parent proton energy.

The convolution of these decay functions with the analytical parametrizations for the pion spectra
from pp interactions in Ref. [28] leads to the neutrino spectrum: in fact, as also mentioned in
Sec. 1.2.2, the same Ref. [28] performs directly this computation and provides the gamma-ray and
neutrino spectra from pp collisions. The simple connection between the pion and neutrino spectra
we have just described cannot be used in strongly magnetized environments, where, before decaying,
pions are subject to strong synchrotron losses.

As in the case of gamma-rays, also for neutrinos a power-law spectrum for protons translates
into a power-law spectrum for neutrinos. Therefore, if we have protons with a power-law spectrum,
interacting in an energy range between 1 GeV (the lower threshold for pp interactions) and Ep,max

(the maximal proton energy), we expect a neutrino power-law flux between 50 MeV and E
0
p,max

/20
with the same spectral index as the proton flux.

12The decay into electrons is helicity-suppressed.
13In the same limit the decay rate would vanish by helicity suppression.
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We now discuss the connection between the gamma-ray and neutrino spectra. This connection
arises naturally from the observation that they come from the same process. In pp collisions neutral
and charged pions are produced roughly with the same multiplicity, due to isospin symmetry: if we
call Qi(Ei) the number of particles injected per unit energy, volume and time by the interaction,
we have Q⇡+(E) = Q⇡�(E) = Q⇡0(E) = Q⇡(E). We make the simplifying assumption, descending
from the considerations above, that gamma-rays and neutrinos carry a fixed fraction of the parent
pion, specifically E� = E⇡/2, E⌫ = E⇡/4. Since all pions eventually decay into gamma-rays and
neutrinos, the final spectra can be written as E�Q�(E�) = 2 [E⇡Q⇡(E⇡)]E⇡=2E�

for photons andP
↵

E⌫Q⌫↵(E⌫) = 6 [E⇡Q⇡(E⇡)]E⇡=4E⌫
, where ↵ = e, µ, ⌧, ē, µ̄, ⌧̄ , for neutrinos. By equating

the pion spectrum from the two expressions, we find the connection (we multiply by an additional
factor of energy to give the expression as typically reported in the literature [37–39])

1

3

X

↵

E
2
⌫
Q⌫↵(E⌫) =

1

2

⇥
E

2
�
Q�(E�)

⇤
E�=2E⌫

. (1.27)

This expression relates the neutrino and gamma-ray spectrum at their source. The condition trans-
lates to a condition on the observed fluxes, provided that the gamma-ray fluxes reach the Earth
without any distortion: this is not generally true, because gamma-rays undergo scattering processes
during their propagation to the Earth. Furthermore, they might be partially absorbed within the
source itself, if there are low-energy photons on which they can scatter: in this case the source
becomes opaque. The question of gamma-ray propagation is discussed in more detail in Chap. 2.

Finally, let us comment on the flavor composition of neutrinos produced in pp interactions. In
the scenario described above, in each pp interaction we have the production of an equal number of
⇡
+ and ⇡�: the former produces in its decay the particles ⌫e, ⌫µ and ⌫̄µ, and the latter produces the

charge-conjugate particles. Therefore one expects a fraction of muon neutrinos (and antineutrinos)
equal to twice the fraction of electron neutrinos (and antineutrinos); of course no tau neutrinos are
expected, since the tau lepton is too massive. The fraction of neutrinos and antineutrinos are equal
in this mechanism. The information on flavor composition is generally given in terms of the flavor
ratio, namely the fraction of the flux in each of the three flavors: in our case the flavor ratio is
(1:2:0). Since the origin of these neutrinos is the full decay chain of pions, this flavor composition is
known as pion beam. Strong magnetic fields can modify this conclusion: however, they are rare in
pp sources.

1.3.2 p� processes
For p� collisions the main process determining the neutrino production is again pion decay. The
convolution of the decay functions given in the previous section with the pion injection spectrum,
obtained as described in Sec. 1.2.3, allows to determine the neutrino spectra from pion decay in
p� interaction. Neutrinos are also produced from neutron decay n ! p + e

� + ⌫̄e, which leads to
electron antineutrinos only, and kaon decay K

+
! µ

+
⌫µ. Both these contributions are generally

smaller, and are mainly important in strong magnetic fields, which we will discuss below. Neutrinos
carry on average an energy E⌫ = E⇡/4: since in turn pions carry an average energy E⇡ = 0.22Ep

for �-resonance interaction, the average neutrino energy can be written as E⌫ = 0.05Ep.
As we also mentioned in Sec. 1.2.3, photohadronic production of neutrinos will be discussed

mainly in Chap. 6. In the same way as for gamma-rays, also neutrinos from p� interactions are
expected at the highest energies: repeating the same derivation made at the end of Sec. 1.2.3, and
taking into account that neutrinos carry on average only 1/4 of the pion energy, we find that p�

neutrinos are produced in a range between 3.5 TeV/"� [keV] and 0.05Ep,max.
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Let us determine the multi-messenger connection between the gamma-rays and neutrinos from
pion decay in the case of p� processes. The relation among the average energies is still the same
as in pp processes, namely E� = E⇡/2, E⌫ = E⇡/4. However, the ratio between the number of
charged pions and neutral pions is not the same as in pp processes, and is harder to predict in a
general way. The two main contributions to pion production in this case are the �-resonance and
the multi-pion production. �-resonance, according to Eq. 1.22, gives rise approximately only to
⇡
+ and ⇡

0, with the latter being produced with twice the probability of the former. Multi-pion
production, on the other hand, produces all three pions. A reasonable average, typically used in the
literature, is that the cumulative production of �-resonance and multi-pion leads to a fraction of ⇡0

roughly equal to that of charged pions, so that E⇡Q⇡0(E⇡) ' E⇡Q⇡+(E⇡) + E⇡Q⇡�(E⇡). In this
case the multi-messenger connection in Eq. 1.27 changes to

1

3

X

↵

E
2
⌫
Q⌫↵(E⌫) =

1

4

⇥
E

2
�
Q�(E�)

⇤
E�=2E⌫

. (1.28)

The two conditions for pp (Eq. 1.27) and p� (Eq. 1.28) can be written compactly in terms of the
parameter K⇡ =

E⇡Q⇡+ (E⇡)+E⇡Q⇡� (E⇡)
E⇡Q⇡0 (E⇡)

. For pp interactions K⇡ ' 2, and for p� interactions K⇡ ' 1;
in general

1

3

X

↵

E
2
⌫
Q⌫↵(E⌫) =

K⇡

4

⇥
E

2
�
Q�(E�)

⇤
E�=2E⌫

. (1.29)

Regarding the flavor composition of p� neutrinos, in the scenario depicted above it is still pions
that give rise to neutrinos, and therefore the flavor ratio is still (1:2:0). However, since the ratio of
⇡
+ to ⇡� is changed, the corresponding neutrino to antineutrino ratio can be different: for the ideal

�-resonance, for example, the neutrino to antineutrino ratio would be 2:1.
Another important component of neutrinos from p� interaction is originated from neutron decay.

In fact neutrons produced in the �-resonance p� ! ⇡
+
n typically carry 4/5 of the parent proton

energy, and in turn in the decay of a neutron n ! pen̄ue the neutrino carries an average fraction
of the neutron energy equal to 5.1 ⇥ 10�4 (see, e.g., [30]). Since this fraction is so low, neutrinos
coming from neutron decay may dominate over the neutrinos from pion decay in the low energy part
of the spectrum. In this case the production is dominated by electron antineutrinos, so the flavor
composition is (1:0:0): this flavor regime is known as neutron beam.

These conclusions on the flavor composition are only valid in the absence of strong magnetic
fields. If this condition is violated, then charged mesons may be subject to severe energy losses
due to synchrotron radiation. These synchrotron losses for a particle with mass m can be obtained
by integrating the synchrotron spectrum given in Sec. 1.2.1, or, more easily, by using the Larmor
formula for dipole radiation [19] with the acceleration produced by the Lorentz force. The result,
for a magnetic field B and for ultra-relativistic particles of mass m and charge e, is

b(E) =
dE

dt
=

4e
4
B

2
E

2

9m4
. (1.30)

From this relation we see that lighter particles with high energies lose their energy more rapidly.
In the decay chain leading to neutrino production ⇡

+
! µ

+
⌫µ, µ

+
! e

+
⌫e⌫̄µ (we do not write the

charge-conjugated processes), the muons are lighter than pions and may be subject to synchrotron
losses before them. Their decay may then be inhibited because they are moved to lower energies.
In this case only ⇡ decay producing ⌫µ, and the flavor composition becomes (0:1:0), the so-called
muon-damped regime [40,41]. The neutrino to antineutrino ratio does not change from our previous
discussion. The condition for this to happen can be formulated in terms of the timescales for the
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Composition Flavor ratio Process
at source

Pion beam (1:2:0) ⇡ ! µ + ⌫̄µ,
µ ! e + ⌫̄e + ⌫µ

Muon-damped regime (0:1:0) ⇡ ! µ + ⌫̄µ

Muon beam (1:1:0) µ ! e + ⌫̄e + ⌫µ

Neutron beam (1:0:0) n ! p + e + ⌫̄e

Kaon beam (0:1:0) K
+

! µ
+ + ⌫µ

Table 1.1: Summary of the flavor compositions discussed in the text.

processes: the timescale of synchrotron radiation can be defined as ⌧synch = E/b(E). If muons
decay slower than this timescale, then they are damped by the losses. Since the decay lifetime is
⌧decay = ⌧µE/mµ, where ⌧µ is the lifetime in the center of mass frame, the condition for muon-
damped regime is

E �

s
9m5

µ

4e4B2⌧µ
. (1.31)

Above this critical energy, neutrinos from muon decay become suppressed.
The muons damped by the synchrotron losses are moved at lower energies, and may produce a

pile-up of neutrinos in this energy range, as shown in Ref. [22]. If these neutrinos dominate over the
ones produce by pion decay, the resulting flavor composition is known as muon beam. In this case,
muon decay produces a flavor composition (1:1:0). The muon-beam regime was originally proposed
at very high energies from decays of heavy charmed mesons [42].

At the very highest energies, pion decay can be inhibited too by synchrotron losses: this happens
if the condition, analogous to Eq. 1.31,

E �

s
9m5

⇡

4e4B2⌧⇡
(1.32)

is verified. In this case also pions will be damped to lower energies by the synchrotron losses. The
steepening of the spectrum can be described by means of the Fokker-Planck equation taking into
account synchrotron losses and decay lifetime; see, e.g., Ref. [22].

Finally, above the critical energy 1.32, a component which might become relevant are neutrinos
from kaon decay. These are produced in less quantities in p� collisions, but their larger masses
make them less sensitive to synchrotron losses. If neutrinos from kaon decay dominate, the flavor
composition is (0:1:0).

We summarize the flavor compositions typically expected in astrophysical sources in Table 1.1,
collecting the processes which originate neutrinos in each case. We emphasize that an astrophysical
source is expected to produce an energy-dependent flavor ratio, with different flavor compositions
dominating at different energies depending on the interplay among synchrotron losses and the decay
lifetimes of the different mesons [29,43,44].
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Chapter 2

Multi-messenger propagation

2.1 Cosmic-ray propagation

It was already mentioned in Sec. 1.1 that cosmic-rays propagating in galactic and intergalactic mag-
netic fields are deflected by the Lorentz force. Due to the turbulent nature of these magnetic fields,
the trajectory of the particles has a diffusive character, analogous to the trajectories of Brownian
motion. In this section we will describe qualitatively the character of this propagation, and we will
obtain order of magnitude estimates for the diffusion coefficient describing it: we refer to Appendix C
for a more rigorous mathematical treatment of this problem.

Let us assume the presence of a strong regular magnetic field B directed along the z axis and
a weaker turbulent component �B(r). The unperturbed trajectory of the particle, without the
turbulent field, would be a spiral orbit along the axis z of the regular field; the radius of the
spiral is the Larmor radius. If the turbulent field varies over length scales much larger than the
Larmor radius, then the magnetic field is changing adiabatically. In this case the particle will simply
follow the direction of the magnetic field lines without being deflected much from its unperturbed
trajectory [19]. On the other hand, if the turbulent field varies over length scales much smaller
than the Larmor radius, the particle will be deflected on microscopic length scales (compared to the
Larmor radius), but will feel on average no effect. These observations suggest that the particle will
be mainly diffused by magnetic fields changing on the scale of the Larmor radius, so the scattering
by magnetic fields has a resonant character. This resonance can also be looked upon from another
point of view. In a frame in which the particle is not moving along the axis z, the spatial variation
of the turbulent field is felt as a temporal variation with a frequency ! = kzvz, where kz is the wave
number and vz is the particle velocity along the z axis. The particle is at the same time orbiting
around the axis z with the Larmor frequency ⌦ = qB

E
, with q being the particle charge and E its

energy. If the two frequencies are equal, the particle exhibits a cyclotron resonance [45], absorbing
energy resonantly from the varying (in the frame defined above) magnetic field.

The order of magnitude of the deflection suffered by cosmic-rays can be estimated by physical
arguments. The process can in fact be regarded as the collision of cosmic-rays on turbulent magnetic
waves of a fixed wavelength, which by the resonance condition must be of the order of the Larmor
radius. If we denote by �uk the fraction of the magnetic energy density that is in the form of
magnetic waves with this wavelength, the scattering rate will be proportional to �uk. Since the only
parameter with the dimensions of time entering the problem is the (reciprocal) Larmor frequency,
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the scattering rate is expected to be of the order of � ⇠ ⌦�uk
1. Therefore, similarly to a gas of

colliding particles, cosmic-rays will diffuse with a diffusion coefficient of order

D ⇠
1

3
v
2��1

⇠
v
2

3⌦�uk

. (2.1)

A rigorous treatment for the case of the turbulent field much weaker than the regular one (the so-
called quasi-linear theory, see, e.g., Ref. [46]) shows that this simple formula gives the correct order
of magnitude and dependence on the parameters, even though it skips over the important difference
between diffusion parallel and transverse to the regular magnetic field.

Let us estimate the energy dependence of the diffusion coefficient. The particle energy enters
Eq. 2.1 both in the Larmor frequency and in �uk, which should be evaluated at the resonance
wavenumber k '

⌦
v

= qB

Ev
. �uk measures the fraction of energy contained in the turbulent magnetic

field, and its dependence on the wavenumber is determined therefore by the nature of the turbulent
motions originating the magnetic field. Although a quantitative theory of turbulence has yet to be
formulated, simple arguments are sufficient to obtain this dependence for the case of fully developed
turbulence of a non-magnetic fluid: these lead to the so-called Kolmogorov model of turbulence (see,
e.g., Ref. [7]). The idea is that turbulence can be regarded as the flow of energy from large vortices
to small vortices, down to the smallest scale motions which are dissipated by viscosity. Therefore, if
vk is the velocity of the vortices with wavenumber of order k, there is a net flux of energy per unit
mass of the order of q ⇠

v
2
k

k�1/vk
. This flux should be independent of the wavelength, in the typical

fashion of cascade processes, and therefore vk / k
�1/3. The energy contained at this wavenumber

is therefore Ek / v
2
k

/ k
�2/3. If there is a rough equipartition between the kinetic energy of the

fluid and the energy contained in the turbulent magnetic perturbations, then we expect the same
behavior for �uk. Following this argument, we write

�uk ' �uk0

✓
k

k0

◆�2/3

. (2.2)

By substituting this result in Eq. 2.1, we find that D / E
1/3. This dependence is reflected in the

energy dependence of the time that the cosmic-rays spend inside a Galaxy like our own, namely the
escape time: this time is of order ⌧diff ' l

2
/D / E

�1/3, where l is a characteristic length of the
Galaxy. A different prediction would be obtained if the ISM were a strongly magnetized fluid: in this
case there would still be a net flux of energy per unit mass q flowing from large-scale to small-scale
perturbations. However, the mechanism with which the perturbations are dissipated is not anymore
viscosity, but rather the interaction among magnetic waves. The rate of energy dissipation must
then be proportional to the rate of collision of random magnetic waves, which depends on the fourth
power of vk. By dimensional arguments it must be q ⇠

v
4
k

uAk�1 . Since the energy is Ek / v
2
k
, we

find Ek / k
�1/2, which is indeed the result of the Kraichnan model for turbulence in magnetized

fluids [6]. In this case the escape time would decrease as E
�1/2.

A way to verify these predictions is through the ratio between the concentration of carbon and
boron in the cosmic-rays. The reason is that boron is not a primary component of cosmic-rays
and is instead produced when carbon nuclei collide with the nuclei from the ISM. Therefore, the
concentration of boron must be proportional to the time that the carbon nuclei spend in the Galaxy.
Indeed, the measurement of the boron to carbon ratio shows an energy dependence as E

��, with �
1The dimensional argument is not sufficient to exclude powers of the dimensionless ratio m/E. However, since

the equations of motion in a static magnetic field involve only the energy of the particle, and not its rest mass, these
factors can be excluded a priori.
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close to 0.3 [47], in very good agreement with the prediction of the Kolmogorov model for turbulence.
The order of magnitude that is deduced for the diffusion coefficient at around 10 GeV is D ' 1028

cm2 s�1 [8].
Finally, let us comment on the diffusion coefficient in the case of strong turbulence, for which we

obtained by simple arguments the Bohm form in Sec. 1.1. The quasi-linear theory developed here
and in App. C does not rigorously apply to the case of strong turbulence. However, we see that the
relations which we have derived indeed reproduce the Bohm result if we take �uk ' 1. Therefore,
even though this result is beyond the limits of validity of quasi-linear theory, it suggests that the
Bohm form for the diffusion coefficient is generally motivated in the case of strong turbulence.

The diffusion by turbulent hydromagnetic waves described here is only one of the processes
affecting the propagation of cosmic-rays. Its effect is to add a term to the right-hand side of the
transport equation of the form ✓

@f

@t

◆

diff

= r · (Drf). (2.3)

Here f is the phase space distribution2 of the cosmic-rays. Let us give a general overview of other
processes which can be relevant, and their effect on the transport equation:

• when one is interested in the nuclear composition of the cosmic-rays, a fundamental process
is spallation, namely the collision of cosmic-ray nuclei on the hydrogen nuclei of the ISM.
As a result of this collision, heavy nuclei split up into lighter nuclei. The description of
spallation requires the introduction of distribution functions fi for each species of nuclei;
the production of lighter nuclei can then be described by an effective interaction rate d�i!j

dE

representing the probability per unit time of production of the species j with energy E from
the collision of a nucleus i. We do not investigate this subject further, since it will not
appear in the works discussed in this thesis, and instead refer the reader to the literature
(e.g. [8]). For extragalactic propagation of cosmic-rays, a similar process to account for is
photodisintegration of heavy nuclei on low-energy photons, in particular the photons from the
Cosmic Microwave Background and the Extragalactic Background Light (see Sec. 2.2), through
the reaction A

X� !
A�1

XN�. The energy threshold for this process is at around 1010 GeV;

• in the discussion above we have always assumed the magnetic perturbations to be static, so
that they cannot do work on charged particles. In reality these perturbations move with a
velocity which is reasonably distributed isotropically and of the order of the Alfven velocity vA.
The correction coming from the motion of the Alfven waves, of order v

2
A
/c

2, can be obtained
by changing the diffusion equation derived in App. C to a moving reference frame. However,
the result can be guessed even without doing the calculation: since the velocity of the waves is
isotropically distributed, particles will gain an energy of the order of E

vA
c

in head-on collisions
and lose the same energy in the opposite case. On average they will suffer a quadratic stochastic
gain of energy E

2 v
2
A
c2

for each collision. Since the collision rate is of order � as estimated above,
we expect a stochastic increase of energy per unit time of order h�E2i

�t
' �E

2 v
2
A
c2

. Indeed the
results of a more detailed treatment [48] shows that a Fokker-Planck term is added to the
right-hand side of the transport equation
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, (2.4)

2We actually refer to the distribution already averaged over the direction of the particle momentum.
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where Dµµ is the pitch-angle diffusion coefficient defined in App. C and h�v
2
i is the velocity

dispersion of the magnetic waves, which is indeed of the order of v
2
A
. This is generally known

as the reacceleration term; its main effects are felt at low energies, below the GeV;

• if the medium in which cosmic-rays move has a macroscopic motion with velocity u(r) (such
as in the presence of strong galactic winds, as will be the case in Chap. 5), we have seen in
Sec. 1.1.1 that the transport equation is changed by two terms in the right-hand side, which
we write separately for clarity ✓

@f

@t

◆

adv

= �u · rf, (2.5)

and ✓
@f

@t

◆

ad

=
1

3
r · u p

@f

@p
. (2.6)

The first term here represents the advection of cosmic-rays, which are transported by the wind;
the second term represents the adiabatic energy losses, due to the effective expansion of the
medium in which cosmic-rays are moving3;

• for the hadronic component of the cosmic-rays there are a number of processes which lead to
energy losses. These include: the Bethe-Heitler collision on low-energy photons p� ! pe

+
e
�,

which is the dominant energy loss mechanism between 109 GeV and 1010 GeV, the pp collision
with interstellar and intergalactic gas (this is the main energy loss process within our galaxy:
we will consider it again in Chap. 4, since it is an expected source of gamma-rays and neutrinos),
and the p� collision with low-energy photons. The latter is the most important process above
1010 GeV, and is expected to make the extragalactic sky opaque to ultra-high enegy cosmic-
rays: this threshold energy is generally known as the Greisen-Zatsepin-Kuzmin [49,50] (GZK)
cutoff. We will consider it in more detail in Chap. 4, since this process is expected to be an
important source of ultra-high energy of neutrinos, named cosmogenic neutrinos;

• for the leptonic component of cosmic-rays the relevant processes for energy loss are of course
different. At low energies the dominant process is ionization loss by Coulomb interactions
with the atoms; at higher energies the radiative processes described in Sec. 1.2.1, namely
the emission of photons by bremsstrahlung, synchrotron and Inverse Compton processes, are
the most important sources of energy loss. Leptonic energy losses are of diffusive character,
meaning that in each elementary event they lead only to a small fraction of the lepton energy
to be lost: therefore they can be dealt with by adding a Fokker-Planck term to the right-hand
side of the transport equation

✓
@f

@t

◆

loss

=
@

@E
(b(E)f) , (2.7)

where b(E) = h�
dE

dt
i is the average energy loss, written as the sum of the contributions

from all the relevant processes. All the leptonic processes mentioned here are also active for
hadrons interacting electromagnetically. However, due to their larger masses, they are generally
less relevant. These radiative processes can influence, for example, the propagation of light
mesons: we have seen an example in Sec. 1.3.2, where synchrotron losses were responsible for
the steepening of the pion spectrum at high energies.

3In fact this term can be accommodated to effectively account for the cosmological redshifting of energy of extra-
galactic cosmic-rays simply by assuming the classical Hubble law u(r) = H(t)r with H(t) the Hubble parameter: this
is of course a phenomenological way of describing the energy redshifting.
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Collecting the terms corresponding all these processes one obtain the complete diffusion-loss
equation describing the propagation of cosmic-rays in the Galaxy. A common approximation adopted
in practical calculation is to use the momentum distribution n(p, t) = 1

V

R
d
3rf averaged over the

spatial coordinates (here V is the total volume of the galaxy in which cosmic-rays are contained).
In doing the integral of the transport equation, the diffusion and the advection term are integrated
over the volume to give
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where we have converted the volume integral into an integral over the boundary of the region in
which the cosmic-rays are confined (which typically is a galaxy). In this form it is clear that the
effect of diffusion and advection on the number of particles per unit momentum is that of depleting
the particles via their escape flow from the boundaries of the galaxy. In a phenomenological way
this term is often written as
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, (2.9)

where ⌧adv ⇠ l/u, ⌧diff ⇠ l
2
/D, and l is a characteristic dimension of the galaxy. This approach is

generally known as the leaky-box model for cosmic-rays.
The approach to the cosmic-ray propagation outlined in this section is of course a simplified one,

which however suits our purposes for this thesis: in particular, we will refer to this approach in
Chap. 5 for the cosmic-ray protons propagation in starburst galaxies, and in Chap. 7 for the electron
propagation in extragalactic and galactic environments.

2.2 Gamma-ray propagation
Gamma-ray propagation is considerably simpler than the cosmic-ray one, by virtue of the neutrality
of photons. Because of this, gamma-rays are not deflected by cosmic magnetic fields and move
straightforwardly from their sources to the Earth. Nevertheless, their propagation is not completely
trivial because of their possible interaction with the low-energy photons they encounter on their way.
This is the main subject of this section.

For definiteness, we start our discussion with extragalactic propagation. The existence of low-
energy radiation in extragalactic environments is an established one. A well-known component of
this radiation is the Cosmic Microwave Background (CMB), namely the relic radiation left over from
the primordial plasma after the Universe became neutral. CMB has a blackbody spectrum, since
it originated from a strongly coupled plasma of photons and electrons, and its present temperature
is about 2.73 K, or 0.2 meV. Furthermore its redshift evolution is easy to describe at least until
recombination, at z ⇠ 1100, since the number density simply scales as n(z) / (1 + z)3. The second
most important component of radiation is Extragalactic Background Light (EBL), which has a
double bump structure where the first bump (cosmic optical background) originates from stellar
nucleosynthesis, and the second bump (cosmic infrared background) originates from optical and
ultraviolet radiation absorbed by dust and reradiated as infrared. Since its formation is strongly
intertwined with the formation history of galaxies, the knowledge of EBL is much more uncertain
than CMB. Recent parametrizations and fit to the EBL energy and redshift dependence are given
in Refs. [51,52].

The propagation of high-energy gamma-rays in cosmic environments is significantly affected by
these low-energy photons. The reason is that two photons can interact in a pair production reaction
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�� ! e
+
e
�. The minimum squared center-of-mass energy required for the reaction is evidently

(2me)2, where me is the electron mass. If the energetic gamma-ray has energy E� and the soft
photon has energy ✏� , their squared center-of-mass energy is E�✏�(1�cos ✓), where ✓ is their relative
angle. Therefore in order of magnitude, if ✏� is the typical energy of EBL photons4, gamma-rays
will be affected which have an energy

E� & m
2
e

✏�
. (2.10)

For an EBL energy around ✏� ' 1 eV we find a minimum energy at which absorption begins of about
E� ' 250 GeV. Therefore, in terms of the density of low-energy photons per unit energy n(✏� , z), a
photon with energy E� at the Earth, produced at a redshift zi, will experience an optical depth

⌧(E�) =

Z
zi

0

dz

H(z)(1 + z)

Z
d✏�

Z
⇡

0

sin ✓d✓

2
��� [E�(1 + z), ✏� , ✓] n(✏� , z). (2.11)

Here ��� is the cross-section for pair production [20] as a function of the energies of the two photons
and the angle ✓ between their directions. This optical depth leads to an effective absorption of the
high-energy photons, and the absorption coefficient is e

�⌧(E�): because of this, the extragalactic sky
is essentially opaque to photons with energies much larger than 100 GeV.

Even though photons with sufficiently high energy cannot reach the Earth, their energy is not lost
in the process �� ! e

+
e
�, but rather it is transferred to the secondary electrons. These electrons

can themselves collide with the ambient photons in Inverse Compton interaction e� ! e�, producing
new gamma-rays. Therefore the initial collision gives rise to a cascade of particles which reprocesses
the original photon energy into a new photon spectrum at lower energies. A precise description of
this cascade requires the numerical solution of the transport equations for the electron and photon
distribution: this is implemented, e.g., in the code �-CASCADE [53].

The cascade produced in the interaction has a shape which can be understood qualitatively at
least in the case of large propagation lengths (see, e.g., [54]). In this case the cascade has the time
to develop and reach a universal shape which we now describe. Let us take the simplest case of a
monochromatic soft photon target with energy ✏� :

• at high energies, E� >
m

2
e

✏�
, in the limit of very large propagation lengths all the photons

interact and we expect the photon flux to be completely attenuated;

• at intermediate energies, m
2
e

3✏�
< E� <

m
2
e

✏�
, the gamma-rays attenuated by the �� collision

are continuously replenished by the Inverse Compton photons. In this region each particle
approximately transfers half of its energy to both the secondaries, and therefore the process
has all the features of a multiplicative cascade. Such cascades are well-known in the theory of
extensive air showers [8], and they are known to lead to a spectrum of the form n�(E�) / E

�2
�

.
This universal form of the spectrum can be understood by observing that it contains exactly
the same amount of energy in each decade of energy of the particle, as is typical of scale-
invariant problems. A simple way of obtaining this result is the following: we call P� the
probability (per unit length) of interaction of a photon, and Pe the corresponding probability
for electrons. After the cascade has propagated for a long time, an equilibrium is established
in which the production of each particle is balanced by its absorption. Then the following

4We take the EBL photons because they have higher typical energies than the CMB ones, and therefore can affect
even lower energy gamma-rays.
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Figure 2.1: Attenuation factor due to �� collisions as a function of photon energy and redshift.
Figure taken from Ref. [55].

equations must be satisfied

n�(E�)P� = ne(2E�)Pe, (2.12)
ne(Ee)Pe = ne(2Ee)Pe + 2n�(2Ee)P� .

This equation admits indeed the solution ne(Ee) / E
�2
e

, n�(E�) / E
�2
�

;

• at low energies, E� <
m

2
e

3✏�
, gamma-rays cannot anymore interact with the soft photons, because

of the low energy. On the other hand, electrons can still interact: in each interaction they
produce a photon which has on average the typical Inverse Compton energy 4E

2
e
✏�/3m

2
e

(see
Sec. 1.2.1). In this regime electrons are not produced, and they only continuously lose their
energy with a constant energy flux ne(Ee)dEe/dt ' �TnTne(Ee)4E

2
e
✏�/3m

2
e
, where �T is the

Thomson cross section and nT is the number density of the target soft photons. Since this
flux must be constant, it must be ne(Ee) / E

�2
e

. By integrating over the Inverse Compton
emissivity, this implies a photon spectrum n�(E�) / E

�3/2
� .

Therefore we reach the result that the gamma-ray flux is attenuated and reprocessed by the
cascading process into a lower energy flux. This flux has a universal structure of a broken power
law, with a low-energy phase dominated by Inverse Compton emission and a higher energy phase
with the typical shower structure. The total energy of the reprocessed cascade flux is approximately
equal to the initial energy of the absorbed photons. Since this energy is reprocessed in a flux with a
behavior E

�2, one typically expects the cascade contribution to be significant if the original photon
spectrum is harder than E

�2.
A graphical representation of the impact of �� collisions on EBL and CMB is provided in Fig. 2.1,

where we show the attenuation factor (without accounting for cascades) due to �� collisions. The
Universe becomes essentially opaque to gamma-rays even at very low redshifts at energies of about
10 TeV.
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2.3 Neutrino propagation
Compared to gamma-rays and cosmic-rays, the propagation of neutrinos from their sources to the
Earth is much simpler, at least in the Standard Model. Neutrinos are in fact weakly interacting
particles which propagate freely, so that the source emissivity determines in a simple way the neutrino
flux at the Earth. Non-standard physics may change this simple statement: in fact, Chaps. 8 and 9
are devoted to such non-standard effects in neutrino propagation.

The only complication to the simple standard scenario is the presence of flavor oscillations during
neutrino propagation, which we now discuss. The reason behind neutrino oscillations is the difference
between flavor and mass eigenstates. In the Standard Model, the weak interaction Lagrangian selects
three neutrino states, namely the electron, muon and tau neutrino, interacting diagonally with their
respective lepton SU(2) partner. Here and throughout this thesis we denote these flavor eigenstates
by Greek indices: thus ⌫↵ are flavor eigenstates, with ↵ = e, µ, ⌧ .

The mass term of the neutrinos, on the other hand, has an origin which is still unclear: by
similarity with the mass terms for the other particles, it likely originates from the Yukawa interaction
of neutrinos with a scalar field acquiring a vacuum expectation value. The precise mechanism
however is still not known: it may involve additional heavy neutrinos, leading to the so-called seesaw
mechanism [56–58], or non-standard right-handed counterparts to neutrinos providing a Dirac mass,
or it may involve no additional species, with a Majorana mass term for the standard neutrinos. Here
we adopt an effective mass term independent of the high-energy physics which originated it5

Lmass = �

X

i

mi⌫̄i⌫i. (2.13)

The Latin indices are used here to refer to a new set of states, which are generally linear combination
of the flavor eigenstates, and which we call mass eigenstates. The dispersion relation for the i-th mass
eigenstate is E(p) =

p
m

2
i

+ p2. The inequality between mass and flavor eigenstates is responsible
for the phenomenon of neutrino oscillations: in fact, an electron produced by weak interaction in
the ↵-th flavor eigenstate will propagate freely as a superposition of mass eigenstates. Each mass
eigenstate acquires a different phase during the propagation, due to the different dispersion relations,
generating a finite amplitude for the original neutrino to evolve to a different flavor. The oscillation
probabilities depend on the connection between the mass and the flavor eigenstates: the general
convention is

|⌫↵i = U↵i |⌫ii , (2.14)

where U is the unitary Pontecorvo-Maki-Nakagawa-Sakata (PMNS) matrix [59, 60]. As a general
3 ⇥ 3 unitary matrix, U is parametrized by 9 real numbers in general, three of which are mixing
angles of a real orthogonal matrix; the remaining six are phases. However, we have 5 free parameters
corresponding to the five independent phase redefinition of the lepton and neutrino fields6. Therefore,
5 of the 9 parameters can be absorbed in these 5 transformations. For Majorana neutrinos the
situation is slightly different, in that the neutrinos phases cannot be redefined: therefore only 3
phases can be eliminated by redefining lepton fields. In summary we are left with a unitary matrix
parametrized by 3 mixing angles and 1 (3) phase for Dirac (Majorana) neutrinos. The updated
values for these best-fit parameters from oscillation experiments are reported in Refs. [61]

Let us now apply this formalism to neutrinos originated in astrophysical sources. The weak
decay of hadrons produces a neutrino, say, in the flavor eigenstate ↵. In its propagation to Earth,

5However, we do assume Dirac mass term for simplicity.
6For the 6 fields of neutrinos and leptons one would expect 6 independent phases: however, a redefinition of all

lepton and neutrino fields by a global phase leaves the Lagrangian unchanged, and thus does not change the PMNS
matrix.
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its different component in mass eigenstates, with amplitude U↵i, acquire a dephasing

�i = pil =
q

E2 � m
2
i
l ' El �

m
2
i

2E
l, (2.15)

where pi is the momentum of the i-th mass eigenstate, E is its energy and l is the propagation length
(this procedure is discussed in greater detail in Chap. 9, where we will apply it to the propagation in
a gravitational field). The different amplitude for mass eigenstates will therefore acquire a relative
dephasing. According to the standard rules of quantum mechanics, the probability of detecting the
neutrino at Earth with flavor � is
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. (2.16)

In principle Eq. 2.16 provides an exact relation for the probability of flavor conversion. However, the
detection of neutrinos always involves a finite energy resolution, meaning that the neutrino energy
should be averaged over some probability distribution depending on the observed energy. Another
source of uncertainty comes from the propagation length, since naturally the precise position of
the neutrino in the astrophysical source is not known. The uncertainties on the energy and on the
position of the neutrino are so large, compared with the oscillation lengths defined by 2E/(m2

j
�m

2
i
),

that the oscillating factors vanish after the average. Therefore, the average equation should be used
in place of Eq. 2.16

P↵!� =
X

i

|U↵i|
2
|U�i|

2
. (2.17)

Due to mixing, the flavor composition of astrophysical neutrinos observed at the Earth is generally
different from that with which the neutrinos are produced: in f

source

↵
is the fraction of neutrinos in

the ↵ flavor at the source, the corresponding fraction at Earth is

f
Earth

�
=
X

�

P↵!�f
source

�
. (2.18)
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Chapter 3

Detection of gamma-rays and
neutrinos

The detection of the high-energy messengers from astrophysical sources is of course a key subject of
this dissertation. This chapter is devoted to this question. We focus on gamma-rays and neutrinos,
namely the secondary messengers of the cosmic-ray production in astrophysical sources. In partic-
ular, we review the main experiments, both current and planned, aimed at detecting high-energy
gamma-rays (Sec. 3.1) and neutrinos (Sec. 3.2).

3.1 Gamma-ray detectors
The detection of high-energy gamma-rays requires dedicated instrumentation. Astrophysical gamma-
rays do not reach the surface of the Earth, due to absorption in the atmosphere. When a gamma-
ray enters the atmosphere, it rapidly loses its energy in a cascade of particles induced by the pair
production and bremsstrahlung processes. In order to overcome this difficulty, two complementary
approaches have been proposed: space-based and ground-based detectors.

3.1.1 Space-based detectors
Space-based detectors naturally overcome the difficulty of atmosphere absorption, whereas they
have to face many technical challenges. These detectors are typically sensitive between 300 keV and
300 GeV. Since we will mainly be interested in ultra-high energy gamma-rays, these detectors are
less relevant for this dissertation. However, as we will see (see Chap. 4), the observations of diffuse
gamma-rays can significantly constrain some scenarios of high-energy neutrino production.

The detection of gamma-rays in space-based telescopes is based on two main processes, namely
Compton scattering and pair production: the latter is more relevant above 10 � 20 MeV. The Fermi
Large Area Telescope (Fermi-LAT) is based on the process of pair production, and is therefore
sensitive mainly from 20 MeV up to hundreds of GeV (we do not discuss here the Fermi Gamma
Burst Monitor). The LAT is composed of a tracker, made of active material which can track the
products of pair conversions, a calorimeter, and an anti-coincidence detector. We do not enter the
detail of the experiment, for which we refer the reader to the literature [64].

For the purposes of this thesis, we are mainly interested in the LAT measurements of the ex-
tragalactic gamma-ray background (EGB) [62, 63]. The EGB is the superposition of gamma-rays
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Figure 3.1: IGRB and EGB intensities measured by Fermi-LAT [62] as a function of the energy.
The EGB measurements are shown in black (yellow uncertainty band), the IGRB are shown in red,
the resolved sources are shown as a gray band. The original measurements of the IGRB in Ref. [63]
are shown in blue. Figure taken from Ref. [62].

from extragalactic sources, which include most of the sources discussed in Chap. 4, such as Active
Galactic Nuclei, Gamma-Ray Bursts, and starburst galaxies. For each population, the contributions
from resolved and unresolved sources are superposed. The relative magnitude of these contributions
depend on the typical luminosities of the source class. For example, blazars are sufficiently bright
that even at cosmological distances they can be individually resolved, allowing for robust estimates
of the relative contribution of resolved and unresolved sources. On the other hand, Active Galactic
Nuclei with misaligned jets and starburst galaxies are more rarely detected as individual sources.
Therefore, they are believed to mainly contribute to the unresolved emission, even though this can
only be determined on the basis of some physical model for their luminosity evolution. The sepa-
ration between resolved and unresolved component has been performed originally by the EGRET
Collaboration [65, 66] and later by the Fermi-LAT Collaboration [62]. The contribution from unre-
solved sources is generally known as Isotropic diffuse Gamma-Ray Background (IGRB). The total
EGB is then by definition the sum of the IGRB and the resolved sources intensity. We emphasize
that, while the EGB is a well-defined quantity independently of the measurement instrument, the
IGRB necessarily depends upon the potential of the instrument in resolving individual sources. As
a final comment, the measurements of the IGRB may in principle be affected by contamination from
diffuse Galactic emission.

While the first measurements of the EGB have been provided by the SAS-2 satellite [67] and
EGRET [68], the LAT has improved the limits on the EGB by a factor of about 10, based on 50
months of data taking. A large portion of the EGB has been identified by Fermi-LAT with known
point-like and extended sources within the many catalogs released by the Fermi-LAT Collaboration.
The largest fraction of these sources has been identified with AGN, which therefore are believed
to constitute the dominant contribution to the gamma-ray sky. We show in Fig. 3.1 the IGRB
measured by Fermi-LAT, as well as the total EGB. The abrupt decrease at the energies around
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100 GeV is due to the opacity of the Universe to gamma-rays via �� collisions, described in Chap. 2.
As shown in Ref. [69], the EGB spectrum is well explained by a dominant blazar component, with a
component from radio-galaxies which becomes comparable at energies below ⇠ 1 GeV. Star-forming
galaxies are shown to contribute only a small amount to the total EGB. In Chap. 5 we will revisit
these estimates in light of a more detailed determination of the diffuse gamma-rays from starburst
galaxies.

3.1.2 Ground-based detectors
Ground-based detectors can only detect gamma-rays through the products of the cascades generated
in atmosphere. This is typically done by targeting either the Cherenkov radiation produced by the
secondary particles in the cascade (Imaging Air Cherenkov technique), or the charged particles in
the cascade reaching the ground (Extensive Air Shower technique). We discuss these two techniques
in turn.

Cherenkov radiation is naturally emitted by the ultra-relativistic particles in the showers formed
by gamma-rays in the atmosphere. Given the refractive index in air, a shower forming at an altitude
of about 2 km originates a Cherenkov cone which reaches the ground in a ring with a radius of about
120 m. In order to detect this radiation, Imaging Air Cherenkov Telescopes (IACTs) are placed in
arrays with spacings of the order of a hundred meters. The Cherenkov radiation, which is mainly in
the optical range, is focused by the wide mirrors of each IACT into a camera formed by a densely
packed array of photomultiplier tubes.

One of the main challenges of IACTs is the discrimination of signal over the background. IACTs
typically operate in moonless nights, to minimize contamination from optical sources. Furthermore,
the short duration of the Cherenkov signal of a shower (of the order of tens of ns) allows to distinguish
the signal over the Poisson fluctuations in the night sky background. Even so, a fundamental source
of background is constituted by showers originating from ultra-high energy cosmic-rays. Imaging of
the Cherenkov light produced from the shower is the key tool for discriminating gamma-ray from
cosmic-ray induced showers: indeed, in these two cases different lateral distributions are obtained
for the light emitted from the shower.

The state of the art of the IACTs is represented by three main arrays: the High Energy Stereo-
scopic System (HESS) Observatory [70] and the Very Energetic Radiation Imaging Telescope Ar-
ray System (VERITAS) [71] in the Northern hemisphere, and the Major Atmospheric Gamma-ray
Imaging Cherenkov (MAGIC) [72] in the Southern hemisphere. A promising advance in the IACTs
technology is expected with the future Cherenkov Telescope Array (CTA) [73]. While current IACTs
typically host from two to five telescopes, CTA will be composed of two arrays of more than 100
telescopes disposed over two sites, in the Northern and Southern hemisphere. This will allow a sensi-
tivity ten times larger than the present instrumentation, as well as a larger collection area spanning
both hemispheres.

A second class of ground-based detectors is constituted by Extensive Air Shower (EAS) arrays,
namely instruments that detect the charged radiation from EASs reaching the ground. Because of
this requirement, typically EAS arrays are placed at higher altitudes than IACTs and their target
are higher energy gamma-rays and cosmic-rays. The array may be composed either of Resistive
Plate Chambers or of water Cherenkov tanks, which work on the calorimetric principle detecting
the Cherenkov light from charged particles passing through the detector. Because of their working
principle, water Cherenkov detectors have generally a worse angular resolution than IACTs, but
they have a wider field of view, since they do not need to be pointed to a specific source, and
they do not require night-sky observations, therefore having a much higher duty cycle. The last two
properties make water Cherenkov detectors particularly suited for transient high-energy observations.
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Figure 3.2: Differential flux sensitivity of different classes of gamma-ray detectors. Figure taken
from https://www.cta-observatory.org.

Among the present EAS arrays we mention High-Altitude Water Cherenkov Observatory (HAWC),
consisting of 300 water tanks at an altitude of about 4 km. Due to its feasibility for transient source
detection, HAWC has been able to detect 19 previously undetected TeV gamma-ray sources [74]. A
future improvement in EAS arrays is constituted by LHAASO, which will reach an unprecedented
sensitivity in the high-energy region. LHAASO will be constituted by an array of electromagnetic
particle detectors (LHAASO-KM2A), spanning an area of 1.3 km2; a water Cherenkov detector
facility, with a sensitive area of about 42000 m2; a 1 km2 underground water Cherenkov array for
muon detection; an array of 18 air Cherenkov telescopes.

As a comparison of the properties of space-based and ground-based detectors, we show in Fig. 3.2
the 5� differential sensitivity of the main experiments mentioned above. The comparison among
different classes of experiments can only be performed roughly, due to the different criteria for
sensitivity estimation and the different field of view, which, as we remarked above, is much wider
for EAS arrays than for IACTs. However, the improvement in the CTA sensitivity compared to
previous IACTs installments such as MAGIC and VERITAS is clearly seen. At energies larger than
10 TeV, larger sensitivities are reached by EAS experiments such as LHAASO.

3.2 Neutrino detectors

The detection of neutrinos with energy larger than 100 TeV has been a notoriously hard task for
experimental physics, which culminated with IceCube’s discovery of an extraterrestrial flux of neu-
trinos in 2010. In this section, we will briefly discuss the challenges posed by high-energy neutrino
detection, and the strategy to overcome them in the so-called neutrino telescopes. Afterwards, we
will describe the complementary strategy of neutrino radio detection, on which various planned
detectors will be based.

https://www.cta-observatory.org
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3.2.1 Neutrino telescopes
The detection of high-energy neutrinos requires a rather large instrumentation. A simple way to
understand this requirement is to start from the Waxman-Bahcall estimate of the diffuse neutrino
flux presented in Chap. 4. While this was proposed as an upper limit, it is a reasonable estimate of
the neutrino flux which has been effectively observed by IceCube. Thus we use d�

dE⌫
' 2 ⇥ 10�7

E
�2
⌫

GeV cm�2 s�1. We will use a very simplified representation of a neutrino detector as a volume V

of instrumented material with density ⇢ ' 0.9 g cm�3. Taking the charged current cross-section for
neutrino-nucleon interaction of the order of1 � ' 5⇥ 10�39

E⌫ cm2 GeV�1 [61], we find for the order
of magnitude of the event rate at around 100 TeV

dN

dt
= 18 yr�1 V

1 km3 . (3.1)

This is a very simplified and optimistic estimate, which does not account for the absorption of
neutrinos in their propagation through the Earth, as well as the efficiency of detection: for a more
realistic estimate, see, e.g., Ref. [75]. Even in this simplified framework, this estimate shows that a
sizable number of neutrinos detected per year requires a km3-scale detector. The realistic estimate
decreases the expected number of events to about 1.5 per year.

The principle of detection of neutrinos in neutrino telescopes is to look for the products of a
neutrino interaction within or immediately outside of the detector. Neutrinos interact either via
charged-current interactions

⌫↵ + N ! `↵ + X, (3.2)

with N nucleon, X a generic final state, and `↵ the corresponding lepton, or via neutral-current
interactions

⌫↵ + N ! ⌫↵ + X. (3.3)

In both cases, the final state is characterized by the presence of relativistic charged particles, which
can be detected via their Cherenkov emission. Therefore, present neutrino telescopes are generally
based on an array of digital optical modules (DOMs) detecting the Cherenkov emission from particles
in the final state. The timing of the different DOMs in the array, as well as the number of photons
detected by each of them, can be used to reconstruct the initial position of interaction of the neutrino,
its energy, its arrival time, and its direction. Therefore, for a good detection the target medium in
which the secondary particles propagate must be transparent.

The requirement of a large amount of transparent target material for neutrino detection led in
1993 to the construction of the first Antarctic Muon And Neutrino Detector Array (AMANDA) [76].
This was realized by deploying strings of optical sensors within the ice. AMANDA was able in this
way to detect atmospheric neutrinos. The experiments was later incorporated into IceCube [77].

IceCube uses as target material a cube of ice with a volume of 1 km3, endowed with 86 strings
of optical sensors, for a total of 5160 DOMs. Near the center of the detector, a denser subarray
of photomultiplier tubes, named DeepCore [78], allows a larger sensitivity to low-energy neutrinos
(below 100 GeV). Finally, on top of the cube of ice there is a surface detector, named IceTop, aimed
at the detection of cosmic-rays.

A number of other telescopes have been constructed or are under construction to complement Ice-
Cube. At present, ANTARES [79] is located in the Mediterranean sea, in the Northern hemisphere.
Since it is located in the opposite hemisphere than IceCube, it complements the latter in terms of
angular sensitivity. A future experiment also located in the Mediterranean sea is KM3NeT [80],

1At energies higher than about 100 TeV the proportionality to the energy is expected to change, but this estimate
is realistic at 100 TeV.
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which will be composed of the two experiments ARCA and ORCA. ARCA will be a neutrino tele-
scope similar to IceCube, instrumented over a volume slightly larger than 1 km3. On the other hand,
ORCA will be mainly devoted to observations of low-energy neutrinos. A final experiment under
construction is the neutrino telescope under Lake Baikal in Russia [81]. Finally, IceCube itself is
expected to be upgraded to IceCube-Gen2 [82], which will have an instrumented volume of 10 km3,
allowing for an order of magnitude increase in the rate of detected neutrinos.

Topologies of neutrino events

Depending on the properties of the final state of the neutrino-nucleon interaction, two main cate-
gories, or topologies, of neutrino events are distinguished, namely tracks and showers.

When the final state of the interaction contains a muon, namely in the case of charged-current
interactions of muon neutrinos (Eq. 3.2 with ↵ = µ), such a muon produces a track-like signature
while propagating in the detector. For this reason, these events are known as tracks. The cor-
responding electron and tau neutrino charged-current interaction do not produce tracks, because
the electron is subject to large energy losses by bremsstrahlung, and the tau has a much shorter
decay length. Therefore, both electron and tau neutrinos would not produce a track, because the
corresponding lepton would release its energy nearly immediately after the production (however, at
the highest energies the tau neutrino can decay over larger lengths, see below). Track events allow a
neutrino detection that is close to common astronomy. In fact, the array of DOMs can reconstruct
the trajectory of the muon passing through the detector. Due to relativistic beaming, the trajec-
tory of the muon is very close to the one of the incident neutrino. For this reason, the direction
of the neutrino can be reconstructed for track events to within an accuracy of about 1� (for water
Cherenkov detectors, such as ANTARES and KM3NeT, this can be as low as 0.5�; this is due to
the smaller scattering length of ice compared to water, which can partially degrade the resolution in
ice). On the other hand, the energy of the incident neutrino can be reconstructed only with partial
accuracy, since the muon escapes the detector and therefore carries a fraction of the original energy
which is not recovered.

For electron and tau neutrino charged-current interactions, the original neutrino energy is com-
pletely released either in bremsstrahlung radiation in the case of the electron, or in the lepton decay
in the case of the tau. Therefore, the signature in this case is a shower which contains most or all
of the original neutrino energy. This allows for a more accurate energy reconstruction compared
to track events. On the other hand, the length of the shower is typically small compared with
the distances between the DOMs. Therefore, the shower appears nearly as point-like, making the
reconstruction of the original neutrino direction difficult. The typical angular resolution which can
be achieved is of the order of 15�.

While track events are quite unambiguously identified with muon neutrinos, shower events from
charged-current interactions could come both from electron and tau neutrinos, and flavor recon-
struction would require discriminating between the showers from the two flavors. A strategy for
discrimination at energy below 1 PeV has been proposed in Ref. [83], based on the different signa-
ture in the collective light emitted in muon decays and in neutron captures on the hydrogen nuclei.
At higher energies, however, the most promising strategy is based on the observation that the tau
lepton decay length can become larger than the distances between the DOMs, due to relativistic time
dilation. When this happens, the original vertex of neutrino interaction could be resolved from the
point at which the tau lepton decays. Therefore, the event would appear not as a point-like shower,
but rather as a first shower, corresponding to the neutrino vertex interaction; a track, corresponding
to the propagation of the tau lepton; a second shower, corresponding to the decay of the tau lepton.
This additional topology is known as double bang, and has been recently confirmed by IceCube
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observation of two candidate double bang events [84]. This observation provides an unambiguous
confirmation that the astrophysical neutrino flux also contains tau neutrino2.

For neutral-current interactions of any flavor neutrinos, the final state is characterized by a neu-
trino escaping the detector and a hadronic shower, originating from the energy released to the nuclei.
Since the neutrino escapes, this shower allows only partial energy reconstruction. Furthermore, since
the cascade is hadronic, it releases most of its energy in mesons, and a part of it in muons, which
can escape the detector too. Neutral-current showers could also be partially discriminated on the
basis of the technique of Ref. [83].

IceCube observations of astrophysical neutrinos

Arguably the greatest breakthrough in neutrino astronomy was the discovery in 2013 by IceCube
of a diffuse high-energy neutrino flux of astrophysical origin [85]. In order to distinguish these
extraterrestrial neutrinos from the atmospheric neutrinos generated by cosmic-ray interactions in
the atmosphere, IceCube has adopted different strategies, resulting in complementary data samples
published by the collaboration. Here we focus on three of these data samples, namely the High-
Energy Starting Events, the throughgoing muons, and the high-energy cascades.

The High-Energy Starting Events (HESE) are selected as only those events which have their
interaction vertex completely contained within the detector. This is done by defining a veto region
surrounding the volume of the detector, and excluding the events which trigger the DOMs in this
veto region. In this way, downgoing atmospheric muons are rejected, since they would enter the
detector from above and pass through the veto region. The veto procedure also allows to partially
reject downgoing atmospheric neutrinos, which should be accompanied with high probability by a
downgoing muon. With Monte Carlo simulations, the relation between the neutrino energy and
the energy deposited in the detector, as well as the residual rate of background atmospheric events,
has been estimated by the IceCube Collaboration. IceCube has detected a statistically significant
excess over the predicted rate from atmospheric neutrinos, which can therefore be identified with
astrophysical ones.

The most recent update of the HESE data has been released in Refs. [84, 86]. We report in
Fig. 3.3 the energy and zenith angle distribution of the neutrinos observed by IceCube. The his-
togram columns represent the fraction of events corresponding to atmospheric muons, atmospheric
neutrinos, and astrophysical neutrinos. These fractions of events are obtained by fitting the ex-
pected angular and spectral distribution of the three components to the observed data (for the
unknown astrophysical component IceCube studies typically use an isotropic power-law spectrum,
even though they have shown that the results do not change significantly for different choices, e.g.,
broken power law). At energies above 60 TeV (above the cyan region), the data are dominated by
astrophysical neutrinos, and the atmospheric background becomes negligible. The small decline for
negative cos(✓z) is due to Earth absorption, which as expected is completely efficient for the charged
muons, and only marginally affects the lower energy neutrinos. The best-fit astrophysical energy
spectrum obtained is

d�6⌫

dE
=�astro

✓
E⌫

100TeV

◆��astro
· 10�18 GeV�1 cm�2 s�1sr�1

, (3.4)

with best-fit values �astro = 6.37+3.46
�1.62 and �astro = 2.87+0.21

�0.19.

2Among other consequences, this could be regarded as a strong confirmation of the validity of the neutrino oscilla-
tion framework. Indeed, tau neutrinos are not expected to be produced in standard astrophysical processes, and thus
they could be detected at Earth due to oscillations during their propagation. This feature will be discussed also in
Chap. 9.
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Figure 3.3: Energy (left panel) and zenith (right panel) distribution of HESE. The observed number
of events in each bin are reported as black points; the expected number of astrophysical neutrinos
(yellow), atmospheric neutrinos (red), and atmospheric muons (purple), obtained by statistical fit,
are reported as histograms. The cyan region below 60 TeV are not considered for the statistical
analysis of Ref. [86]. Figure taken from Ref. [86].

Figure 3.4: Flavor composition of astrophysical neutrinos inferred from HESE data. Contours
inferred from previous data samples [87,88] are shown as shaded regions. Figure taken from Ref. [84].
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The best-fit flavor composition of the astrophysical flux inferred from the HESE data is shown in
Fig. 3.4 in the flavor triangle. The data are consistent at 68% confidence level with pion-beam (red
point), muon-damped (orange point), and muon-beam (cyan point) flavor composition. Due to the
identification of two candidates for double bang events, a flavor composition with no tau neutrinos
at the Earth is excluded at 95% confidence level. The case with no muon neutrinos at the Earth
is also excluded, since track/shower discrimination allows to definitely test the presence of muon
neutrinos in the flux.

The discrimination between neutrinos and antineutrinos is more difficult to perform, due to
the similar properties of the final states of interaction. One possibility is offered by the resonant
charged-current scattering ⌫̄e + e ! W

�
! X, where the final state X can be either leptonic or

hadronic. The resonance of this interaction is known as Glashow resonance, and for electrons at rest
it arises at an antineutrino energy of 6.3 PeV. Therefore, one expects an increase in the event rate at
around this energy depending on the fraction of electron antineutrinos. The IceCube Collaboration
has recently reported [89] the observation of an event with properties consistent with a Glashow
resonance event. As emphasized in this paper, with more statistic it will be possible to discriminate
among different scenarios based both on flavor composition and on the neutrino/antineutrino ratio.

A second data sample provided by the IceCube Collaboration is that of the throughgoing muons,
which is based on a complementary approach to background rejection. For this sample only upgoing
track events, namely upgoing charged-current muon neutrino events. Due to Earth absorption, there
is little to no contamination due to atmospheric muons. The updated release of this data sample
has been given in preliminary form in Ref. [90]. The throughgoing muons data sample has also been
analyzed to determine the best-fit astrophysical muon neutrino spectrum, leading to the result

d�⌫µ+⌫̄µ
dE

=
�
1.44+0.25

�0.24

�✓ E

100TeV

◆�2.28+0.08
�0.09

· 10�18GeV�1 cm�2 s�1sr�1
. (3.5)

Comparing Eq. 3.4 and Eq. 3.5, we find a near-2-� tension between the spectral indices estimated
by the two data samples. The origin of this discrepancy is at present unknown: possible proposed
explanations involve either a purely statistical fluctuation, or the presence of different components.
Indeed, the throughgoing muons data sample is mainly composed of upgoing neutrinos from the
Northern hemisphere, and therefore is less sensitive to neutrinos from the Galactic centre, whereas
the HESE data sample is mainly sensitive to neutrinos from the Southern hemisphere. Therefore,
a galactic component with a softer spectral index could possibly explain the HESE/throughgoing
muons tension. In Chap. 7 we will explore this possibility in the framework of a model of decaying
dark matter producing neutrinos, leading to an anisotropic production toward the Galactic centre.

The final data sample we discuss in this work is the sample of cascade events released in Ref. [91].
These data are mostly sensitive to electron and tau neutrino fluxes, which produce mainly showers,
and have only a ⇠ 10% fraction of muon neutrinos. Since the sample consists only of cascades,
which have a good energy reconstruction, it is particularly suited for the determination of the
spectral shape of the flux. Indeed, the best-fit spectral index for this data sample has the lowest
uncertainty � = 2.53 ± 0.07 (using the same notations as above), and is somewhat intermediate
between the results of HESE and throughgoing muons.

3.2.2 Neutrino radio arrays

At energies higher than 10 PeV, due to the power-law decrease of the neutrino flux, even a 1 km3

detector would lead to negligibly small event rates over a year timescale. Therefore, different ap-
proaches must be followed for ultra-high energy neutrino detection.
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In order to increase the effective volume of the detectors, an approach that has been pursued is
that of enlarging the interaction volume to the entire atmosphere of the Earth. This is the strategy
followed by the so-called radio arrays. The main principle of detection of these detectors is the
extensive air shower which develops after a neutrino interacts in the atmosphere. An electromagnetic
shower emits radio waves coherently, partially due to the magnetic field of the Earth, which separates
electrons from positrons. A second radio emission is due to the progressive production of an excess
of electrons over positrons in the shower, due both to the Compton production of electrons and to
the annihilation of positrons with the electrons in the medium. This excess negative charge behaves
like a current, producing coherent radio emission. This effect was first predicted by Askaryan in
Refs. [92, 93], and is therefore known as Askaryan effect. The radio emission from the shower can
propagate practically with no attenuation and can therefore be detected even at large distances from
the shower. This makes it possible to detect ultra-high energy neutrinos, cosmic-rays, and gamma-
rays, using as target material large volumes of material, which typically is chosen as ice, air, or water.
Among the planned radio detectors, we mention RNO-G [94], which will consist of 35 stations with
tens of antennas per each, aimed at the detection of in-ice generated showers; IceCube-Gen2 Radio
Array [95,96], which will complete IceCube-Gen2 with an array of station devoted to observations of
ultra-high energy showers, and will improve the RNO-G sensitivity by about an order of magnitude;
GRAND [97], which is a planned array of radio telescopes using as target material large volumes
of atmosphere. While the final stage of GRAND, referred to as GRAND200k, will be composed of
200000 antennas, an intermediate stage of construction known as GRAND10k will be composed by
10000 antennas.

A second principle of detection, on which also GRAND is based, is the detection of Earth-
skimming tau neutrinos [98–112]. When a tau neutrino enters the Earth with ultra-high energy,
it eventually collides with the nuclei in the rocks via charged-current interaction, producing an
outgoing tau lepton. Since at the highest energies the tau lepton has a relatively large lifetime
(the decay length is about ` ' 50 m(E/PeV)) and relatively small energy losses in Earth, it can
escape the Earth and enter the atmosphere from below. Its subsequent decay produces a shower3
which is either hadronic or electromagnetic, depending on the decay channel of the tau lepton. The
electromagnetic light emitted by the particles in the shower allows then to identify the event. This
detection principle is adopted, for example, by GRAND, and it allows to detect neutrinos passing
through the Earth at small angles with the surface. For vertical neutrinos, with large angles to
the surface, absorption typically makes the Earth opaque to the propagation of neutrinos. Searches
for Earth-skimming tau neutrinos have already been performed by the ultra-high energy cosmic-ray
detectors Pierre Auger Observatory (PAO) [110,113] and by MAGIC [114]. The non-observation of
such events has allowed to constrain the magnitude of the diffuse neutrino flux at ultra-high energies.

3This is actually the same mechanism of the double bang topology in neutrino detectors, which is however extended
over length scales comparable with the dimensions of the atmosphere due to the Lorentz boost at the higher energies
involved.



Chapter 4

Gamma-ray and neutrino
astrophysical sources

We described in Chap. 1 the processes leading to cosmic-ray acceleration, as well as neutrino and
gamma-ray production. It remains to be discussed what are the astrophysical environments in which
these processes can happen. This is the subject of the present chapter. Following the literature,
we divide the discussion in two qualitatively different environments for neutrino and gamma-ray
production. In the first one, the so-called cosmic accelerators, pp and p� collisions happen directly
in the same environment in which the cosmic-ray are initially accelerated. In the second one, named
cosmic reservoirs, cosmic-rays are injected in a larger environment, typically with the dimensions of
galaxies or galaxy clusters, and are confined within it by the collisions with interstellar material. For
each class, we review the main astrophysical sources proposed and what we currently know about
their multi-messenger production. Our discussion is mostly focused on those properties of the source
which are relevant for pp and p� collisions, and on how neutrino and gamma-ray observation can
provide information in this respect. Therefore, the discussion is not meant to be a comprehensive
review of the astrophysics of these sources, which is a wide field of study.

4.1 Cosmic accelerators

The sources in which cosmic-rays are accelerated are natural candidates for the production of
hadronic neutrinos and gamma-rays; these secondary particles could escape the source and reach
the Earth, providing unique information on the presence of hadronic cosmic-rays within the source
(the escape of gamma-rays is of course possible only if the source is gamma-ray transparent). By
definition nearby these sources we have a population of high-energy cosmic-rays which may collide
hadronically with targets of low-energy photons or nucleons. In this section we will describe some
of the main candidates for cosmic-ray accelerators, focusing on the expectations for neutrino and
gamma-ray production in these sources. These candidates include first of all supernova remnants,
which are in a sense the paradigmatic model of cosmic-ray accelerators in our galaxy. We will later
discuss other candidate sources for extragalactic cosmic-ray acceleration and subsequent neutrino
and gamma-ray production, including Active Galactic Nuclei (AGN), gamma-ray bursts (GRBs),
and tidal disruption events (TDEs). Before doing that, however, let us briefly discuss on what
properties should a source have in order to be a good candidate for cosmic-ray acceleration.
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Ultra-high energy cosmic-ray acceleration

In Eq. 1.10 we saw that for a given duration of the acceleration process only a maximal energy can be
attained. This condition can be formulated by using the acceleration time introduced in Sec. 1.1.2.
Substituting the Bohm diffusion coefficient, we find

t
�1 =

3⌘V ZeB

10E
, (4.1)

where ⌘ = V/2 is the efficiency of the shock acceleration, defined in such a way that at each collision
with the shock the relative gain in energy is �E

E
= ⌘. For clarity, we will refer only to protons, but

the conditions can be easily translated to heavier nuclei. With this notation the energy gain per
unit time is dE

dt
= ⌘E

Tacc

. The condition in Eq. 1.10 can then be expressed as the requirement that
the total duration t =

R
dt =

R
Emax dE

dE/dt
=
R
Emax

dE
Tacc

⌘E
.

Another condition can be formulated which is valid independently of the duration of the event.
It is necessary that the time needed for the particle to be accelerated to an energy Emax is smaller
than the time it takes to be advected with the downstream velocity V/4 (we remind that in diffusive
shock acceleration particles escape downstream). The former time is

R
Emax

dE
Tacc

⌘E
, while the latter

is 4R/V , where R is the size of the source: in conclusion, neglecting numerical factors, we find the
condition

Emax . ⌘ZeBR. (4.2)

This relation has been derived for the diffusive shock acceleration model, but it has a somewhat
more general validity. For example, in one-shot acceleration models in which particles are acceler-
ated by the electric field induced by Lenz law (as would be the case in a unipolar inductor), the
induced electric field is of order E ⇠ V B ⇠ ⌘B, and therefore the total work that can be done
over a distance R is exactly ⌘ZeBR. Of course this is not coincidential, since from the dimensional
parameters characterizing any mechanism of acceleration which involves magnetic fields there is no
other combination that can be constructed having the dimension of energy.

The most conservative condition that can be formulated on any candidate source of cosmic-rays is
that the charged particles are confined within the source of dimension R by the magnetic field. This
leads to the estimate Emax . ZeBR. This condition is weaker than Eq. 4.2, since it is independent
of any specific acceleration mechanism, and is known as the Hillas criterion [115] (in fact in Ref. [115]
also Eq. 4.2 was derived).

High-energy sources are often characterized by rapidly expanding jets, in which this condition
holds only in the frame comoving with the jet. If � is the Doppler factor of the jet1, and we identify
as primed the quantities in the frame comoving with the jet, it follows that [115]

E . �⌘ZeB
0
R

0
. (4.3)

The Hillas condition leads to a classification of the candidate source for acceleration of the ultra-
high energy cosmic-rays in the R � B plane. An example Hillas plot is shown in Fig. 4.1.

The Hillas condition suggests that larger magnetic fields allow for larger maximal proton energies.
This situation cannot be verified for arbitrarily large magnetic fields, since magnetic fields induce

1� is defined in such a way that the energies in the laboratory and in the comoving frame are connected by
E = �E0. This factor generally depends upon the viewing angle in the laboratory frame: Lorentz transformations
easily give � = 1

�(1�V cos ✓) , where V is the velocity of the jet and � = 1p
1�V 2

. Since the opening angle ✓, due to

relativistic beaming, is typically of order ✓ ⇠ �
�1 for very large V , it follows that � ' �.
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Figure 4.1: Updated version of Hillas plot. Above the blue line the maximal proton energy is larger
than 1021 eV; above the red line the maximal energy for iron nuclei is larger than 1020 eV. The
regions indicate the uncertainties connected with each source, including neutron stars, white dwarfs,
AGN, GRBs, AGN jets, supernova remnants (SNR), hot spots, and intergalactic medium (IGM)
shocks. Figure taken from Ref. [116].

synchrotron losses for charged particles. The timescale associated with synchrotron energy losses
can be written as

Tsynch =
9m

4

4e4B2E0 . (4.4)

If this timescale is much smaller than the acceleration timescale, protons lose energy more efficiently
than they gain it. This imposes the condition

E . �

r
9⌘m4

4Z3e3B0 . (4.5)

The maximal proton energy will be determined by the stronger among Eq. 4.3 and 4.5.

Neutrino fluxes from cosmic accelerators

Before discussing each class of cosmic accelerators separately, we provide a general discussion on the
expected neutrino fluxes. The main process that is expected to produce neutrinos and gamma-rays
in accelerators is p� interactions (although there are exceptions, including models of pp production
in AGN [117, 118]). The target photons are often of non-thermal nature, because in most cases
they are the result of leptonic emission from the electron component of cosmic-rays. Furthermore,
they are often located in the environment of jets, such as in the case of AGN and GRBs. In p�

interactions, the interaction rate of protons with energy Ep is proportional to the amount of target
photons which can interact with them. In fact the optical depth for a proton with energy Ep is

⌧p� =

Z
d"��p�(Ep, "�)n�("�). (4.6)
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In the �-resonance approximation, as we have seen in Chap. 1, protons interact mostly with photons
of energy "� [keV]⇠ 70 TeV

Ep
, which leads to the expression

⌧p� ' �� ["�n�("�)]"� [keV]= 70 TeV

Ep

, (4.7)

where �� is a suitable energy average of the �-resonance cross section. Thus we see that the optical
depth for photo-meson production in general depends on the proton energy. If the target photon
spectrum is a power law n("�) / "

�↵
�

, then the rate of interaction of protons with soft photons is
proportional to E

↵�1
p

. Since the spectrum of produced neutrinos and gamma-rays is proportional
both to the original proton spectrum and to the interaction rate, if protons are accelerated with a
power-law spectrum E

��
p

, it follows that the spectrum of produced neutrinos and gamma-rays is
proportional to E

��+↵�1
⌫

. Since ↵ is typically larger than 1, the neutrino and gamma-ray spectrum
in p� sources is generally harder than their parent proton spectrum2. This analytical argument will
be described in more detail in Chap. 6 and in App. D.

This discussion was only referred to the spectral shape of the neutrino and gamma-ray flux. Let
us now discuss the question of the normalization of the expected diffuse extragalactic flux. There
is a well-known upper bound in the literature on the maximum flux that can be observed at Earth
from cosmic accelerators, known as the Waxman-Bahcall bound [119,120], which we will now derive.

Since neutrinos are expected to be produced by ultra-high energy cosmic-rays, let us first of all
determine the production rate of these particles. Following Ref. [119], we assume that cosmic-rays
are produced by a collection of extragalactic sources with a spectrum E

�2
CR

, such that the production
rate per unit volume in the local universe is

E
2
CR

dNCR

dtdV dECR

(z = 0) ⇠ 1044 erg Mpc�3 yr�1
, (4.8)

which is obtained from ultra-high energy cosmic-ray observations. Cosmic-rays lose a fraction ✏ of
their energy in photo-meson production inside their sources: here we are assuming that the sources
are optically thin to cosmic-rays, so that they can freely escape from them apart from this small
energy loss. This means that the derivation does not apply to sources such as the cosmic reservoirs
which we will discuss in the next section, in which cosmic-rays are trapped inside the source by
hadronic collisions 3. The energy generation rate of charged pions is therefore

E
2
⇡

dN⇡

dtdV dE⇡
(z) '

K⇡✏

1 + K⇡

E
2
CR

dNCR

dtdV dECR

(z), (4.9)

where K⇡ is the ratio of charged to neutral pions defined in Chap. 1. Since pions carry on average
a fixed fraction of the proton energy, their spectrum is still a power law with spectral index 2. The
factor K⇡

1+K⇡
is therefore the fraction of energy carried by charged pions. The energy generated in

pions is of course not directly observable, because pions decay in neutrinos and gamma-rays. We
can use the relations derived in Sec. 1.3 to relate the neutrino energy generation rate to the pion

2This estimate only describe the neutrino spectrum in the approximation that the neutrino energy is a fixed fraction
of the proton energy. In reality neutrinos are produced with an approximately flat distribution in energy from the
pion decay. Therefore, if the effective neutrino spectral index �� +↵� 1 > 0, our estimate predicts a spectrum which
is too hard; in this case the spectrum becomes flat in energy, or, equivalently, E2

⌫Q⌫ / E
2
⌫ , where Q⌫ is the production

rate of neutrinos.
3However, confinement by diffusion on magnetic perturbations is not sufficient to evade the Waxman-Bahcall

bound, as observed by the authors in Ref. [120]. The reason is that in p� collisions also neutrons are produced
which can escape the source without feeling the effect of magnetic fields and decay into protons, contributing to the
cosmic-ray flux. On the other hand, pp interactions can confine cosmic-rays without producing neutrons.
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one. In particular, since 3 neutrinos are produced in each pion decay, each of which carries 1/4 of
the parent pion energy on average, we have

E
2
⌫

dN⌫

dtdV dE⌫
(z) '

3K⇡✏

4(1 + K⇡)
E

2
CR

dNCR

dtdV dECR

(z), (4.10)

where we are referring to the all-flavor neutrino energy generation rate. For p� interaction, we have
seen in Sec. 1.3 that K⇡ = 1. Finally, the diffuse all-flavor neutrino flux can be written as

E
2
⌫

d�

dE⌫d⌦
=

Z +1

0

dz

4⇡H(z)

3✏

8(1 + z)2
E

2
CR

dNCR

dtdV dECR

(z). (4.11)

The factor (1 + z)2 in the denominator comes from the redshifting of E
2
⌫
. In terms of the Hubble

timescale tH =
R

dz

(1+z)H(z) and the energy generation rate of cosmic-rays at z = 0, this flux can be
expressed as

E
2
⌫

d�

dE⌫d⌦
=

3✏

8

1

4⇡
tH⇠zE

2
CR

dNCR

dtdV dECR

(0), (4.12)

where

⇠z =

R +1
0

dz

(1+z)2H(z)E
2
CR

dNCR

dtdV dECR

(z)

tHE
2
CR

dNCR

dtdV dECR

(0)
. (4.13)

Finally we obtain for the all-flavor diffuse neutrino flux

E
2
⌫

d�

dE⌫d⌦
' 2 ⇥ 10�8

⇠z GeV cm�2 s�1 sr�1
. (4.14)

The factor ⇠z is of order unity: to estimate it, we can follow different benchmark choices for the
redshift evolution of the sources. If we assume no redshift evolution ⇠z ' 0.6; if we assume evolution
with a distribution approximately following the star formation rate

fSFR(z) =

8
><

>:

(1 + z)3, z < 1.9,

(1 + 1.9)3, 1.9 < z < 2.7,

(1 + 1.9)3e��(z�2.7)
, z > 2.7,

(4.15)

we find that ⇠z varies from 3.1 to 2.7 as � varies from 0 to 3.
The flux in Eq. 4.14 has indeed the order of magnitude of the diffuse neutrino flux measured by

IceCube. This estimate also suggests that the neutrino flux should be comparable with the observed
cosmic-ray flux.

The Waxman-Bahcall bound is an interesting application of the multi-messenger connection
between high-energy neutrinos and cosmic-rays. One might wonder whether the connection between
neutrinos and gamma-rays could also be used to estimate the expected neutrino fluxes from the
observed gamma-rays. However, this turns out to be more difficult. While cosmic accelerators are
by definition thin to cosmic-rays, they are not so for gamma-rays: on the contrary, the presence of
a target of soft photons, necessary for the p� production of neutrinos, acts as an absorption target
for gamma-rays. In other words, the more efficient the p� production is in the source, the more we
expect gamma-rays to be suppressed due to �� absorption inside the source. The optical depth for
�� absorption ⌧�� can be related to the depth4 for p� collision fp� : they differ only in the cross

4If fp� is defined as the distance determining the energy loss by photohadronic interaction, then for fp� small
it corresponds to the ✏ fraction defined in the proof of the Waxman-Bahcall bound. In the general case they are
proportional.
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section for the two processes. In Ref. [121] this relation is estimated as

⌧��("c) ' 1000fp�(Ep), (4.16)

where "c = 2m2
eEp

mp"�
and "� = 0.3 GeV. Thus there is a considerable uncertainty on whether p�

sources such as cosmic accelerators could act as gamma-ray sources as well, and a definite connection
between the neutrino and gamma-ray fluxes is necessarily model-dependent (we refer the reader to
the literature, e.g. Ref. [121], for a more detailed discussion on this point).

4.1.1 Supernova remnants
One of the classical candidates for cosmic-ray acceleration is the supernova explosion. Core-collapse
supernovae typically accompany the end of very massive stars, with masses larger than about 8 solar
masses. For these stars, the production of heavy nuclei via nuclear fusion ends up in the formation of
an iron core. At this point, the pressure support that maintained the dynamical equilibrium of the
star rapidly drops for various reasons. First of all, at such high temperatures photons can break up
the iron nuclei, effectively undoing the fusion process the star has undergone so far. The process is
endothermic, and thus lowers the temperature and the pressure in the core of the star. Furthermore,
the protons and electrons at these large temperatures can produce neutrons via inverse beta decay.
This process produces neutrinos which escape the star cooling it, and furthermore it depletes the
population of electrons, which do not support anymore the star with their degeneracy pressure.
With the lack of pressure support the star collapses until the density reaches the order of magnitude
of the nuclear saturation density. At this point the short-ranged nuclear forces rapidly stop the
collapse, sending an outgoing shock wave. Numerical simulations show that at this point this shock
wave stalls, because most of its energy is lost in dissociating the iron nuclei around the core. At the
same time, the proto-neutron star that is formed at the center radiates about 10% of its mass in the
form of neutrinos emitted in the conversion of protons into neutrons. By a mechanism which is not
completely clear yet, the release of energy by neutrinos triggers an explosion of the original stellar
mantle. This leads to the supernova explosion, which leaves a neutron star as a remnant. In the
explosion, about 1053 erg are liberated in the form of the neutrinos, and about 1051 erg are liberated
in the explosion of the stellar mantle.

Since supernovae are such high-energy processes, they have long been associated with cosmic-ray
acceleration. The original argument for this, proposed by Ginzburg and Syrovatskii [122], was based
on the energetics of the process. Indeed, assuming a supernova explosion every 30 years in the galaxy,
a cumulative luminosity of 1042 erg/s is achieved. On the other hand, the mean energy density of
observed cosmic-rays is of the order of 0.5 eV/cm3 [8]. Since these cosmic-rays have been confined in
the galaxy for a time of 107 years, and the galaxy has a volume of the order of 45 kpc3, one can infer a
luminosity in cosmic-rays of the order of 1040 erg/s. This suggested that if supernovae could transfer
even only a few percent of their energy to cosmic-rays via some acceleration mechanisms, it would
be enough to account for their observed energetics. The possibility of diffusive shock acceleration
further supported this argument, since in supernova remnant a strong shock is formed which might
accelerate the surrounding cosmic-rays. We now discuss the evolution of the shock wave in the
supernova remnant, and the conditions under which it can accelerate cosmic-rays.

Immediately after the supernova, independently of the precise mechanism of formation, a shock
wave is sent in the gas surrounding the star. The process can be idealized as an instantaneous release
of energy E in a point-like way. The development of the shock wave proceeds in three distinct phases
(see, e.g., Ref. [8]):

• initially the mass of gas ejected by the explosion is much larger than the mass of the gas
swept up by the shock wave. In this case the expansion proceeds as if it were in the vacuum,
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and therefore this phase is generally known as free expansion. The constancy of the energy
requires a constant velocity of expansion V =

p
2E/Mej, where Mej is the mass of the ejected

gas (we are assuming non-relativistic motion). For typical values one can assume E ⇠ 1051

erg and Mej of the order of a few solar masses, leading to typical velocities at this stage of the
order of 104 km/s. The formation of a shock wave is confirmed by the observation that this
velocity is much larger than the speed of sound in the rarefied interstellar medium, which is
about 10 km/s. Free expansion ends when the mass of the surrounding medium that has been
swept up by the shock becomes non-negligible, namely when ⇢

4
3⇡V

3
t
3

⇠ Mej. Here ⇢ is the
density of the interstellar medium surrounding the shock: assuming that there is on average
one hydrogen atom per cubic centimeter, the time at which this condition is verified is of the
order of hundreds of years;

• after the free expansion ends, the shock wave propagates in a medium with non-negligible
inertia. In this case the wave is slowed down because its initial energy E has to be shared with
the ever-increasing mass of gas that it sweeps up. The self-similar solution to the equation
of hydrodynamics has been obtained by Sedov and Taylor (see, e.g., Ref. [7]), and describes
the motion of the fluid both inside and outside the shock. Nevertheless, the main qualitative
features can be grasped by simple arguments. Since the mass of gas swept up by the gas is
M(t) ⇠ ⇢

4
3⇡R

3(t), the constancy of the energy requires ⇢Ṙ
2

2
4
3⇡R

3(t) ⇠ E. From this equation
we see that R(t) / t

2/5, and thus the velocity V (t) = Ṙ(t) / t
�3/5. In this argument we are

assuming a negligible heating or cooling of the gas behind the shock wave;

• during the Sedov-Taylor expansion the temperature of the gas behind the shock progressively
lowers. When the temperature goes below 106 K, the initial energy, which up until now was
completely contained in the shock, starts to be radiated away as photons, and the Sedov-Taylor
solution, based on the conservation of energy, is not valid anymore. This happens typically
for an age of the remnant of about 10000 years. In this case the driving force guiding the
expansion is initially the gas pressure; afterwards, when radiative losses become too severe,
the remnant enters the so called snowplow phase in which only the total momentum of the
gas is conserved, leading to the conservation equation ⇢

4
3⇡R

3(t)Ṙ(t) = const.. This equation
admits the similarity solution R(t) / t

1/4.

The most interesting phase from the viewpoint of cosmic-ray acceleration is the Sedov-Taylor
phase. From Chap. 1 we know that the maximum energy that can be reached at a given time in the
shock evolution is Emax = 3

20ZeBV (t)R(t), where R(t) is the shock radius. Since in the Sedov-Taylor
phase R(t) / t

2/5, it follows that Emax / t
�1/5, and thus the particles with highest energies are

produced at the beginning of the Sedov-Taylor phase, after hundreds to thousands of years after the
supernova explosion. Using as order of magnitude B ⇠ 1 µG, R ⇠ 1 pc, t ⇠ 103 yr, we find Emax ⇠ 10
TeV as the highest energy to which cosmic-rays can be accelerated at the beginning of the Sedov-
Taylor phase. Therefore, it is not clear whether supernova remnants can accelerate cosmic-rays up to
the highest observed energies of 10 to 100 PeV (see, e.g., Ref. [123]). Larger values for the magnetic
field may lead to higher values for the maximal proton energies [124–126]: these high magnetic
fields may indeed be typical for starburst galaxies [127]. A considerable impact on the cosmic-ray
spectrum comes also from the escape of protons and nuclei from the supernova remnant [128–131],
which happens around 1000 years after the remnant formation. An experimental confirmation that
supernova remnants in our galaxy can efficiently accelerate cosmic-rays up to energies of PeV is still
lacking. Very recently, observation of galactic sources producing gamma-rays at 100 TeV have been
reported [132]. If these gamma-rays are of hadronic origin, this observation is consistent with a
cosmic-ray population accelerated up to energies of PeV.
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Assuming that the observed gamma-rays from supernova remnants are indeed of hadronic origin,
emission of high energy neutrinos by the same process can also be expected. Indeed, this production
has been studied in Refs. [133–137].

Supernova remnants discussed in this section are well-known candidates for the acceleration of
galactic cosmic-rays. On the other hand, they are more difficult to relate to extragalactic emission.
The reason is that by definition these remnants are embedded in a dense column of interstellar
medium. This gas can act as a target for pp interaction and partially or totally confine the cosmic-
rays in the environment surrounding the remnant. This is indeed the scenario proposed for cosmic
reservoirs such as starburst galaxies, which we will discuss in more detail in Sec. 4.2 and in Chap. 5.

4.1.2 Active galactic nuclei
Active galactic nuclei (AGN) constitute a small fraction of the galaxies with a compact central
region, smaller than 1 pc3, having a luminosity which can be even 104 times the luminosity of a
normal galaxy. In fact, it can range between typical values of 1042 erg/s and 1048 erg/s. The origin
of this energetic emission is believed to be a supermassive black hole at the center of the galaxy.
Such supermassive black hole accretes matter from the surrounding in the form of an accretion disk.
The precise mechanism by which the gravitational energy of the matter infalling on the black hole
is converted into the observed luminosity is not completely clear: the most likely explanation is the
mechanism proposed by Blandford and Znajek [138], who solved the general relativistic equations
around a spinning black hole surrounded by a magnetized plasma. Indeed the solution leads to the
formation of a jet along the direction of the black hole spin. Heuristically this can be understood
by an analogy between the spinning black hole and a rotating conductor: if a conductor rotates in
an external magnetic field, an effective potential difference is established by virtue of the Lorentz
force. This potential difference can be seen as the origin of the jet production [139, 140]. This
scenario is generally known as the membrane paradigm, and it offers a heuristic way of understanding
the solution. It is not a rigorous description of the process, as it has been shown that in this
way the electromotive force would be generated in a region that is causally disconnected from the
outside [141, 142]; nevertheless, the Blandford-Znajek solution remains correct, and in Ref. [143] it
has been shown that the origin of the electromotive force is rather to be found in the change in the
electromagnetic field equations due to the gravitational field of the spinning black hole. We do not
enter the details of this mechanism, and only assume that the accretion by supermassive black hole
can be accompanied by the emission of an energetic jet. The size of this jet can reach in some cases
up to hundreds of kpc.

Since the energy is mainly emitted in a jet, the observable properties of AGN are strongly
determined by the angle under which we observe them. The classification of AGN makes use of
various observable properties. A first criterion is whether a powerful radio jet is observed, which
might be triggered by the mechanism described above. Therefore AGN are classified in radio-loud
or radio-quiet according to their radio-loudness, namely R = log

⇣
f1 GHz

fB

⌘
, where f1 GHz is the flux

at 1 GHz and fB is the flux in the optical B band. If R > 1 the AGN is classified as radio-loud. A
complementary criterion of classification relies on the optical, rather than radio, band, depending on
whether the AGN presents broad emission lines and bright continuum (type I) or narrow emission
lines and weak continuum (type II). The distinction between the two is probably related to the
viewing angle. In the current paradigm, in fact, the AGN consists of a central supermassive black
hole emitting jets, surrounded by an accretion disk and a so-called broad-line region (BLR). In this
region small clouds of gas emit Doppler-broadened emission lines. The entire structure is surrounded
by a dusty toroidal structure. Therefore the distinction between type I and type II is probably due
to the viewing angle: if the object is viewed in the transverse direction the broad emission lines and
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the strong continuum are absorbed by the dusty torus, whereas at smaller viewing angles from the
jet they are visible.

A further classification of AGN is based on their radio morphology. In particular, the so-called
radio galaxies exhibit two radio-emitting lobes at the ends of the jet, whose distance from the core
can vary from 10 kpc to 1 Mpc. Based on the distance between the lobes relative to the overall
size of the object, these sources are classified into Fanaroff-Riley type I (FR-I), with jets extending
not far from the host galaxy, and Fanaroff-Riley type II (FR-II), with high-luminosity narrow jets
extending far beyond the host galaxy. The lobes of radio galaxies have been proposed as candidate
environments for the production of high-energy gamma-rays and neutrinos. The case for radio
galaxies as significant sources of IceCube neutrinos has recently drawn attention [144–148], due to
the fact that these sources are individually less luminous than other candidates such as GRBs and
blazars (see below).

AGN are characterized by an electromagnetic production spanning the whole of the spectrum
from radio waves to gamma-rays. The continuum spectrum has a characteristic two-hump shape.
The low frequency hump, which can peak from below 1014 Hz to above 1015 Hz, is generally attributed
to synchrotron radiation from accelerated electrons. The nature of the higher hump is still not
completely understood: in leptonic models this is believed to be produced by Inverse Compton
radiation from electrons off target photons, which can either be external to the source or be the
synchrotron photons themselves. In hadronic models, the second hump can be explained either
by synchrotron emission from the high-energy protons, or from hadronic collisions with either low
energy target photons or with target nuclei.

A special class of AGN which are most relevant for neutrino and gamma-ray production are those
AGN with jets pointing towards the Earth, which are known as blazars. For a given Lorentz factor
of expansion �, the jet emission is mostly concentrated at viewing angles of order 1/�. It is clear
that, if the orientation of AGN jets is random, only a small fraction of all the AGN in the Universe
point to the Earth within such a small angle. Nonetheless, blazars are so luminous that about 80%
of the extragalactic background light detected by Fermi-LAT can be estimated to be produced in
blazars (see, e.g., Refs. [149,150]).

Since blazars point to the Earth with a very small angle to their jet axis, they are strongly
influenced by relativistic effects. In fact, if � is the bulk Lorentz factor of the jet, the energy of
emitted particles will be blueshifted in the Earth rest frame by a Doppler factor � = 1

�(1�V cos ✓) ,
where ✓ is the viewing angle (at high redshift the energy also suffers a cosmological redshift by
a factor 1 + z). For blazars, due to relativistic beaming, ✓ ⇠

1
�

and, correspondingly, � ⇠ �.
Furthermore, if the luminosity of the source in the frame comoving with the jet is L

0, the luminosity
measured in the rest frame of the central black hole is Lphys = �

2
L
0. On the other hand the intensity

measured in the Earth rest frame is further modified by relativistic beaming and redshift. The solid
angle in which the emission is concentrated is reduced by a factor �2, and therefore the luminosity
estimated by flux measurement at the Earth is L = Lphys

�
2

1+z
. The bulk Lorentz factor of AGN jets

is typically of order 10. Blazars are further classified according to the presence of broad emission
lines in Flat-Spectrum Radio Quasars (FSRQs) or absence of these in BL Lacs. Typically BL Lacs
have lower luminosities, around 1044 � 1045 erg/s, compared to FSRQs, for which they are around
1046 � 1047 erg/s.

While gamma-ray production is well assessed in AGN, neutrino production is much more un-
certain [151–157]. As we have discussed at various places in this work, neutrino production is a
definite signature of the presence of high-energy protons and nuclei. Therefore, neutrinos might
be a definite factor distinguishing between the leptonic and hadronic models discussed above. The
presence of cosmic-rays in the source can be quantified by the so-called baryonic loading, namely
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the ratio between the cosmic-ray and electron luminosity

⇠CR =
LCR

Le

'
LCR

L�
, (4.17)

where LCR, Le, and L� are the cosmic-ray, electron, and gamma-ray luminosity respectively. The
equality holds when equipartition between electrons and gamma-rays is attained. Therefore the
baryonic loading gives a measurement of the role of hadronic production compared to leptonic one.

The lack of spatial correlations between the observed IceCube neutrinos and the the 2LAC
catalog of blazars detected by Fermi-LAT has allowed to constrain the contribution of blazars to the
diffuse neutrino flux to be less than 27% (50%) for a spectral index of -2.5 (-2) [158] (see also [159]).
Multimessenger observations of neutrino in spatial and temporal coincides with AGN flares are rare,
also because of the rapid variability of AGN.

An important advance in the discrimination between leptonic and hadronic production in blazars
has been the 2017 observation of a neutrino with a reconstructed energy of 290 TeV and with
an estimated direction consistent with that of blazar TXS 0506+056. The subsequent follow-up
measurements by radio, optical, and gamma-ray telescopes showed that the blazar was undergoing a
flare at that time. Furthermore, archival measurements of IceCube showed that in 2014-15 there had
been an excess of 13 neutrino events from the same region of the sky over 6 months of measurements.
However, this excess was not accompanied by any gamma-ray observable flare. Both the 2017 and the
2014-15 flare are challenging to explain: the observation of a neutrino in 2017 suggests a hadronic
production within the source. However, the p� mechanism would also lead to the production of
gamma-rays. Due to �� opacity, these gamma-rays would be reprocessed into X-rays and would
exceed the observed flux at these energies. Hybrid pictures, in which the emission is dominated by
a leptonic component with a subdominant hadronic component responsible for neutrino production,
seem to be the only ones consistent with the data for the 2017 flare [160, 161]. The 2014-15 flare
also presents a problem in that no gamma-ray excess was found, which implies that the source
was gamma-ray opaque at that time. Even with this assumption, the gamma-rays produced by
p� interactions would be reprocessed at lower energies, so one must ensure that the gamma-ray
measurements by Fermi-LAT are not exceeded (see, e.g., [38]).

4.1.3 Gamma-ray bursts
Gamma-ray bursts (GRBs) are very energetic explosions which have long been proposed as candi-
dates for the acceleration of ultra-high energy cosmic-rays. These explosions are connected with the
formation of jets with bulk Lorentz factors which can be as high as � ⇠ 102 � 103 and observed
luminosity of the order of 1051 erg/s. These events can last from ms to tens of minutes, and the
distribution in the duration of the events shows two distinct classes of events, which are distinguished
according to whether they last more (long GRBs) or less (short GRBs) than 2 s. The physical origin
of these two classes of events is believed to be different: long GRBs are associated with the core
collapse of a massive star, whereas short GRBs are associated with a merger of two neutron stars.
This last association has been strengthened by the 2017 observation of the gravitational wave event
GW170817 from a neutron star merger, shortly followed by the GRB 170817A. The luminosities of
the two classes of events are comparable: because of the longer duration, this means that long GRBs
have a larger emission of energy. Both long and short GRBs are associated with the launching of a
relativistic jet of material with Lorentz factors of the order of 100 � 1000.

The photon emission by GRBs is characterized by a prompt emission of gamma-rays, whose
duration is identified as the duration of the GRB, followed by an afterglow emission spanning the
radio band to the X-ray band, which can last from days to months. Both the prompt and the
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afterglow radiation are non-thermal, and they are generally associated with synchrotron and Inverse
Compton radiation [162,163].

The extreme nature of GRB events led to the suggestion that they may be efficient accelerators
of cosmic-rays [164, 165]. This was motivated both by the large ejected energies, which can reach
1053 erg, and by the shocks expected in the jet formation, similar to what happens in AGN. Since
relativistic magnetized shock acceleration may be inefficient, an alternative possibility for particle
acceleration may be constituted by magnetic reconnection. Independently of the cause, the presence
of accelerated non-thermal electrons in the source provides the classic explanation for the gamma-
rays, which are believed to be emitted by synchrotron radiation and Inverse Compton off accelerated
electrons. In the most common scenario, the prompt phase is associated with acceleration at internal
shocks, whereas the afterglow phase is associated with acceleration at external shocks, formed by
the slowing down of the ejected relativistic flow in the external material.

The simultaneous presence of high-energy cosmic-rays and photons in GRBs led to the suggestion
that neutrinos could be produced as well [166,167]. Since the observed photon spectrum in GRBs is
well-described by a broken power law in energy, the neutrino spectrum is expected to be described
by a broken power law. At energies of about 10 PeV neutrino production starts being damped by
the large synchrotron losses of primaries. Therefore, the neutrino spectrum in most models peaks
at energies of about 0.1-1 PeV [167]. While these estimates derive from the simple approach to
p� processes which includes only the � resonance contribution, the results have been verified also
accounting for multipion and higher resonances contributions [168–170].

However, neutrino production in GRBs is challenged by the non-observation of any IceCube
neutrino in spatial coincidence with the known GRBs [171]. Stacking analyses have constrained the
GRB contribution to the diffuse neutrino flux to be less than ⇠ 1% [172,173]. This conclusion is based
on internal shock models of neutrino production. It is still possible that different models of GRB
emission may relieve this constraint, as mentioned in Ref. [174]. Furthermore, even accounting for
these constraints it is still possible that GRBs account for acceleration of ultra-high energy cosmic-
rays [175–177]. Finally, the constraints from stacking analyses may be relieved for low-luminosity
GRBs which are missing in the catalogs used for stacking analyses [178–185].

4.1.4 Tidal disruption events
Tidal disruption events (TDEs) originate from the tidal disruption of a star approaching a black
hole. In this event, a fraction of the mass of the star is ejected, whereas the remaining part forms
an accretion disk around the black hole. This may cause the formation of a jet, as was the case for
the observed event SwiftJ1644+57 [186], in which non-thermal X-rays were observed over a duration
of 106 s, with a total emitted energy estimated around 1051 � 1052 erg. The formation of the jet
from the accretion disk is probably connected with the same Blandford-Znajek mechanism that was
referred to in relation to the jet formation in AGN.

The cosmic-ray and neutrino production in TDEs has been discussed in the literature [187–194].
In the case of jetted TDEs, due to the presence of shock waves in the jet, it is relatively easy
to accommodate a mechanism for accelerating cosmic-rays within the shocks. The production of
neutrinos therefore requires only the presence of target photons, which may be radiated from the
accretion disk of the material around the black hole, such as in Ref. [195]. The acceleration of cosmic-
rays in non-jetted TDEs is less straightforward, but it is still possible if shock waves are present in
the material surrounding the TDE. Stacking searches have shown that the TDE contribution to the
diffuse neutrino flux observed by IceCube is limited to be at most 1% (26%) for jetted (non-jetted)
TDEs [190,191,196]. A breakthrough in these studies has been the observation in 2019 of a neutrino
event IC191001A in spatial coincidence with TDE AT2019dsg at a level of 3�. The neutrino detection
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happened about 150 days after the luminosity peak of the TDE. Such a late observation is difficult
to explain in a concordance model: possible explanations have been discussed in Refs. [195,197].

4.2 Cosmic reservoirs
Another possibility for neutrino production in astrophysical sites is the presence of cosmic accel-
erators embedded in environments which confine cosmic-rays for a sufficiently long time. During
such a time, the hadronic component of cosmic-rays can collide with the interstellar (and possi-
bly intergalactic) medium via pp interactions, leading to the production of neutrinos and hadronic
gamma-rays. This scenario is generally dubbed a cosmic reservoir, due to the containment of the
cosmic-rays responsible for neutrino production. Typical examples of cosmic reservoirs, which will
be discussed in more detail below, are star-forming and starburst galaxies, and galaxy clusters. AGN
have also been proposed as possible cosmic reservoirs.

Since in cosmic reservoirs cosmic-rays are confined within the galactic environment, the Waxman-
Bahcall bound, based on the assumption that cosmic-rays escape the sources leaving only a small
fraction of their energy in neutrino and gamma-ray production, cannot be applied here. The connec-
tion between cosmic-rays and neutrinos is therefore broken by the absence of cosmic-ray escape. On
the other hand, while in cosmic accelerators a photon target was necessary to ensure p� interactions
producing neutrinos, in cosmic reservoirs the photon target may be absent. If this happens, high-
energy hadronic gamma-rays may escape the source without significant absorption: for this reason,
cosmic reservoirs are much more likely to be gamma-ray transparent than cosmic accelerators. If
pp sources are indeed gamma-ray transparent, then their contribution to the diffuse neutrino flux is
constrained by the requirement that they should not exceed the EGB observed by Fermi-LAT. This
condition translates into an upper bound on the spectral index � of the neutrino and gamma-ray
flux [124]: in fact, if the spectrum were too soft, the diffuse all-flavor neutrino flux at 300 TeV
(E2

⌫
�⌫)300 TeV = 10�8 GeV cm�2 s�1 sr�1 would imply a gamma-ray flux at 100 GeV, using the

multi-messenger connection in Eq. 1.27

(E2
�
��)100 GeV = 2⇥10�8

✓
100 GeV
600 TeV

◆2��
GeV cm�2 s�1 sr�1 = 2⇥10�8 6000��2GeV cm�2 s�1 sr�1

.

(4.18)
Since the observed EGB flux attributed to unresolved sources is about 10�7 GeV cm�2 s�1 sr�1,
the spectral index should be � . 2.1 � 2.2. This conclusion is based purely on the assumption that
gamma-ray transparent cosmic reservoirs explain the IceCube diffuse neutrino flux via pp interac-
tions. Furthermore, this argument is conservative, since most of the unresolved EGB is expected to
be dominated by unresolved blazars rather than pp sources. Even tighter constraints are obtained
assuming that cosmic reservoirs are responsible for the diffuse neutrino flux at 100 TeV, where the
flux is larger. Ref. [121] shows that in this case the gamma-ray flux from intergalactic cascades would
overshoot the unresolved EGB if � & 2. Therefore the possible contribution of cosmic reservoirs to
the diffuse neutrino flux is strongly constrained by the multi-messenger connection with gamma-rays,
which is a fundamental ingredient to account for. In Chap. 5 we will indeed report the results of a
multi-messenger analysis of the neutrino and gamma-ray production in starburst galaxies.

4.2.1 Starburst galaxies
Starburst galaxies (SBGs) are galaxies with an unusually high rate of star formation, which can
reach values of 100 M� yr�1 (for comparison the average value in the Milky Way is around 3 M�
yr�1). Star-forming processes happen mostly in the nuclei of the galaxies, with typical dimensions



4.2. COSMIC RESERVOIRS 65

of hundreds of parsec. The presence of enhanced star forming processes is generally connected
with a large amount of ISM, with average number densities of 100 cm�3. Due to these properties,
SBGs exhibit enhanced far infrared luminosities, with energy densities U ⇠ 103 eV cm�3, and
higher supernova rates, of the order of 0.1 � 1 yr�1, compared to normal galaxies. Simulations have
also shown that SBGs can have very large interstellar wind velocities of hundreds to thousands of
kilometers per second.

The properties just discussed make SBGs very promising sources of hadronic neutrino and
gamma-ray production. The large amount of ISM is an ideal target for pp collision, and the enhanced
supernova rate suggest the significant presence of acceleration sites within the galaxy. For this reason
the neutrino production in SBGs has been studied in the literature by various authors [198]. The
scenario is typical of cosmic reservoirs: it is assumed that supernovae embedded in the SBG acceler-
ate cosmic-rays via diffusive shock acceleration. The cosmic-rays injected by supernovae can undergo
pp collisions with the interstellar medium, leading to the production of neutrinos and gamma-rays.
The escape of gamma-rays from the source is free from absorption only up to a maximal energy,
because of the presence of infrared target photons naturally connected with the processes of star
formation.

The amount of gamma-rays and neutrinos produced depends of course on the time spent by
cosmic-rays within the SBG. The escape mechanism of cosmic-rays is dominated by advection by
galactic winds, and at very high energies by diffusive escape. The escape time tesc is determined by
the faster of these two processes. The normalization of the gamma-ray and neutrino flux is deter-
mined by the number of collisions that a cosmic-ray undergoes during the time tesc, and therefore
would appear to be proportional to tesc. This is not true for arbitrarily large tesc: if tesc becomes too
large, the cosmic-rays may lose all of their energies in pp collisions. This is the so-called calorimetric
regime [198, 199], in which cosmic-rays are completely confined within the galaxy and transfer all
of their energy to neutrino and gamma-ray fluxes: clearly this is an upper bound on the secondary
production that can be achieved in a given SBG.

In Refs. [124,126,200] it was pointed out that star-forming galaxies (SFGs) and SBGs cannot be
the dominant source of the whole TeV-PeV diffuse neutrino flux without exceeding the non-blazar
component of the extragalactic gamma-ray background (EGB) measured by Fermi-LAT [201], unless
their spectral shape was sufficiently hard. Recent works [202–204] have reexamined the neutrino and
gamma-ray emissions from SBGs showing that these sources can indeed account for the IceCube
through-going muon neutrino flux at hundreds of TeVs in agreement with gamma-ray data. In
particular, Refs. [203, 204] have proposed a prototype-based method to compute the cumulative
diffuse neutrino and gamma-ray fluxes from the SBGs population. This approach is based on the
choice of the galaxy M82 as a benchmark SBG. Its properties are used as a standard for setting
the physical parameters such as supernova rate, spectral index, magnetic field, velocity of the wind,
density of the ISM. This scenario provides a good description of the through-going muon neutrino
flux, even though it cannot accommodate the HESE neutrino flux below 100 TeV, in agreement
with the results of Refs. [121, 124] and the arguments presented at the beginning of this section.
In Chap. 5 we will revisit the neutrino and gamma-ray production in SBG in view of the HESE
neutrino data and the Fermi-LAT EGB in a multi-component framework in which neutrinos are
produced not only in SBGs but also in blazars.

4.2.2 Galaxy clusters
Galaxy clusters are the largest systems of matter gravitationally bound that are known in the Uni-
verse. The importance of clusters as reservoirs of cosmic-rays has been emphasized in various works,
including Refs. [205–208]. When cosmic-rays escape from the galaxy in the intracluster medium,
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they remain trapped by diffusion on the magnetic perturbations. During the time in which they are
confined, they suffer pp interactions on the gas target, which has a number density of the order of
10�3 cm�3. Because of the rarefied nature of the intracluster gas, galaxy clusters are not generally
considered as calorimetric sources such as SBGs. Nevertheless, they can produce a significant amount
of secondary neutrinos and gamma-rays. Besides their reservoir nature, acceleration of cosmic-rays
in galaxy clusters has also been proposed by means of the shocks which form by accretion of in-
tergalactic gas onto the cluster. These shocks could accelerate both electrons, which leptonically
produce gamma-rays [207, 208], and protons [209, 210], which hadronically produce both neutrinos
and gamma-rays [124, 211, 212]. Since galaxy clusters are pp sources expected to be transparent to
gamma-rays, they are subject to the same constraints described at the beginning of this section,
namely that they can contribute to the diffuse IceCube neutrino spectrum only up to a maximum
limit determined by the spectral index: this aspect has been emphasized, e.g., in Refs. [124,211].

4.2.3 Galactic production

The possibility that neutrinos and gamma-rays may be produced by cosmic-rays within our own
galaxy has been widely discussed in the literature [213–217]. Here we shortly discuss only the diffuse
galactic emission.

The existence of a diffuse galactic emission of neutrinos and gamma-rays is essentially guaranteed
by the simultaneous presence of propagating cosmic-rays and of interstellar material, which can act
as a target for pp collisions. This component is clearly anisotropic, due to the concentration of
interstellar material near the galactic center and in the galactic disk. The intensity of this component
depends on the interplay between the spatial distribution of cosmic-ray sources, the propagation
model of cosmic-rays, and the density of target material. The spectral shape of the galactic diffuse
flux is expected to follow that of the parent protons, namely a power law with soft spectral index
close to 2.7 and a cutoff at PeV energies.

The main experimental input for the determination of diffuse galactic flux is the observation by
Fermi-LAT of the diffuse gamma-ray emission below tens of GeV [218,219]. This allows to infer in-
formation on the properties of cosmic-rays and target material necessary to reproduce the observed
gamma-ray emission. Models for the diffuse galactic gamma-ray emission include Refs. [220–222], as
well as the numerical code for cosmic-ray propagation GALPROP [223]. In order to correctly repro-
duce the observed flux above 10 GeV, Refs. [224–226] propose the KRA� model, which introduces a
different cosmic-ray propagation model and a cutoff at an energy between 5 PeV and 50 PeV.

The gamma-ray emission is of course accompanied by a corresponding diffuse neutrino emission,
which has been estimated, e.g., in Refs. [220, 227–229]. Since no significant excess in neutrinos has
been detected from the galactic plane, at present only upper bounds on the diffuse flux can be
obtained by neutrino measurements. In Ref. [230], a joint search in the ANTARES and IceCube
data on high-energy neutrino fluxes has been conducted. Even though a non-zero component has
been found as most likely, the significance is too low: therefore, the search was used to constrain
the diffuse neutrino emission. The constraints are however too weak to exclude definitely the KRA�
model.

A recent development on the diffuse emission is the measurement by the Tibet air shower gamma
(AS�) experiment of the diffuse gamma-ray emission between 0.1 PeV and 1 PeV [231]. In Ref. [232],
these data have been used to estimate the corresponding diffuse galactic neutrino flux, with the
result that this should contribute less than 5 � 10% to the observed flux at IceCube at energies
of 100 TeV. This is a further confirmation of the extragalactic nature of the dominant sources of
IceCube neutrinos.
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Figure 4.2: Cosmogenic neutrino flux for a pure proton model (left) and for a mixed composition
ultra-high energy cosmic-ray model (right). The results are shown for three models of redshift
evolution of the sources: no evolution (red), star-forming rate evolution (green), and evolution as
AGN (blue). The uncertainty bands are related to EBL uncertainty. We also show the upper limits
from IceCube [85,233] and PAO [234]. Figure taken from Ref. [235].

4.3 Cosmogenic neutrinos
At ultra-high energies a guaranteed source of neutrinos is given by the photohadronic collisions
of ultra-high energy cosmic-rays with the extragalactic background light, including the cosmic
microwave background (CMB). These are the so-called cosmogenic neutrinos, first predicted in
Ref. [236] and extensively studied, e.g. in Refs. [107, 237–260]. For a target of CMB photons with
typical energies "� ' 0.2 meV, the p� interaction happens resonantly at a proton energy of about
Ep ' 1020 eV; since neutrinos typically carry a fraction 0.05 of the parent proton energy, cosmo-
genic neutrinos are mainly expected at energies of EeV. While the energy is quite well-known, the
normalization of the flux is subject to considerable uncertainties related to the poorly known nature
of the ultra-high energy cosmic-rays. In particular, the production of cosmogenic neutrinos is more
efficient for collision of light nuclei and protons, whereas a heavier mass composition leads to inef-
ficient production of neutrinos. A second source of uncertainty is related to the redshift evolution
of the ultra-high energy cosmic-ray sources, which also impacts the normalization of the cosmogenic
neutrinos.

In order to quantify the magnitude of the flux, as well as the entity of the uncertainties on it,
we show in Fig. 4.2 the cosmogenic neutrino flux under the assumption of pure proton composition
of cosmic-rays and a more realistic mixed composition with a minority of protons. We also show
the impact of different models of source evolution. The results confirm the general tendency of
heavier chemical composition, as well as of a stronger cosmic evolution of the sources, to dampen
the cosmogenic neutrino flux. The upper limits set by IceCube and PAO are already able to disfavor
some models of cosmological evolution: the measurements by the future neutrino radio telescopes
have the main aim of complementing this information with either a measurement of cosmogenic
neutrinos or stronger constraints on the magnitude of their flux.
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Investigating the sources of neutrinos
and gamma-rays
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Chapter 5

Neutrino and gamma-ray production
in starburst galaxies

As we discussed in Chap. 4, pp neutrino and gamma-ray production is often connected with the so-
called cosmic reservoirs. One candidate class of sources that was described is the class of starburst
galaxies (SBGs). In SBGs neutrinos can be produced via the collisions of protons from the cosmic-
rays with the interstellar medium (ISM).

In Sec. 4.2 we examined the question of whether SBGs can be the main source of the neutrinos
observed by IceCube. The main argument against this scenario is that a diffuse neutrino flux from
SBGs with a spectral index around 2.2 (normalized to fit the HESE data at 100 TeV) would lead to
a diffuse gamma-ray flux in tension with the Fermi-LAT observations [124]. We emphasize that this
is not a tension between different data sets, but only between the IceCube and Fermi-LAT data and
the hypothesis that they are produced by cosmic reservoirs. For brevity, throughout this section
we will often refer to this as the IceCube-Fermi tension. This argument is based on the hypothesis
that all SBGs contain a population of cosmic-rays with a power-law spectrum in energy with the
same spectral index. Furthermore, if the highest energy neutrinos detected by IceCube above the
PeV were produced in SBGs, then the parent cosmic-rays would have to be accelerated to energies
of 100 PeV. While this may in fact be possible in the presence of magnetic field amplification near
supernova remnants or of hypernovae [126, 204], it is at present unclear whether protons are really
accelerated to such high energies.

In the work presented in this chapter, based on Ref. [150], we lift the single power-law assump-
tion, considering a more realistic scenario where each starburst galaxy can have a different spectral
index. This would seem to leave considerable freedom to the model, because we now have as a free
parameter not just a single spectral index but a distribution of spectral indexes for all SBGs. For
this reason, we do not consider this distribution as a free parameter, but rather we infer it from
the information provided in Ref. [261], in which, from ten years of Fermi-LAT data, the spectral
indexes are determined for a sample of 12 star-forming galaxies. We extract the distribution of spec-
tral indexes from this sample and adopt it as a representative of the whole SBG population. With
this data-driven approach, the neutrino flux at 100 TeV increases without enlarging the gamma-ray
flux below 1 TeV: this mainly happens because of the presence of SBGs with a spectral index of
about 2. This behavior could alleviate the tension that arises between neutrino and gamma-ray data
when we try to explain them through hadronic-powered sources. In order to quantitatively estimate
the agreement with the data, we perform a combined multi-messenger analysis of the extragalactic
gamma-ray background (EBL) measured by Fermi-LAT and the neutrino flux observed by IceCube.
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A good fit to the data is obtained by using a multi-component framework, similar to Ref. [262], where
we include both the contribution of SBGs and blazars. The latter are modeled using the results
of Ref. [157]. For both classes of sources we include the contribution of the gamma-ray emission
from intergalactic electromagnetic cascades using the public code �-Cascade [53]. We also introduce
the diffuse gamma-ray emission from radio galaxies, which dominate the Fermi-LAT measurements
below 1 GeV [69]. We leave as free parameters the three normalizations for SBGs, blazars and radio
galaxies, as well as the maximal energy reached by the cosmic rays within SBGs.

Compared to previous analyses based on a single power-law model [204], we find that SBGs can
explain a larger fraction of the IceCube flux without at the same time overshooting the EGB observed
by Fermi-LAT. Furthermore, the maximal energies to which cosmic rays need to be accelerated are
of the order of a few PeV, whereas larger values are required in the single power-law analyses.

5.1 Neutrino and gamma-ray fluxes from individual SBGs
In order to model the neutrino and gamma-ray fluxes from individual SBGs, we follow the approach
suggested in Ref. [203], using a leaky box model to describe the transport of cosmic rays in the galaxy.
The physical scenario is therefore the following: protons are accelerated near supernova remnants
and injected uniformly in the SBG nucleus. They are subject to diffusion in the turbulent magnetic
field of the galaxy and advection from the winds. Furthermore, they are subject to pp collisions
with the ISM which are responsible for energy losses1. If the density of the ISM is sufficiently large,
the energy losses due to pp collisions will be the dominant process. Under these conditions cosmic
protons are essentially confined within the galaxy, releasing most of their energy in gamma-rays and
neutrinos. This regime is typically named calorimetric.

The condition for the calorimetric regime can be expressed as

Tloss  Tesc , (5.1)

where Tloss is the typical CR timescale for interactions and Tesc is the timescale necessary for a CR
to escape the source. Many authors focused on CR spectral features of SBGs [202, 203, 263–272] to
deduce that CR electrons are well-confined inside starburst nuclei (SBN). On the other hand for
high-energy protons the calorimetric regime will be attained only for sufficiently large ISM density
and large escape times, in order to satisfy Eq. 5.1. In order to quantitatively obtain the timescales, we
consider the SBN as a spherical region with advection time Tadv = R/vwind depending on the radius
R of the region and on the wind velocity vwind. For the diffusion timescale we need a description of
the turbulent magnetic field. We assume a Kolmogorov-like scenario, with a density of the magnetic
field F (k) / k

�d+1 with d = 5/3 and a regime of strong turbulence inside the SBN [203, 204].
These assumptions lead to a diffusion coefficient D(p) / p

1/3, which implies Tdi↵(E) / E
�1/3.

For a magnetized fluid the Kolmogorov scenario should in principle be replaced by the Kraichnan
model [273] for turbulence. It is however unclear if this is the case even in the most well-known case
of our Galaxy, for which the Kolmogorov scenario seems to be favored. In any case, as shown by
Refs. [203, 204], the diffusion timescale is larger than all the other timescales except at extremely
high energies, so that the details of the turbulence model do not influence our conclusions. The
escape time Tesc in Eq. (5.1) is given by

Tesc =

✓
1

Tadv
+

1

Tdi↵

◆�1

. (5.2)

1We also take into account energy losses due to ionization and Coulomb interaction with the electrons.
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For typical values (R ⇠ 102 pc and vwinds ⇠ 102 � 103 km/s, see Ref. [127]), we have that Tadv ⇠

105 � 106 yr. As we already mentioned, the high level of turbulence and interstellar medium density
makes Tdi↵ � Tadv, so that Tesc ' Tadv. For the loss timescale of CRs, we take into account
ionization, Coulomb interaction, and pp interaction. The timescale Tloss therefore depends on the
proton energy and in particular, for energies much greater than the proton mass, it is mainly driven
by the timescale of pp interactions. As shown in Ref. [203], Tloss usually becomes smaller than the
advection timescale for energies higher than 10 TeV.

We now discuss how we obtain the particle spectra. For notational convenience, we write the
particle spectra not as a function of the particle energy E, but as a function of their momentum
p. This notation will be maintained throughout this section. In the ultra-relativistic limit we are
interested in, the two variables are approximately equal: the main difference is that the phase-space
element in momentum space is proportional to d

3p = 4⇡p
2
dp for isotropic distributions. Therefore,

the relation between the number of particles per unit energy n(E) and the number of particles per
unit momentum F (p) is written

n(E) = F (p)4⇡p
2 dp

dE
|
p=

p
E2�m2 , (5.3)

where m is the particle mass. This means that if particles are injected with an energy spectrum
proportional to E

�� , the corresponding momentum distribution in the ultra-relativistic limit is
proportional to p

�↵ with ↵ = � + 2.
Given the loss and escape timescales, the stationary number density of protons per unit energy

Fp(p) in the SBG is determined by the equilibrium between the number of protons injected by SNR
per unit time and volume, Qp(p), and the number of protons lost either by escape from SBG or by
energy loss. This condition leads to2

Fp = Qp

✓
1

Tadv
+

1

Tloss
+

1

Tdi↵

◆�1

. (5.4)

An analogous equation can be set up for electrons. For the latter, we consider as energy losses
ionization, synchrotron, Inverse Compton, and bremsstrahlung.

In terms of the particle momenta, the injection spectrum of protons, which is assumed to originate
from SNRs, can be written

Qp(p, RSN,↵, p
max) =

Np RSN

VSBN
p
�↵

e
�p/p

max

, (5.5)

where VSBN is the volume of the starburst nucleus, and the cut-off energy p
max is considered a

free parameter in the range 1-100 PeV. The normalization Np is fixed by the condition that each
supernova releases into CRs a fraction ⇠ = 0.1 of its total explosion kinetic energy ESN = 1051 erg.
In mathematical terms this means that

Z 1

0
4⇡ p

2
T (p)

✓
VSBN

RSN
Qp(p)

◆
dp = ⇠ESN , (5.6)

with T (p) being the single particle kinetic energy.
2Here we have in fact used an approximation. In fact the correct solution should be obtained from Eqs. 2.7

and 2.9, with the substitution b(E) = E
Tloss

, ⌧adv = Tadv, and ⌧loss = Tloss. In the limit Tloss ! 1, the solution is
indeed given by Eq. 5.4. In the opposite limit Tadv, Tdi↵ ! 1, the solution for a power-law spectrum Qp / E

�� is
Fp =

QpTloss
��1 , which indeed approximates Eq. 5.4 if � is close to 2, which is our case. Therefore, we use Eq. 5.4 as a

simple interpolation between these two regimes.
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Similarly, for primary electrons we assume

Qe(p, RSN,↵) =
Ne RSN

VSBN
p
�↵

e
�(p/pmax

e )2
, (5.7)

with p
max
e

= 10 TeV and Ne = Np/50 according to Refs. [203, 204]. The lower cutoff for elec-
trons is determined in Refs. [274, 275] taking into account the large synchrotron losses. The lower
normalization of the electron spectrum compared to the proton one is fixed in analogy to our Galaxy.

In order to compute the spectra of neutrinos and gamma-rays, we need to determine the pion
spectra. Pions are injected via pp interactions, for which we follow the treatment in Ref. [28] and
assume that each pion carries a fraction (K⇡ ' 0.17) of the parent proton energy. Therefore, the
pion injection spectrum is

Q⇡(E⇡) =
c nISM

K⇡

�pp (E0) np (E0)

����
E0=mp+E⇡/K⇡

, (5.8)

where �pp is the proton-proton cross-section, np denotes the energy distribution function of injected
high-energy protons obtained by solving the leaky-box model equation, and mp is the proton mass.

Finally, the neutrino production spectrum (averaged over flavour) is

Q⌫(E⌫) = 2

Z 1

0

 
f⌫e(x) + f⌫1

µ
(x) + f⌫2

µ
(x)

3

!
Q⇡

✓
E⌫

x

◆
dx

x
, (5.9)

where the decay functions f⌫(x) have been defined in Sec. 1.3 with different notations. We account
for neutrino oscillations during propagation by changing the flavour ratio (1:2:0) at the source to
(1:1:1) at the Earth. By virtue of the low magnetic fields inside the SBN, we only consider a pion-
beam flavor composition for the neutrino fluxes. Hence, the single-flavour neutrino flux at the Earth
is given by

�⌫(E, z) =
VSBN

4⇡ d2
c
(z)

Q⌫ (E(1 + z)) , (5.10)

where dc(z) is the comoving distance between the source and the Earth as a function of the redshift
z.

Pion decay also produces secondary electrons, whose injection spectrum we parameterize as

Qe(Ee) = 2

Z +1

Ee

Q⇡(E⇡)fe

✓
Ee

E⇡

◆
dE⇡

E⇡
, (5.11)

where fe is the decay function for electrons.
For the gamma-ray production rate we account not only for the production from ⇡

0 decay, but
also for the leptonic production (bremsstrahlung, synchrotron and Inverse Compton) emitted by
primary and secondary electrons. The photon emissivity ✏�(E) from ⇡

0, namely the number of
photons injected per unit energy, time, and solid angle, is given by

✏�(E) =
2

4⇡

Z +1

Emin

Q⇡(E⇡)p
E2
⇡

� m2
⇡

dE⇡. (5.12)

The minimal pion energy Emin is estimated by observing that the maximal gamma-ray energy E for
the pion energy Emin is given by E = Emin

2 +
p

E
2
min

�m2
⇡

2 ; inverting we find Emin = E + m
2
⇡

4E .
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The photon emissivity from bremsstrahlung ✏brem(E) is obtained by integrating the cross section
in Eq. 1.11, and is

✏brem(E) =
nISM�brem

4⇡E

Z +1

E

Ne(Ee)dEe, (5.13)

where Ne(Ee) is the stationary distribution of primary and secondary electrons, �brem ' 3.4⇥10�26

cm2 is the bremsstrahlung cross section. Here the usual shape E
�1
✓(Ee � E) is assumed for the

bremsstrahlung spectrum from each electron with energy Ee.
For the synchrotron and Inverse Compton emissivities we use the expressions from Ref. [203]. In

particular, we assume a benchmark magnetic field B = 200 µG. For the Inverse Compton emissivity,
the physical target of photons is taken as the spectrum shown in the upper panel of Fig. 6 of
Ref. [203]. However, to simplify the calculation and to avoid the double integration over the electron
and the photon energies, we replace the physical target of photons by an effective monochromatic
spectrum centered around the peak energy of the photon target and normalized to the same total
energy density Urad. This is the same procedure followed in Ref. [203] and leads to a factor of 2 of
uncertainty in the Inverse Compton flux. Nevertheless, the Inverse Compton is subdominant in the
total gamma-ray flux, so we consider this to be acceptable.

While neutrinos freely escape the SBG after the production, gamma-rays are not completely free
due to the possibility of �� collisions on the low energy target photons (which again are taken as the
upper panel of Fig. 6 of Ref. [203]). This gives rise to an internal absorption (we name it internal
to differentiate it from the external absorption in the intergalactic space). Over a fixed line of sight
of length s, the intensity I(E, s) of photons (number of photons per unit surface, energy and time)
exiting the galaxy is

I(E, s) = ✏(E)
1 � e

�⌘(E)s

⌘(E)
, (5.14)

where ✏(E) is the total emissivity, ⌘(E) =
R
���(E, E

0)nbkg(E0)dE
0 is the absorption coefficient,

���(E, E
0) is the photon-photon cross section and nbkg(E0) is the target photon density from the

upper panel of Fig. 6 of Ref. [203]. The length of the line of sight depends on the direction of the
photon. After averaging over all possible directions, we obtain the internal absorption coefficient as
a function of the photon energy E

Abs(E) =
3

2⌘(E)R


1

2
�

1 � e
�2R⌘(E)(1 + 2R⌘(E))

4R2⌘(E)2

�
, (5.15)

where R is the radius of the SBG. The final expression for the direct gamma-ray flux at Earth is

��(E, z) =
VSBN

4⇡ d2
c
(z)

Q� (E(1 + z))

⇥ Abs (E(1 + z)) e
�⌧��(E,z)

,

(5.16)

where ⌧�� is the optical depth from CMB and EBL [52,276] accounting for external absorption. We
add to this a contribution from electromagnetic cascades in the intergalactic space, obtained using
the public code �-Cascade [53].

Finally, let us discuss the values of the cutoff energy p
max. This is the maximal energy to which

protons can be accelerated in SNR, which has been discussed in Chaps. 1 and 4. In the simple
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scenario of Bohm diffusion around the SNR the maximal proton energy is estimated as [124–126]

p
max

⇡3.1 PeV
⇣

nISM

1 cm�3

⌘�1/3
✓

B

10�3.5 G

◆

⇥

✓
Eej

1051 erg

◆1/3✓
vej

109 cm/s

◆1/3

, (5.17)

where B is the magnetic field, Eej is the ejected energy, and vej is the ejected velocity. Therefore,
the maximal energy seems to be limited to 1 PeV at most. Higher cutoff energies could be obtained
if the magnetic field is larger, of the order of (1 � 30 mG), as could be expected in the case of non-
linear amplification. Another possibility is that at high redshift hypernovae are more common than
supernovae, so the typical ejected velocity is larger. In this work we do not need these scenarios,
because we can explain the IceCube neutrinos with values of the maximal proton energy just of the
order of PeV. Of course this means that SBGs in our model cannot be responsible for UHECRs,
because they produce protons with too low maximal energies. A multi-messenger scenario which
accounts simultaneously for gamma-rays, neutrinos and cosmic-rays is therefore outside the scope
of our work, and we restrict to the first two components only, namely gamma-rays and neutrinos.

5.2 Diffuse neutrino and gamma-ray fluxes
In this section we compute the diffuse neutrino and gamma-ray fluxes produced by SBGs, which will
be compared in the following sections with the Fermi-LAT and IceCube observations.

The diffuse neutrino and gamma-ray fluxes should be obtained by summing the individual fluxes
from each SBG in Eq. 5.10 and Eq. 5.16 over all SBGs in the Universe. In doing this, we should i)
make an assumption on how the individual properties change between different SBGs, and ii) make
an assumption on how SBGs are distributed with redshift. Let us discuss each of these assumptions.

Given that SBGs are astrophysical reservoirs, we expect that their non-thermal emission is not
driven by the structural details of the source. Thus we assume that most of the properties for
different SBGs are identical to the benchmark case of M82, for which we take the parameters from
Ref. [203]. The only exceptions are the supernova rate, which determines the normalization of
the neutrino spectrum, and the spectral index, which determines its shape. We assume that the
supernova rate is proportional to the Star Formation Rate (SFR) of the SBG, normalizing it to
the supernova rate of M82 given in Ref. [203]. For the spectral index we take a distribution which
is inferred by experimental data. More specifically, we consider 12 SFGs and SBGs observed in
gamma-rays for which the photon spectral index has been obtained by a fitting procedure with a
power-law function [261,277]. We show the histogram of these spectral indexes in Fig. 5.1, together
with a Gaussian fit N (↵|µ↵,�

2
↵
) to the histogram with mean index µ↵ = 4.2 and standard deviation

�
2
↵

' 0.04. The small size of the sample, as well as the uncertainties on the spectral indices estimated
for each member of the sample, lead to an uncertainty on this distribution3. Nevertheless, the result
shows in a definite way that the typical assumption of a spectral index ↵ ⇠ 4.2 is good for the
average spectral index, and it may not capture the global behavior of all SBGs.

Regarding the redshift distribution of the SBGs, we describe it by means of a modified Schecter
function �SFR(z, ) reported by Ref. [204], which has been obtained by fitting in the redshift in-
terval 0  z  4.2 the IR+UV data of a Herschel Source sample [278] after subtracting the AGN

3We have also tested approaches other than the maximum likelihood fit to the sample. For example, we have
performed a kernel density estimation starting from the data and their uncertainties, finding results similar to the
ones shown in Fig. 5.1.



5.2. DIFFUSE NEUTRINO AND GAMMA-RAY FLUXES 77

3.6 3.8 4.0 4.2 4.4 4.6 4.8 5.0
Spectral index, �

0

1

2

3

P
D

F
N (4.2, 0.04)

M82 (prototype)

Figure 5.1: Number of observed SBGs with different spectral indexes ↵ according to the analysis
in Ref. [261]. The dashed line shows the underlined Gaussian probability distribution function with
mean µ↵ = 4.2 and variance �2

↵
= 0.04 used in the present analysis. The vertical dotted line displays

the spectral index of M82 generally adopted as prototype [204].

contamination [279]. This is the number of SBGs per unit of comoving volume and logarithmic SFR
 .

At this point the diffuse neutrino and gamma-ray spectra can be obtained by summing over the
distribution �SFR(z, ). However, before doing that, we introduce a lower SFR below which we
cut the integration. The reason is that for low SFRs the SBG violates the condition 5.1 and exits
the calorimetric regime. Low SFRs are in fact connected with low ISM densities by the Kennicutt
relation [280,281]. For low ISM densities, the protons collide rarely via pp collisions and escape from
the SBG releasing only little of their energy to neutrinos and gamma-rays. The threshold value for
the SFR is  ⇤ = 2.6 M� yr�1 [204].

Finally, the diffuse differential neutrino and gamma-ray flux are given by

�SBG
⌫,�

(E, p
max) =

Z 4.2

0
dz

Z 1

 ⇤

d log 
c dc(z)2

H(z)

⇥ �SFR(z, )
D
�⌫,�

�
E, z, , p

max
�E

↵

,

(5.18)

where by hi↵ we mean the average over the distribution N (↵|µ↵,�
2
↵
). We will refer to this average

as blending of spectral indexes.
The difference between the single power law and the blended spectrum is shown for a benchmark

parameter choice in Fig. 5.2. We show in blue and yellow the neutrino and the gamma-ray fluxes
respectively; the blended (single power-law) case is represented with a short-dashed (long-dashed)
linestyle. The spectra are normalized so that the integrated SBG gamma-ray flux gives 30% of the
integrated EGB flux, namely

J
SBG
>50 GeV = NSBG

Z 820 GeV

50 GeV
�SBG
�

(E�)dE� = 0.3 J
EGB
>50 GeV , (5.19)
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Figure 5.2: Left: comparison between the diffuse emission of starburst galaxies modeled with the
blending of spectral indexes (short-dashed lines) and with the assumption of M82 as prototype [204]
(long-dashed lines) for the benchmark case with p

max = 5 PeV. The normalization of the SBG
emission is fixed to account for 30% of the total EGB integrate flux above 50 GeV (see Eq. (5.19)).
The blue (orange) color corresponds to the neutrino (gamma-ray) flux. Right: Relative difference of
the two different SBG modelings with blending (blen.) and prototype (prot.) for the diffuse neutrino
(blue solid line) and the gamma-ray (orange dot-dashed line) fluxes as a function of energy. Below
(above) the horizontal dashed line, the blending of the spectral indexes leads to a lower (higher)
flux.

giving NSBG ' 0.73. With this condition we are consistent with the limits on the non-blazar
component of the EGB above 50 GeV [149,282].

The neutrino blended flux exhibits a characteristic convex structure, due to the softer spectral
indexes dominating at low energy and the harder ones at high energy. On the other hand, the
gamma-ray flux is not very different in the two approaches. This is due to the EBL absorption,
which suppresses the spectrum at lower energies compared to the neutrino one, so that the effect
of the component of SBGs with harder spectral indexes is not felt at all. This is confirmed by the
right panel of Fig. 5.2, where we show the relative difference between the single power-law and the
blended spectra: indeed both the neutrino and the gamma-ray flux show a significant difference in
the high-energy range, but at these energies the gamma-ray flux is suppressed.

The net effect of the blending is therefore to introduce a hard component into the neutrino
spectrum without affecting too much the gamma-ray spectrum. This change goes in the direction
of relieving the IceCube-Fermi tension under the assumption that the IceCube data at 100 TeV are
explained by SBGs, as discussed in Sec. 4.2. The crucial point discussed there was in fact that only
hard spectral indices could explain the neutrinos at energies of 100 TeV without overshooting the
EGB. This observation, which at present is only qualitative, will be quantified in the next section
with a full multi-messenger analysis of the IceCube and Fermi-LAT data.

A final comment is in order here, regarding the variability of parameters in SBG. We have
accounted for the variability of spectral indexes, but a natural question would be what influence
do the other parameters have. The maximal proton energy p

max cannot be inferred by gamma-ray
observations, because gamma-ray spectra are suppressed at much lower energy by EBL absorption,
and for this reason we do not attempt an hypothesis on different p

max for different SBGs. The
magnetic field, for which we use the benchmark choice B = 200 µG as in Ref. [204], is estimated for
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a sample of SBGs for example in Ref. [127]. However, in our approach the magnetic field only enters
the diffusive timescale. As discussed in the previous section, the diffusive timescale is much longer
than the other ones anyway (except at the very highest energies), so changing the magnetic field does
not significantly change our results (notice however that, if we had modeled the SNR acceleration in
a complete way, the magnetic field would change the maximal proton energy p

max as in Eq. ??). In
conclusion, the spectral index variability already captures the most important features of the SBG
diffuse flux.

5.3 Multi-messenger analysis
In this section we describe the combined analysis of the IceCube and Fermi-LAT EGB data samples.
The purpose of this analysis is to show that the blending of spectral indexes, with a consequent
injection of a hard component in the neutrino flux, does indeed relieve the IceCube-Fermi tension.
We focus on two IceCube data samples: the 7.5-year HESE data [283] and the 6-year high-energy
cascade data [284]. The latter only includes shower-like events (mostly electron and tau neutrino
flavours) and it extends down to few TeV thanks to the smaller background contamination. For the
gamma-ray data, we use the EGB measured by Fermi-LAT [201]. Most of the EGB comes from
resolved and unresolved blazars, leaving only small space for other sources [69,149,282]. Therefore,
if we want to perform a combined analysis, we need to account for non-SBG components. We collect
here all the source classes we take into account in this analysis:

• Neutrinos

– Starburst galaxies: this component has been discussed in the previous sections;
– Blazars: for this subclass of Active Galactic Nuclei, we follow Ref. [157] where the blazar

neutrino flux has been computed by assuming the baryonic loading directly linked to the
blazar sequence trend [285] and taking the same blazar distribution as used by [69]. (see
also Ref. [153]). In Ref. [157], three different models for the blazar neutrino flux are
provided according to different assumptions on the baryonic loading. We have checked
that our results do not depend on the particular blazar model considered. Therefore, in
the following we just use as a benchmark the “scenario 1” (see Figure 5 in Ref. [157])
where the baryonic loading is assumed to be constant (see also Ref. [286]). We always
check that, in our best-fit scenarios, the blazar neutrino component is consistent with the
IceCube stacking limit [287].

• Gamma-rays

– Starburst galaxies: this component has been discussed in the previous sections;
– Blazars: we include in this class the diffuse gamma-ray flux from BL Lacs and Flat

Spectrum Radio Quasars. This contribution has been estimated in Ref. [69]. However,
this estimate does not account for electromagnetic cascades in the intergalactic space. For
this reason, we have integrated the use of the �-Cascade code to obtain the diffuse blazar
flux, using the best-fit values for the Luminosity-Dependent Density Evolution (LLDE)
model provided in Ref. [69], together with the contribution of electromagnetic cascades.
We find that the latter can enlarge the diffuse blazar spectrum by even 20%, causing
significant changes in the multi-messenger analysis;

– Radio galaxies: we take this contribution from Ref. [69] (see also Refs. [288, 289]).
Radio galaxies are expected to provide a large gamma-ray flux below 1 GeV. We do not
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account for an electromagnetic cascade component from radio galaxies, because their
spectrum is quite soft and therefore the cascade component should be subdominant. For
simplicity we do not consider a relevant contribution from radio galaxies to the neutrino
flux. However, recent works like Ref. [290] have proposed radio galaxies to be an important
source of high-energy neutrinos. Hence, a negligible high-energy neutrino emission from
these sources should be regarded as an assumption of our work, in agreement with analyses
like Refs. [291].

We determine a chi-squared likelihood for both the neutrino and the gamma-ray component. For
the neutrino component, we use as chi-squared function

�
2
⌫

=
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i
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⌫,i
� NBlazars�Blazars

⌫,i
� NSBG�SBG
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, (5.20)

where �IC

⌫,i
is the diffuse single-flavour flux observed by IceCube in each energy interval i with

uncertainties �IC

⌫,i
, whereas �Blazars

⌫,i
and �SBG

⌫,i
are the neutrino flux of blazars and SBG sources,

respectively. The free parameters in the neutrino chi-squared function are the maximal proton energy
p
max, and the two normalizations NSBG and NBlazars for the diffuse SBG and blazar components.

For the gamma-ray component, we follow Refs. [39, 69, 292], considering two independent nor-
malizations for the blazar component NBlazars and for the radio galaxies component NRG. For both
these normalizations we insert a prior term in the chi-squared function, accounting for the theoretical
uncertainties on the magnitude of the fluxes. This prior distribution is obtained by averaging the
theoretical uncertainties on the flux predictions in Ref. [69] over the energy range of interest. In this
way we obtain the following chi-squared for the gamma-rays
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where the quantities �EGB

�,i
are the EGB data with uncertainties �EGB

�,i
, while �RG

�,i
, �Blazars

�,i
and �SBG

�,i

are respectively the radio galaxies, blazar and SBG contributions to the EGB. The last two terms
are the priors accounting for the uncertainty on the normalization of the two non-SBG components.
The average uncertainties are estimated as �Blazars = 0.26 and �RG = 0.65 [69].

Differently from Ref. [292], we take into account a further prior distribution from the estimate of
Ref. [149] that 0.68+0.09

�0.08 of the EGB above 50 GeV consists of resolved point sources. This implies
that a sufficiently large fraction of the EGB consists of blazars, since most of the blazars are seen as
resolved sources. In order to estimate how much of the EGB is made up of blazars, we compute the
fraction of the diffuse blazar flux that comes from resolved sources, defined as sources with a total
flux larger than 10�8 ph/cm2

/s according to Ref. [69]. Averaging this fraction over the energy range
above 50 GeV, we find that 81% of the blazar flux above 50 GeV comes from resolved blazars. If we
assume that most of the point sources detected in the EGB are blazars, this means that the fraction
of the EGB above 50 GeV made up of blazars is 0.84+0.11

�0.10. This corresponds to a normalization of
the blazar flux of 0.80 ± 0.11, so we add a corresponding prior term to the chi-squared

�
2
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0.11
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. (5.22)
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Figure 5.3: Profile likelihoods for the SBG parameters obtained in the multi-messenger analysis of
IceCube 7.5-year HESE neutrino data and Fermi-LAT gamma-ray data with energy above 0.1 GeV.
The left (right) panel corresponds to the blending (M82 prototype) model for the SBG emission.
The solid, dashed and dotted lines represent the likelihood contours at 68.3% CL, 95.4% CL and
99.7% CL, respectively. The white stars display the best-fit points.

In the combined analysis we use a single chi-squared defined as the sume of the three:

�
2
⌫+�(NRG, NBlazars, NSBG, p
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2
�
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2
pos
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in which now four free parameters appear, namely NRG, NBlazars, NSBG and p
max

SBG
.

As a final comment, let us discuss the physical meaning of the normalization NSBG. This is
mainly determined by the efficiency of energy release in SNRs, as in Eq. (5.6). There is also a slight
dependence on the threshold value  ⇤ which defines which SBGs are in the calorimetric regimes.
Using the Kennicutt relation, it can be proved that for low  

⇤ the normalization of the diffuse flux
varies as

NSBG =

✓
⇠

0.1

◆"
1.47 � 0.32

✓
 ⇤

1 MJ yr�1

◆0.4
#

. (5.24)

The dependence on  
⇤ is very mild, so the normalization of SBGs gives us information mainly on

the acceleration process in SNRs.

5.4 Results
As discussed in the previous section, our analysis focuses on two different neutrino data sets, namely
the 7.5-year HESE and the 6-year cascade events. The counterpart in gamma-rays are the data
corresponding to the Fermi EGB. Furthermore, for the two data set choices, we perform two different
analysis, either with the spectral index blending or with a single power-law with the spectral index of
M82 as a prototype. For each case we determine a test statistic defined as ��2 = �

2
⌫+� � min�2

⌫+� .
In all cases we find that the chi-squared exhibits a well-defined minimum, so that the Wilks’ theorem
applies. The latter ensures us that, for each parameter choice, the ��2 is approximately distributed
as a chi-squared variable with a number of degrees of freedom equal to the number of free parameters.
We use this information to determine the 68.3%, 95.4%, and 99.7% confidence level contours for the
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Figure 5.4: Profile likelihoods for the SBG parameters obtained in the multi-messenger analysis of
IceCube 6-year cascade neutrino data and Fermi-LAT gamma-ray data with energy above 0.1 GeV.
The left (right) panel corresponds to the blending (M82 prototype) model for the SBG emission.
The solid, dashed and dotted lines represent the likelihood contours at 68.3% CL, 95.4% CL and
99.7% CL, respectively. The white stars display the best-fit points.

parameters in each of the four analyses (7.5-year HESE and 6-year cascade with M82 prototype or
spectral index blending).

We show in Figs. 5.3 and 5.4 the contours of the test statistic in the p
max-NSBG plane. The

remaining two parameters (NBlazars and NRG) are marginalized over by minimizing the test statistic
over their values. The contours corresponding to 68.3%, 95.4%, and 99.7% confidence level have been
highlighted. The comparison between the left (spectral index blending) and right (M82 prototype)
panels shows that, both for the HESE and for the cascades, the spectral index blending prefers a
larger SBG flux to explain the neutrino and gamma-ray data. For the HESE case the normalization
of the SBG flux is different from zero at the 1-sigma level in the blending case, whereas it is consistent
with zero in the M82 prototype case. For the cascades the difference is even more noticeable, and
the normalization of SBGs is different from zero at the 3-sigma level in the case of blending. The
best-fit parameters for all cases are collected in Table 5.1, together with the reduced chi-squared.
Both for the HESE and the cascade data sets, the blending case leads to smaller reduced chi-squared
and thus to a better agreement with the data. The best-fit solution exhibits a blazar flux slightly
smaller (Nblazar < 1) than the literature [69]. There are two reasons for this: on the one hand, the
inclusion of the electromagnetic cascades in the blazar component would produce too many photons
in the low energy range, so that the normalization is required to be lower; on the other hand, a
lower blazar flux in gamma-rays allows for a higher SBG flux, both in gamma-rays and neutrinos,
relieving the IceCube-Fermi tension. The radio galaxies flux is on the other hand slightly larger
(NRG > 1) than the prediction in the literature [69], to account for the low energy photons which
are not explained by blazars.

We reproduce the best-fit neutrino and gamma-ray fluxes for the case of spectral index blending
in Fig. 5.5. As discussed above, the gamma-ray flux is dominated by the blazar component above
1 GeV, and by radio galaxies at lower energies. On the other hand, the neutrino production is
dominated by SBGs for energies below the PeV, which is the reason why the maximal proton energy
in Table 5.1 is of the order of 10 PeV. In this multi-component framework, the higher energy neutrinos
can be explained by the blazar flux, which is peaked between 1 PeV and 10 PeV. The analysis on the
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IceCube 7.5-year HESE + Fermi-LAT

SBG model
Parameters Blending M82 prototype

p
max 13.6 42.0

NSBG 0.30 0.18
NBlazars 0.72 0.77

NRG 2.24 2.19
�̃
2 = �

2
/32 1.39 1.49

IceCube 6-year cascade + Fermi-LAT

SBG model
Parameters Blending M82 prototype

p
max 4.0 14.0

NSBG 0.66 0.44
NBlazars 0.59 0.68

NRG 2.24 2.15
�̃
2 = �

2
/38 1.83 2.12

Table 5.1: Best-fit points obtained in the multi-messenger analyses of IceCube 7.5-year HESE (left)
and 6-year high-energy cascade (right) neutrino data and the extragalactic gamma-ray background
data measured by Fermi-LAT. The second (third) column in each table refers to the SBG model
with the data-driven spectral index blending (a single power-law behaviour set by M82 prototype).
The last row reports the reduced chi-squared.
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Figure 5.5: Best-fit gamma-ray (orange lines) and single-flavour neutrino (blue lines) fluxes for the
SBG model with data-driven blending of spectral indexes. The left (right) plot corresponds to the
multi-messenger analysis with IceCube 7.5-year HESE (6-year cascade) neutrino data. The dashed,
dotted and dot-dashed lines correspond to the contributions of SBGs, blazars and radio galaxies,
respectively. The grey area displays the IceCube stacking limit affecting the blazar component [287].
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Figure 5.6: Best-fit gamma-ray (orange lines) and single-flavour neutrino (blue lines) fluxes for the
SBG prototype-based model with a single power-law behaviour. The left (right) plot corresponds
to the multi-messenger analysis with IceCube 7.5 year HESE (6-year cascade) neutrino data. The
dashed, dotted and dot-dashed lines correspond to the contributions of SBGs, blazars and radio
galaxies, respectively. The grey area displays the IceCube stacking limit affecting the blazar com-
ponent [287].

6-year cascade data sample indicates a larger role of the SBG component. This is mainly because
of the increased amount of data in the neutrino sector, which are explained by SBGs at 100 TeV.

These results are to be compared with the best-fit fluxes obtained in the single power-law case
based on the M82 prototype, shown in Fig. 5.6. In this case the SBG contribution is much lower,
leading to a noticeably increase in the tension with the neutrino data at 100 TeV. The reason is again
connected with the relatively large value of the spectral index (to be compared with the threshold
value determined in Sec. 4.2), whereas in the case of blending the presence of a hard component
with spectral indices close to ↵ = 4 (� = 2) allowed to relieve this tension.

The best-fit curves do not provide a complete overview of the allowed SBG neutrino and gamma-
ray fluxes. For such an aim, we represent in Fig. 5.7 the 1-sigma and 2-sigma bands for the SBG
fluxes only for the case of spectral index blending and for each of the two data samples. For both of
them the SBG flux is non vanishing at 68.3% confidence level. For the 6-year cascade data sample
this is true even at the 95.4% confidence level, due to the increased statistics in the neutrino sector.
In neither of the two cases the neutrino flux from SBG can saturate the observed flux at 100 TeV,
meaning that the IceCube-Fermi tension is relieved by the spectral blending, but not completely
eliminated.

Finally, to strengthen this point, we show in Fig. 5.8 the percentage of the IceCube HESE events
that are accounted for by SBGs, both in the cases of spectral index blending and in the case of M82
prototype. The number of neutrino events after 7.5-year of data taking is obtained by integrating
the SBG neutrino flux above 30 TeV over the HESE effective area [293]. Confirming our previous
discussion, in the case of spectral index blending SBGs can account for the 40% (⇠ 50%) of the total
HESE events at 95.4% (99.7%) CL. On the other hand, in the M82 prototype scenario, they can only
explain no more than 20% (⇠ 30%) of HESE events at 95.4% (99.7%) CL. Such a comparison further
highlights the impact of the spectral index blending in quantifying the allowed SBGs contribution
to the diffuse neutrino flux measured by IceCube. The contribution from local SBGs, located within
a distance of 250 Mcpc, is smaller than 1%, consistently with the constraints on nearby SFGs and
SBGs [294–298].
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Figure 5.7: Gamma-ray (orange) and single-flavour neutrino (blue) uncertainty bands at 68.3% CL
(dark colors) and 95.4% CL (light colors) for the SBG component deduced by the multi-messenger
analysis in case of data-driven blending of spectral indexes. The left (right) plot corresponds to the
multi-messenger analysis with IceCube 7.5-year HESE (6-year cascade) neutrino data. In the left
plot, the solid lines correspond to upper bounds at 95.4% CL.

Figure 5.8: Percentage of IceCube 7.5-year HESE neutrino events above 30 TeV accounted for
by starburst galaxies with blending (left plot) and M82 prototype (right plot) models. The solid,
dashed and dotted lines represent the likelihood contours at 68.3% CL, 95.4% CL and 99.7% CL,
respectively, according to the corresponding multi-messenger analysis (see Fig. 5.3). The white stars
display the best-fit points.
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5.5 Discussion
In the work presented in this chapter we have revisited the production of neutrinos and gamma-rays
in SBGs. The main novelty we introduce, compared to previous models in the literature, is that
we account for the different spectral shapes of cosmic-ray, neutrino, and gamma-ray fluxes from
individual SBGs. We account for this difference using experimental data, in particular the gamma-
ray observations of 12 SFGs and SBGs, as a guide to infer a distribution for the spectral indexes.
The limited statistics is of course an obstacle to a robust determination of this distribution, and this
will only be overcome when more precise observations, possibly by the future IACTs such as CTA,
will be available. However, the present information is already able to show that some of the SBGs
may have a harder spectrum compared to the benchmark case of M82. The presence of harder SBGs
allows the diffuse flux to acquire a characteristic blended shape with a harder component at high
energies, thereby relieving the IceCube-Fermi tension.

In order to perform a quantitative estimate, we perform a multi-messenger analysis on the Fermi-
LAT EGB and the IceCube data, focusing on the 7.5-year HESE and the 6-year cascade data
samples. We perform a multi-component analysis, accounting not only for SBGs but also for blazars
and radio galaxies. The introduction of blazars allows to explain the neutrinos with energy above
1 PeV. Correspondingly, we find that the maximal proton energy required in SBG models is of the
order of 1 PeV. This is a natural scale for SNR acceleration, which does not require specific models,
such as magnetic field amplification, to be explained. The spectral index blending allows to explain
a larger fraction, at most 40%, of the HESE data, compared with the single power-law approach
which only explains up to 20%. The reason is again the presence of harder spectral indexes, which,
as discussed in Sec. 4.2, predict a lower number of photons in the Fermi-LAT range and therefore
do not exceed the EGB. Even accounting for spectral index blending, this model is still not able to
completely explain the excess of neutrinos at 100 TeV. This may in principle be due to a different
astrophysical component of Galactic origin, or even to a non-standard component, e.g. Dark Matter
decay (see Chap. 7). Nevertheless, this work shows that accounting for the variability of different
members of the SBG source class, and possibly also of other source classes, can have a significant
impact on the comparison with experimental observations.



Chapter 6

Unified model of photohadronic
neutrino production

Photohadronic production was discussed in general terms in Chap. 1, and we referred to specific
examples of photohadronic sources in Chap. 4. Both discussions showed that p� sources are consid-
erably more difficult to describe than pp sources. The main reason is that in p� sources the resulting
neutrino1 spectrum depends both on the cosmic-ray spectrum and on the target photon spectrum,
whereas in pp sources the neutrino spectrum follows the energy dependence of the cosmic-ray spec-
trum. The spectral shape of the neutrino flux can significantly affect the detection prospects, since
it determines the energy range in which the flux is peaked. Because of the dependence on the
target photon spectrum, different classes of photohadronic sources are typically dealt with on a
case-by-case basis, with separate modelings devoted to each class of astrophysical sources. While
this approach allows to account in a precise way for the detailed properties of each source class, it
is rather unsuited for analyses which require a systematic scan over many source classes at once:
these include, for example, neutrino multiplet studies leading to constraints on the source density
and stacking analyses. Furthermore, studying the effects of BSM physics on neutrino fluxes also
requires a parameterization of the astrophysical neutrino production which is sufficiently flexible so
as to capture different classes of sources at once.

Previous approaches in the literature to the general modeling of p� sources, such as Refs. [22,
299,300], have assumed that target photons originate from synchrotron radiation from co-accelerated
electrons. This assumption may not necessarily be true in most of the p� sources interesting for
neutrino production. In Ref. [301] a broken power-law spectrum is assumed for the target photons,
assessing the detectability of various transient photohadronic sources. However, a broken power-law
is described by a rather large number of parameters, which is an obstacle to a practical analysis of
the whole parameter space of the model.

In the work described in this chapter, based on Ref. [35], we propose a model which is able
to describe in a unified way the spectral shape of the neutrino fluxes from the main classes of
photohadronic sources. In this model, we adopt a thermal target photon spectrum parameterized
by its temperature only. We show that, by suitably adjusting the temperature, the model can
reproduce quite accurately the neutrino production also in sources in which the target photons are
non-thermal, such as AGN and GRBs. The good reproduction is ensured by choosing the thermal

1In the work presented in this chapter we focus only on neutrino production and do not discuss gamma-ray pro-
duction, which is considerably more model-dependent because of the presence of internal attenuation and reprocessing
due to �� collisions.
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spectrum to be peaked at the photon energy contributing to the production of the neutrinos near
the peak of the energy flux. Therefore, this model allows to parameterize the whole variability of
target photons in terms of the temperature of an effective blackbody spectrum. We propose two
applications of this model: as a first application, we study the sensitivity of neutrino detectors with
different energy ranges of sensitivity, focusing on how this sensitivity depends on the astrophysical
properties of the source. As a second application, we determine how these astrophysical properties
affect the flavor composition of the neutrino flux.

These applications illustrate the typical class of problems for which a unified framework, such
as the thermal model proposed here, can provide a solution. Indeed, the model is an ideal tool for
those studies requiring to encompass many different source classes at once, including, for example,
multiplet and stacking searches. Furthermore, it could provide a useful tool for searches of Beyond
Standard Model effects on astrophysical neutrinos (such as those discussed in Part III of this thesis),
where one often needs to parameterize the standard neutrino production in astrophysical sources.

6.1 Thermal model
The key idea of the thermal model can be summarized as follows. The neutrino spectral shape
is influenced by the target photon spectrum, which can take widely different shapes in different
sources: there are many examples of sources in which the target photon spectrum is non-thermal,
such as in AGN and GRBs. For other candidate sources, a thermal spectrum has been assumed in
the literature: this is the case, e.g., for TDEs [195]. Within the thermal model, we assume that
there is a single target photon energy "̄

0
�

which contributes most to the photohadronic neutrino
production, and we replace the photon spectrum by an effective blackbody spectrum, peaked at
this energy "̄

0
�
. In this section, we will detail on this idea: first of all we will present the rule

associating to a given (non-thermal) target photon spectrum the energy "̄
0
�
, and consequently the

effective blackbody spectrum used in the reproduction. We will later introduce the parameterization
used for the cosmic-ray spectrum and the choice of maximal proton energy. Finally, we will provide
explicit examples of the performance of the thermal model on the two benchmark cases of AGN and
GRBs.

6.1.1 Temperature mapping

In this subsection we discuss how we can associate to a generic target photon spectrum a single
photon energy "̄

0
�

contributing most to the neutrino production. Equivalently, to this energy we
can associate an effective temperature for the blackbody spectrum such that the effective blackbody
number density is peaked at "̄0

�
. For this reason, we refer to this procedure as the mapping from a

generic target photon spectrum to the temperature of the effective blackbody spectrum.
Before entering the discussion, let us fix some notation. We will refer by unprimed quantities to

the quantities in the Earth reference frame. We will also assume that cosmic-rays are accelerated
in a rapidly expanding jet, as is the case in AGN, GRBs and TDEs. The quantities in the frame
comoving with the jet are denoted as primed. In particular, the energies in the two frames are
related by a Doppler factor as E = DE

0, with D = 1
�(1�v cos ✓) : here v is the expansion velocity, � is

the corresponding Lorentz factor, and ✓ is the observer viewing angle. Due to relativistic beaming,
the emission is most pronounced in directions close to the jet axis: choosing ✓ ⇠ 1/�, we see that
the Doppler factor is typically D ⇠ �. In the following we will use directly � to denote the Doppler
factor of expansion. If, in addition, the source is at a cosmological redshift z, the energy will be
further redshifted by a factor 1 + z, so that E = �E0

1+z
. In the following, we will neglect the factor
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1 + z which can be suitably absorbed in the definition of the Doppler factor.
We denote by n("0

�
) the number of target photons per unit volume per unit energy. For a proton

with energy E
0
p
, the interaction rate with the target photon field will be

�p!⇡(E
0) =

Z
d"

0
�
n("0

�
)�("0

�
, E

0). (6.1)

Here �("0
�
, E

0) is the total cross-section for interaction. The specific form of �("0
�
, E

0), as was
mentioned in Chap. 1, is typically obtained by simulations, and it involves the interplay of different
processes, including the �-resonance interaction and the multi-pion processes. In App. D we will
discuss in detail approximate parameterizations for the cross-section which allow to derive the results
in this section more rigorously. Here, we limit to observe that the interacion rate increases with the
photon number density "

0
�
n("0

�
). Furthermore, the interaction rate vanishes when "

0
�

is below the
kinematical threshold for pion photoproduction: specifically, for a proton with energy E

0, only those
photons can interact which satisfy the condition "

0
�
& y�mp/E

0, where mp is the proton mass and
y� ' 0.2 GeV corresponds to the reasonable pitch-angle averaged “threshold” for the interaction
(see Fig. 4 in Ref. [30]). If the proton distribution has a maximal proton energy E

0
p,max

(the value
of which is discussed in the next subsection), then the photons which participate to photohadronic
interactions have energies

"
0
�

>
y�mp

E0
p,max

. (6.2)

In this range, we assume the simple criterion that the photohadronic production mainly comes
from those photons with energy maximizing the photon number density "

0
�
n("0

�
). Therefore, we

identify the energy "̄0
�

with the position of the maximum of "0
�
n("0

�
).

There is an important case for which this criterion is not sufficient to determine the dominant
energy "̄

0
�
, namely when the photon number density is flat in an energy interval from "

0
1 to "02. In

other words, in this region n("0
�
) / "

0�1
�

. As we will see, this is just the expected behavior for our
benchmark model of GRB. In this case, there is no well-defined maximum in the photon number
density. We will show in App. D that, due to multi-pion processes, the correct neutrino spectrum
can nevertheless approximately be recovered with the choice "̄0

�
= "

0
2, namely the higher energy of

the range in which the photon number density is flat. With this specification, we have a well-defined
rule mapping a generic target photon spectrum to an energy "̄

0
�

dominating the photohadronic
production.

Finally, we introduce an effective black-body target spectrum

n
th

�
("0
�
)d"0

�
=
"
02
�

⇡2

1

e
"0�/T

0
� 1

d"0
�
. (6.3)

In order for the blackbody photon number density to be peaked at the same energy "̄0
�
, we choose

T
0 =

"̄
0
�

2.8
. (6.4)

By explicitly maximizing "
0
�
n

th

�
("0
�
), it can be proved that this choice indeed leads to the correct

peak energy.
In Sec. 6.1.3 we will show some explicit examples of the performance of the thermal model in

reproducing the neutrino production from sources with non-thermal target photons. It is however
useful to discuss for which choices of the target photon spectrum the thermal model performs better.
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The performance of the thermal model is of course best for photon number densities which
are peaked at a definite energy. However, also power-law and broken power-law spectra can be
approximately reproduced. The most difficult case is for nearly flat photon number densities, namely
when n("0

�
) / "

0�↵
�

with ↵ close to one. For ↵ . 1, we will explicitly show in App. D that the thermal
model is quite accurate. For ↵ & 1 the model reproduces correctly the peak in the neutrino spectrum.
However, the spectral index below the peak is not well reproduced for ↵ close to 1. The reproduction
becomes increasingly better as ↵ increases. The spectral index below the peak is recovered exactly
for ↵ � 3.

6.1.2 Cosmic-ray spectrum
A fundamental ingredient in the determination of the neutrino spectrum is the parent cosmic-ray
spectrum. For this work, we model the cosmic-ray number density per unit energy as Np(E0) /

E
0�2 exp

⇥
�E

0
/E

0
p,max

⇤
, as expected from the standard first-order Fermi acceleration mechanism,

with a maximal proton energy E
0
p,max

determined by the properties of the source. More specifically,
the maximal proton energy is determined by the condition that the acceleration timescale for protons
⌧
0
acc

= E
0
/(⌘eB0), where B

0 is the source magnetic field and ⌘ is the acceleration efficiency, is smaller
than the energy loss timescale and the escape time. As energy losses we only consider the dominant
process of synchrotron radiation. For the acceleration efficiency we take the benchmark value ⌘ = 0.1.

For weak magnetic fields, the maximal proton energy is well-described by the Hillas condition

E
0
p,max

' 3 ⇥ 107 GeV
B

0

1 G

R
0

1010 km

⌘

0.1
, (6.5)

which also corresponds to the confinement condition for ⌘ = 1. On the other hand, for strong
magnetic fields, the maximal proton energy is determined by the balance between the acceleration
timescale and the timescale for synchrotron losses [22] and it can be approximated as

E
0
p,max

' 5.9 ⇥ 1010 GeV
✓

B
0

1 G

◆�1/2 ⇣
⌘

0.1

⌘1/2
. (6.6)

We compactly show the maximal proton energy as a contour plot in the Hillas plane R
0
� B

0

in Fig. 6.1. The shape of the contours indeed follows the typical behavior of the Hillas criterion
(corresponding to a constant product R

0
B

0) for low magnetic fields, while they become horizontal
(corresponding to a constant B

0) for high magnetic fields, where synchrotron losses dominate.
Therefore, in the thermal model introduced here we can parameterize the neutrino spectral shape

in terms of four parameters only: the source size R
0 and magnetic field B

0, which determine the
cosmic-ray spectrum; the target photon temperature T

0; the Doppler factor �. For each choice of
the parameters we use the software NeuCosmA [22, 30, 302, 303] to obtain the produced neutrino
spectrum. The software determines the secondary pion, kaon, and neutron spectrum produced in the
p� collisions: the p� cross section is based on a parameterization of the simulations by SOPHIA [32].
Subsequently, it determines the injection of secondary muons by the pion decay, using the decay
functions in Ref. [29]. For both secondary pions and muons, cooling due to synchrotron losses in
the source magnetic field are accounted for by solving the stationary transport equation for the
energy distribution. For the neutrinos produced in the neutron decay, we assume a monochromatic
spectrum, which may lead to an inaccurate reproduction of the flavor composition in the low energy
region. However, since the flavor composition in this energy region is difficult to reproduce correctly
even independently of this effect, we do not investigate further the changes induced by a different
choice.
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Figure 6.1: Maximal proton energy in the relativistically comoving frame as a function of B
0 and R

0

in our maximal proton energy model for ⌘ = 0.1. Test points are identified by the numbers 1 to 6.

6.1.3 Benchmark examples
In this section, we present two benchmark examples of sources with non-thermal target photons,
illustrating the performance of the thermal model in approximating the neutrino production. We
take as examples the cases of AGN and GRBs, in both of which the target photons are usually
described by means of a broken power law

n�("
0
�
) /

(
("0
�
/"

0
b
)�↵, "

0
min

 "
0
�

 "
0
b

("0
�
/"

0
b
)�� . "

0
b

< "
0
�

 "
0
max

(6.7)

Such a spectrum is parameterized by the two spectral indices ↵ and �, the minimal energy "0
min

,
the break energy "

0
break

, and the maximal energy "
0
max

. We collect in Table 6.1 our benchmark
parameter choices for both AGN and GRB, as well as the effective temperatures determined by the
mapping in Sec. 6.1.1.

For both sources, we show in Fig. 6.2 the all-flavor neutrino spectra (left panel), as well as
the flavor composition (right panel), computed using the broken power-law model (solid) and the
thermal model (dashed). In Fig. 6.2, �⌫↵ = dN⌫↵

dtdEdS
is the number of particles per unit time per unit

energy per unit surface and ↵ = e, µ, ⌧, ē, µ̄, ⌧̄ . Furthermore, �⌫ =
P
↵
�⌫↵; since we are dealing

with point sources, we do not consider the differential flux per unit solid angle.
The neutrino spectral shape is well-reproduced near the peak by the thermal model for both

AGN and GRB. Interestingly, for GRB the accuracy in the reproduction depends critically on the
multipion production: if we had accounted only for the �-resonance contribution, the thermal model
would have produced a peaky neutrino spectrum, not in agreement with the solid line spectrum.
The reason why multipion production allows a more accurate reproduction is discussed in more
detail in App. D. The flavor composition is also well-reproduced by the thermal model except at
the very lowest energies, where the thermal model predicts an overproduction of electron neutrinos.
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Source � B’ [G] R’ [km] "
0
min

[eV] "
0
b

[keV] "
0
max

[keV] ↵ � T’ [eV]
AGN 10 1 1011 - 3 ⇥ 10�5 1 1 2.64 0.2
GRB 100 3 ⇥ 105 107 0.3 14.8 1000 1 2 5300
TDE 10 90 109 - - - - - 840

Table 6.1: Summary of numerical values for the parameters used for the benchmark spectra shown
in this work. For AGN we extract the parameters of the target-photon spectrum by a broken power-
law fit to the low energy spectrum in Ref. [304]; the astrophysical parameters �, B

0 and R
0 are

fixed to typical values for AGN jets in Ref. [22]. For GRB the parameters of the target-photon
spectrum and the magnetic field are taken from the reference values of Ref. [302], the Doppler factor
is fixed to a typical value and the size of the accelerating region is taken to be the shell thickness
R

0 = �tv
1+z

with tv = 0.3 s being the variability timescale and z ⌧ 1. For TDE the parameters of the
target-photon spectrum and the magnetic field are taken from Ref. [195]; the Doppler factor is fixed
to a typical value and the size of the accelerating region is taken to be the shell thickness R

0 = �tv
1+z

with tv = 300 s and z ⌧ 1.

Figure 6.2: Comparison between the benchmark astrophysical neutrino fluxes, parameterized as
broken power laws, and their reproduction using the thermal model. In the left panel we show the
comparison for the neutrino fluxes produced in AGN and GRBs. We show the all-flavor neutrino
flux E

2
� in GeV cm�2 s�1 (normalization in arbitrary units) as a function of the energy in the

observer rest frame. In the right panel we show the fraction of electron neutrinos and antineutrinos
in the differential flux at the source as a function of the energy in the observer rest frame, in the
energy region in which the flux is at least 1/1000 of its peak value. The solid curves are obtained
from the astrophysical broken power-law source model, the dashed curves are obtained with the
thermal model, the dotted curve is obtained from the Band function model for the GRB target
photon spectrum. The parameters used in the generation of the astrophysical neutrino spectra are
summarized in Table 6.1.

The reason is that at low energies the production is dominated by electron neutrinos from neutron
decay, which produce a bump in the spectral distribution: the specific shape of this bump depends
on the details of the target photon spectrum, and therefore are difficult to recover with the thermal
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Figure 6.3: Experimental sensitivities for different model parameters. The figures show the differ-
ential limits (colored curves) and the sensitivities to certain benchmark fluences (black curves) as a
function of (observed) neutrino energy, where the curves refer to all flavors. In the upper left panel
we show different choices of the effective temperature T

0, in the upper right panel we show different
choices of �. In the lower left and right panels, we show curves for different maximal proton energies
and magnetic fields, respectively, referring to the test points identified in Fig. 6.1. The fluences are
normalized so that the sum of the expected events at all three experiments together is 2.44.

model. However, this inaccuracy only affects the flavor composition in the low energy region, far
from the peak of the spectrum. The qualitative behavior of the flavor composition as a function of
the energy will be discussed in more detail in Sec. 6.3.

Let us comment on one final point. We have shown two examples of how the thermal model
can simulate neutrino production from non-thermal sources. However, we emphasize that there
could also be sources which naturally have a target of photons which is thermal in nature. One
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such example may be TDEs: in Ref. [195] the target photons are indeed modeled as a blackbody
spectrum. In Sec. 6.2 we will use TDE as a benchmark astrophysical source: in Table 6.1 we collect
the parameters we use to model its neutrino production.

In conclusion, within the thermal model the neutrino spectral shape is specified by four param-
eters

T
0
, B

0
, R

0
, �, (6.8)

where T
0 is the effective temperature of the target photons, B

0 is the magnetic field, R
0 is the source

dimension and � is the Doppler factor. Furthermore, the acceleration efficiency ⌘, which we fix to
0.1 in the following, and the spectral index of the cosmic-rays, which we fix to 2, are in principle
other free parameters of the model.

6.2 Sensitivity of neutrino detectors
In this section we discuss the potentialities of neutrino detectors sensitive in different energy ranges
for the detection of the neutrino fluxes from a p� astrophysical source. We parameterize the prop-
erties of the source by the four parameters in Eq. 6.8, and we study how the results are influenced
by these parameters. We divide the neutrino detectors of interest in three classes, based on their
energy ranges of sensitivity:

• Dense neutrino arrays, between 1 GeV and 105 GeV (e.g. PINGU, ORCA, DeepCore);

• Neutrino telescopes, between 105 GeV and 107 GeV (e.g. IceCube, KM3NeT, Antares);

• Neutrino radio arrays, between 107 GeV and 1012 GeV (e.g. ARIANNA, IceCube-Gen2 Radio
Array, GRAND).

We choose as representatives DeepCore [305] for dense neutrino arrays, KM3NeT [306] for neutrino
telescopes and IceCube-Gen2 Radio Array [307] for neutrino radio arrays, respectively. In particular,
we choose DeepCore since it has a better sensitivity above 100 GeV, and KM3NeT and IceCube-
Gen2 Radio Array for their slightly larger effective areas compared to the others on the lists; see
also Ref. [308] for effective volumes of future neutrino telescopes. However, experiments in the same
class lead generally to similar performances.

The detection of neutrinos from a source in general depends on the exposure time of the exper-
iment to the source. In this work, for simplicity, we will stick to a background-free approximation
and consider the integrated fluence F⌫ , which is the flux times the observation time F⌫↵ = �⌫↵t for a
steady flux (in units of GeV�1 cm�2). A constant fluence leads to a constant expected number of de-
tected events, and therefore in the background-free approximation we can define a minimum fluence
needed for detection at each given experiment. The validity of the background-free approximation is
sufficiently justified for the neutrino radio telescopes and the neutrino telescopes. It is not in general
reasonable for dense neutrino radio arrays, for which atmospheric neutrinos constitute a rather large
background. In Ref. [35], we discuss the changes induced by accounting for the background.

In order to quantify the potentiality for detection of a source with a given choice of parame-
ters, for each experiment we normalize the fluence so as to have 2.44 expected events, namely the
background-free Feldman-Cousins 90% sensitivity limit [309]. With this criterion, we are determin-
ing the minimum normalization of the neutrino flux leading to a 90% detection. In order to relate
this normalization to a physical requirement on the source, we introduce the quantity

⇠ =

Z
E F⌫dE . (6.9)
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Figure 6.4: Experimental sensitivity to neutrino fluences from benchmark sources. In the left (right)
panel we show the differential limit of our benchmark Neutrino Telescope (Neutrino Radio Array) in
color, together with the sensitivities E

2
⌫
F⌫ in GeV cm�2 for sources with a thermal photon spectrum

simulating GRBs, AGN and TDEs; all the spectra are normalized to the 90% Feldman-Cousins limit
for signal detection at the corresponding experiment. The numerical values for the parameters are
reported in Table 6.1.

This quantity is a measure of how much energy must be injected by the source in neutrinos
in order to have a 90% detection. More specifically, if E⌫ is the isotropically-equivalent energy
injected in neutrino production by the source and dL(z) = (1+ z)

R
z

0
1

H(t)dt (H(z) being the Hubble
parameter), we have E⌫ = 4⇡⇠d2

L
(z)/(1 + z). Therefore, the larger ⇠, the more energy needs to be

injected in neutrino production in order to have a detection, and thus lower values of ⇠ are associated
with a better sensitivity to neutrino detection.

We emphasize that the energy injected in neutrino production is not associated in a straight-
forward way with the energetic requirements on the source. In fact, the emitted neutrino energy
E⌫ (assuming an optically thin source) is directly proportional to the injected (non-thermal) en-
ergy of protons Ep and the fraction of the proton energy going into pion production, namely the
“pion-production efficiency” f⇡. Thus E⌫ / f⇡Ep. Ep is generally taken as a free parameter, con-
nected with the X-ray or gamma-ray luminosity through a quantity called “baryonic loading”. On
the other hand, f⇡ strongly depends on the size, geometry, and Lorentz factor of the production
region. Therefore, an interpretation in terms of the source parameters and of Ep goes beyond the
scope of this study. In what follows, we will refer to the sensitivity only in terms of the energy
injected in neutrinos E⌫ .

In order to show how the astrophysical parameters influence the neutrino spectral shape, we show
in Fig. 6.3 the neutrino fluences for selected parameter choices, together with the 90% differential
limits of the three benchmark experiments studied here. In the four different panels we vary one
parameter at a time, namely T

0 (upper left panel), � (upper right panel), maximal proton energy
(lower left panel), and magnetic field (lower right panel). We now discuss the effects of each of these
parameters separately.

Lower effective temperatures are associated to rather peaked spectra near their maximal ener-
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Source ⇠ at Neutrino Telescope [erg cm�2] ⇠ at Neutrino Radio Array [erg cm�2]
AGN 4.5 ⇥ 10�2 5.2 ⇥ 10�3

GRB 1.2 ⇥ 10�3 6.2 ⇥ 10�2

TDE 1.7 ⇥ 10�3 8.3 ⇥ 10�2

Table 6.2: Summary of the minimal energy fluences ⇠ necessary for detection at different experiments
for the benchmark spectra (reproduced in the thermal model) shown in this work.

gies, and therefore are generally easier to detect at neutrino radio arrays. Increasing the effective
temperature leads to the formation of a flat region, originating from the multi-pion interaction. The
Doppler factor simply induces a boost of the neutrino energies, and therefore a parallel translation
of the spectral shape at higher energies (we are here considering only the spectral shape in arbitrary
units: the luminosity of the source is actually also affected by the Doppler factor).

In the bottom panel, we vary the maximal proton energy and the magnetic field. Since the two
parameters we have at our disposal are B

0 and R
0, we cannot vary each of them separately. Rather,

we choose a series of test points highlighted in Fig. 6.1. The test points 1, 5, and 6 are chosen at a
fixed magnetic field, varying only the maximal proton energy, whereas the test points 1, 2, 3, and 4
are chosen along lines of constant maximal proton energy E

0
p,max

, varying only the magnetic field.
The other criteria we adopt for the choice of the test points is to look for a region in which most
of the physically realistic sources appear (see, e.g., Ref. [22]), and in which the magnetic field is
sufficiently large to produce observable effects.

Increasing the maximal proton energy, as in the bottom left panel of Fig. 6.3, leads to an increase
in the upper cutoff of the spectrum. On the other hand, increasing the magnetic field, as in the
bottom right panel, leads to a steepening of the spectrum at the highest energies, which is caused
by synchrotron losses.

A more directly interesting result is the neutrino spectrum for the three benchmark astrophysical
sources discussed in Sec. 6.1.3, namely AGN, GRB, and TDE. We show in Fig. 6.4 the neutrino
fluences (obtained using the thermal model parameters in Table 6.1) for all three sources, compared
with the differential limits of neutrino telescopes (left) and neutrino radio arrays (right). For each
panel the neutrino fluence is normalized to 2.44 expected events at the corresponding experiment.
We also provide the values of ⇠ for detection of each source at the two experiments in Table 6.2.
Both from the figure and from the table we see that AGN require a smaller normalization (and
therefore a smaller injected energy in neutrinos) for detection at neutrino radio arrays rather than
neutrino telescopes. This is due to the peaked structure of the flux at the highest energies. For
TDE and GRB, on the other hand, the flux is distributed over a wider range of energies and is more
easily detected at neutrino telescopes. We do not show the result for dense neutrino arrays, which
are sensitive at too low energies for detecting neutrinos from these sources.

Finally, we perform a systematic scan of the parameter space to determine what is the best
experiment class for neutrino detection. As a criterion, for each parameter choice we choose as
most suitable experiment the one requiring the least value of ⇠ for a detection. We show the result
in Fig. 6.5, where we classify the Hillas plane with different colors according to the most suitable
experiment. We present three different choices of the parameters � and T

0, and we identify the
parameter choices corresponding to the three benchmark sources outlined above. We find that most
of the parameter space can be probed by neutrino telescopes and neutrino radio arrays, requiring an
energy fluence of the order of 10�3 erg cm�2. Dense neutrino arrays require larger energy fluences,
of the order of about 1 erg cm�2; they become competitive only in the range of very large magnetic
fields and large temperatures. Finally, we find that neutrino radio arrays are mostly sensitive in the
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Figure 6.5: Determination of the most suitable experiment for the detection of astrophysical sources
with parameters �, T

0, B
0 and R

0. We show the Hillas plane divided according to which experiment
is most suitable for detection: the red, green and blue regions correspond, respectively, to our
benchmark Dense Neutrino Array, Neutrino Telescope and Neutrino Radio Array as most sensitive
experiments. The three panels correspond to different values for the effective temperature and
Doppler factor. Typical values of B

0, R
0, T

0 and � for AGN, TDE and GRB sources are identified
(the sources are identified by the order of magnitude of the effective temperature rather than by the
precise value). In the gray regions, pion production, and therefore neutrino production, is inefficient,
because the maximal proton energy is below the threshold for pion photoproduction for all target
photons.

region of low temperatures, corresponding to peaked spectra at high energies which could not be
probed by neutrino telescopes.

6.3 Flavor composition
In this section we discuss how the flavor composition is influenced by the properties of the astro-
physical source in the framework of the thermal model. Since the flavor composition changes with
the energy, its relation with the astrophysical parameters is difficult to convey in a compact form.
As a first step, we will exhibit the flavor composition as a function of the energy for some benchmark
choices of parameters. As we will see, this already allows to understand qualitatively what is the
impact of the different astrophysical parameters on the flavor composition.

We show in Fig. 6.6 the neutrino fluxes (top panels) and the flavor composition (bottom panels)
as a function of the energy for three benchmark choices of source size and magnetic field, identified
by the test points A, B, and C in Fig. 6.7. The effective temperature is varied in each panel from
0.1 eV to 10 keV. We quantify the flavor composition by the ratio between the muon neutrino flux
and the electron and tau neutrino flux �⌫µ/(�⌫e + �⌫⌧ ). We only consider fluxes summed over
neutrinos and antineutrinos.

The flavor composition in all cases transitions between different regimes. At low energies, the
flux is dominated by the bump of neutrinos coming from neutron decay, and is in the neutron-beam
regime. At intermediate energies, the full decay chain of pions and muons is active, leading to the
pion-beam regime. Finally, at the highest energies, synchrotron losses dampen the muon energy, so
that only pion decay is a source of neutrinos: the flux enters therefore the muon-damped regime. The
influence of the different astrophysical parameters can also be inferred from Fig. 6.6. For decreasing
magnetic fields (from left to right panel), the transition to the muon-damped regime is pushed to
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Figure 6.6: Neutrino fluxes and flavor ratios at Earth as a function of energy. In the top panels we
show the all-flavor neutrino fluxes as a function of the energy for the three TPs in Fig. 6.7, which are
chosen to simulate lower magnetic fields from left to right. The three curves in each panel correspond
to T

0 = 0.1 eV, T
0 = 100 eV and T

0 = 10 keV; in all cases � = 10. In the bottom panels we show
the ratio between the muon and the sum of electron and tau neutrino and antineutrino differential
flux as a function of the energy. The curves are represented only in the region in which the flux is
at least 1/1000 of its peak value. The horizontal bands identify the different flavor regime according
to the quantitative criterion defined in the caption of Fig. 6.7. For the neutrino mixing parameters
the best-fit parameters of Ref. [61] are chosen. Both in the top and the bottom panels we identify
the peak energies of the neutrino fluxes with vertical lines: each color corresponds to the effective
temperature according to the legend.

higher energies. This should be expected, since decreasing the magnetic field reduces the impact
of synchrotron losses. On the other hand, lowering the effective temperature has the main effect of
pushing the spectrum to higher energies, as seen in the top panels. For this reason, the neutron-
beam region moves to higher energies as well, and the peak of the spectrum is pushed closer to the
muon-damped region (because of this effect, for TPA at a temperature of 0.1 eV the peak of the
spectrum is completely in the muon-damped regime).

In order to systematize these conclusions, we now focus on the flavor composition at the peak of
the spectrum only (in Fig. 6.6 the peak of the spectrum for each case was identified by vertical lines),
namely the maximum of E

2
�⌫ . We classify the parameter space according to whether the flavor

composition at the peak is pion beam, neutron beam, muon damped. The result of this classification
is shown in Fig. 6.7, where we identify with different colors the regions corresponding to different
flavor compositions. The three panels correspond to three different effective temperatures.

The region of low magnetic fields always lead to the pion-beam regime at the peak of the spectrum.
Increasing the magnetic field leads into a region of muon damping. At the very highest magnetic
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Figure 6.7: Flavor structure at the peak of the spectrum as a function of R
0 and B

0 (Hillas plot). We
divide the Hillas plane according to the flavor composition at the peak of the spectrum: the neutron-
beam region has a flavor ratio (at the source) between (0.9 : 0.1 : 0) and (1 : 0 : 0); the muon-damped
region has a flavor ratio between (0.1 : 0.9 : 0) and (0 : 1 : 0); the pion-beam region has a flavor ratio
between (0.31 : 0.69 : 0) and (0.36 : 0.64 : 0). In the white regions the flavor composition does not
belong to any of the previous regimes. The three panels correspond to T

0 = 0.1 eV, T
0 = 100 eV and

T
0 = 10 keV. The gray regions correspond to inefficient pion production. Test points are indicated

by A, B and C and by G1.

fields, both pions and muons are damped by synchrotron losses and the spectrum is dominated by
neutrinos from neutron decay. The effect of lowering the temperature is that of moving the transition
to muon-damped and neutron-beam regimes to lower magnetic fields. We refer to Ref. [35] for a
complementary discussion of the observable effects of the energy-dependent flavor composition on
the track-to-shower ratio at neutrino telescopes.

6.4 Conclusions
As the amount of data from neutrino telescopes progressively increases, the extraction of information
from it requires a flexible modeling of the astrophysical production of neutrinos. The thermal model
described here represents one possible answer to this necessity. By using an effective blackbody
representation for the target photons within the source, the model is able to approximately reproduce
the neutrino production even for sources which are highly non-thermal.

In the discussion proposed here, we apply the model to determine how astrophysical parameters
influence the sensitivity of different neutrino experiments and the flavor composition of the produced
neutrinos. However, these are just two examples of the possible applications of this model, which is
ideally suited for systematic studies encompassing many different source classes at once. Examples
of such systematic studies may include multiplet and stacking searches. A particularly promising
application for the model is the search of Beyond Standard Model effects in astrophysical neutrino
production (such as the works discussed in Part III of this dissertation).
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Beyond Standard Model physics
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Chapter 7

Decaying Dark Matter at neutrino
and gamma-ray telescopes

The very high energies of cosmic neutrinos and gamma-rays allow to test particle physics at an
unprecedented energy scale, as was discussed in the Preface. The next three chapters are devoted
to examples of what we can infer from neutrinos and gamma-rays on BSM physics. In particular,
in this chapter we shall be concerned with indirect detection of dark matter.

Dark Matter (DM) is literally matter composed of particles which do not interact electromagnet-
ically, and for this reason are dubbed dark. The only granted interaction of DM is the gravitational
one, since it is the one which hinted at DM existence in the first place. The first indications of
DM were connected with the measurements of velocities of galaxies in galaxy clusters [310] and of
rotation curves of galaxies [311] (see Ref. [312] for a more detailed history of DM). These measure-
ments showed that the velocities of visible matter (of galaxies in galaxy clusters, and of stars and
gas in galaxies) were larger than what one could have expected from the virial theorem and from
gravitational dynamics given the mass of the objects. The natural conclusion was that the objects
were more massive in their central region due to the presence of a dark component. This component
should interact gravitationally with conventional matter to explain the large observed velocities of
course. These local indications of a dark component were later complemented by cosmological hints,
including the realization that DM is a fundamental component for structure formation.

Even though the DM paradigm is the generally accepted explanation for the above mentioned
problems, there is as yet no direct observation of it via non-gravitational interactions. A promising
method in this direction is to search for indirect signatures of DM, for example the products of
DM decay or annihilation. There is no guarantee that DM decays or annihilates, but if it does it
might produce Standard Model particles which could be detected by Earth experiments. For this
reason, the dawning of multi-messenger astronomy has significantly improved the indirect search
for DM, because the experiments described in Chap. 3 can in principle detect cosmic-rays, gamma-
rays, and neutrinos produced in the decay or annihilation of DM particles. A very important role
has been played both by gamma-ray experiments, such as Fermi-LAT, KASKADE [313], CASA-
MIA [314], CASA-BLANCA [315], and by cosmic-ray experiments, such as PAMELA [316], AMS-
02 [317, 318], TA [319], KASKADE-Grande [320], and the Pierre Auger Observatory (PAO) [321].
The neutrino counterpart of these experiments is constituted by neutrino telescopes and neutrino
radio arrays. Among neutrino telescopes, IceCube has already observed neutrinos of astrophysical
origin, as mentioned repeatedly in this work, and in fact this observation has already allowed to
draw information on indirect searches of DM particles with masses larger than 100 TeV [322–340].

103



104

On the other hand, neutrino radio telescopes probing the EeV energy range have not yet taken data:
their observations will allow to test even larger masses for the DM particles.

In this chapter we will present two related works in which we have discussed indirect detection of
DM decay. In the first work [335] we have focused on the energy range of the IceCube neutrinos. As
was discussed in Sec. 3.2.1, the HESE data sample from IceCube indicates a softer spectrum than
the throughgoing muons one. This softer spectrum could be explained by an excess of neutrinos
around 100 TeV, which for some reasons is only seen within the HESE data sample. DM might be a
possible explanation for this excess: since, as we will see, most of the neutrinos from DM decay come
from the Galactic center, they should be visible within the HESE data sample. In this first work we
have investigated whether neutrinos from DM decay can explain the HESE data without requiring
too soft an astrophysical spectrum. Since DM decay might produce simultaneously neutrinos and
gamma-rays, we have performed a multi-messenger analysis to check whether the gamma-rays from
DM decay overshoot the present bounds from gamma-ray telescopes.

In the second work [341] we have focused on the ultra-high neutrino energy range, which will
be the domain of neutrino radio telescopes. The measurements of these experiments will provide
new information on whether decaying DM produces neutrinos, and in particular they will be able
to constrain the parameter space of decaying DM. A quantitative estimate of the strength of these
constraints was however lacking in the literature. In this second work we have performed such an
estimate, using GRAND, IceCube-Gen2 Radio Array and the Radio Neutrino Observatory (RNO)
as benchmark examples of future neutrino radio telescopes.

A third work on this subject [342], which we do not discuss here, deals with the constraints
on heavy decaying DM obtained by gamma-ray observations. Compared to the previous literature,
we systematically obtain the constraints on model of DM decaying into leptons, quarks, gauge
bosons, and neutrinos. Beside its relevance as a way to constrain the model, these results provide a
useful comparison with the projected constraints obtainable by neutrino radio-telescopes studied in
Ref. [341], allowing to understand how much these future experiments will improve upon the current
knowledge.

7.1 Neutrinos and gamma-rays from dark matter decay

Indirect DM searches look for the products of possible DM decay or annihilation. It is clear that any
such search depends on some specific underlying model for DM, since in principle DM candidates
could be stable against both decay and annihilation and therefore be invisible to indirect detection.
Nevertheless, these searches have proved to be a powerful method of constraining DM models. In
this section, we describe how neutrinos and gamma-rays, which are the focus of this thesis, could
be produced in DM decay and annihilation. In particular, we will show by an order-of-magnitude
argument that high-energy astrophysical particles are most effective in constraining the decay of
very heavy DM candidates. Therefore, all the subsequent numerical work will be devoted to this
specific choice of DM candidate.

A fundamental property of DM is that it should be stable against decay on cosmological timescales.
In other words, its lifetime should be larger than the lifetime of the Universe. However, DM could
still decay with larger lifetimes, and therefore a sizable fraction of the cosmological DM would be
decaying at present times. If DM admits some coupling with the Standard Model particles, then
such particles could be produced in the final state of this decay. Since the only stable particles
that we know of in the Standard Model are protons, electrons, photons, and neutrinos (we neglect
here gravitons), DM decay may give rise to a signal of cosmic-rays, gamma-rays, and neutrinos.
In a similar way, if DM can annihilate, as is the case in many models in which DM is thermally
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produced, then the products of its annihilation could be stable Standard Model particles amenable
to detection.

In both cases we can distinguish two conceptually different sources of particles from DM decay
and annihilation, namely a galactic and an extragalactic one. The galactic component, originating
from the galactic distribution of DM, is generally expected to be dominant over the extragalactic
one, which is instead originated from the cosmological DM distribution. Let us estimate the order of
magnitude of the galactic contribution to the neutrino flux in the case of DM decay and annihilation
(see also Ref. [324]). In the first case, we assume a single DM candidate decaying with a lifetime
⌧ � H

�1
0 , where H0 is the Hubble constant, and with mass mDM. Therefore, if ⇢DM is the density

of DM and L ' 10 kpc is a characteristic propagation length in the galaxy, the resulting neutrino
flux must be of order

�⌫,dec ⇠
n⌫⇢DML

⌧mDM

⇠ 10�16cm�2 s�1
n⌫

✓
⇢DM

0.4 GeV�1 cm�3

◆✓
109 GeV

mDM

◆✓
1029 s

⌧

◆
, (7.1)

where n⌫ is the average number of neutrinos emitted per DM decay. For comparison, the average
flux measured by IceCube at 100 TeV is about �IC ⇠ 10�13 cm�2 s�1 sr�1. Assuming conservatively
that the portion of solid angle subtended by the Galactic Center is between 0.1 sr and 1 sr, we see
that the two fluxes are comparable if

n⌫

✓
107 GeV

mDM

◆✓
1028 s
⌧

◆
& 1. (7.2)

On the other hand, at very high energies, in the range of the neutrino radio telescopes, the sensitiv-
ities of future experiments such as GRAND and IceCube-Gen2 Radio Array are expected to be of
the order of �RA ⇠ 10�18 cm�2 s�1 sr�1. Assuming again a fraction of solid angle between 0.1 sr
and 1 sr, we see that the flux is detectable if

n⌫

✓
1010 GeV

mDM

◆✓
1030 s
⌧

◆
& 1. (7.3)

Thus we see that IceCube is apt to testing decaying DM in the hundreds of TeV to PeV region,
whereas the future neutrino radio-telescopes will probe the region with masses larger than 1010

GeV1.
Let us now adapt the same reasoning to the case of annihilating DM. The process is here param-

eterized not by the lifetime ⌧ , but by the cross-section for collision �DM. In terms of this quantity,
the neutrino flux from DM annihilation is

�⌫,ann ⇠
n⌫⇢

2
DM

�DMvDML

m
2
DM

, (7.4)

where vDM ' 10�3 in natural units is the average velocity of DM in the Galactic Center. The
cross-section cannot take arbitrarily large value, and is bounded by the unitarity limit [343] � <

4⇡/m
2
DM

v
2
DM

, as can be obtained by partial wave expansion. Substituting this value we find

�⌫,ann . 10�27 cm�2 s�1

✓
⇢DM

0.4 GeV/cm3

◆2✓109 GeV
mDM

◆4✓
10�3

vDM

◆
. (7.5)

1There is of course also a reason of energy shape for this difference. Neutrino radio-telescopes are more sensitive
to higher energy neutrinos produced in the decay of heavier DM.
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By comparison we see that for masses around 10 PeV this flux is barely detectable above the IceCube
flux, whereas at masses larger than 109 GeV it is orders of magnitude below the sensitivity of the
neutrino radio telescopes. For this reason, in the following we will be mainly concerned with the
case of decaying DM: for studies of annihilating DM in the energy range of IceCube we refer to the
literature [322,334,336,338,339,344].

In the remaining part of this section, we discuss how we can determine the fluxes of particles
from DM decay. It is clear that this can be done only in the context of specific models of decay,
otherwise the factor n⌫ in the equations above, determining how many neutrinos are produced in the
decay, cannot be fixed. To remain as general as possible, in these works we examine a class of models
in which DM decays into pairs of Standard Model particles. Therefore, if � is the DM particle, we
examine the decay � ! pp̄, where p is any particle of the Standard Model. Thus a DM model is
completely specified by three choices: the decay channel, namely the particle-antiparticle pair in
which DM decays primarily; the DM mass mDM; the DM lifetime ⌧ . The computation of the fluxes
of particles from DM decay then reduces to two separate steps: the determination of the spectrum
in the decay of a single DM particle, and the determination of the diffuse flux from the galactic and
extragalactic distribution of DM. In the last step one has to account for the propagation effects of
cosmic-rays, photons and neutrinos. We divide the discussion according to these two subjects.

7.1.1 Particle spectrum from dark matter decay
Even though the coupling between DM and the Standard Model is very simple, the final state of the
decay may be very complicated. The reason is that the particles pp̄ coupling to DM may behave as
intermediate states for the production of other particles through their Standard Model couplings. In
particular, if the particles pp̄ are charged, they can produce low-energy photons; if they are quarks
or hadronic particles, they will give rise to hadronization, with the consequent quark-gluon cascade
ending in the production of hadrons. Furthermore, at the large masses (mDM � 1 TeV) in which
we are interested, the particles pp̄ are also sufficiently energetic to emit W and Z bosons. For this
reason, even decay channels such as � ! ⌫⌫̄ are affected by this showering process, leading to a
multi-particle final state.

The difficulty in the description of this showering is the coexistence of processes of very different
nature. The hadronization is a process that is best described by explicit simulation of the decay.
This task is suited for simulation codes such as PYTHIA [24]. On the other hand, the electroweak
showering is only partially dealt with PYTHIA (see below), and presents considerable difficulties,
which we will now briefly describe qualitatively with no pretense of completeness (see, e.g., Refs. [345,
346]).

If the energy scale of the particles in DM decay is slightly above the mass MW of the W boson,
these particles can emit low-energy W bosons. This process is analogous to the emission of soft
photons in QED and soft partons in QCD, with some differences. A first important difference is
that the mass of the W boson introduces a physical infrared cutoff below which soft emission is
inhibited, whereas soft gluons and photons are massless, and a fictitious mass is only introduced
as an infrared cutoff. Explicit computations show that the probability of emission of a particle
via electroweak interactions contains both logarithmic terms ↵ log

�
q
2
/M

2
W

�
and double-logarithmic

terms ↵ log2(q2/M2
W

), where ↵ is the coupling constant and q is the energy scale. The presence
of the double-logarithmic terms stands in contrast to the analogous parton showering in QCD or
soft photon radiation in QED. In both theories, the double logarithms precisely cancel between
the real and virtual corrections in all inclusive observables which are symmetric under the gauge
group. For example, in QCD the double logarithms disappear once we average the final state over
the color. However, in electroweak theory this averaging procedure cannot be done, because the
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isospin of the final state is observable. Due to the double logarithms, at sufficiently large energies
the corrections due to electroweak emission will become non-perturbative. In a similar fashion to the
parton showering in QCD, the validity of perturbation theory can be restored by using the DGLAP
evolution equations, which are able to resum the dominant logarithmic and double-logarithmic terms.
The electroweak splitting processes are partially implemented in PYTHIA, which however does not
include the triple boson coupling WWZ and WW�, which can be rather important at high energies.
Another approach available in the literature is the collection of spectra from DM decay obtained
from the code PPPC [55], where leading order electroweak corrections are accounted for. This code
adopts the approach of Ref. [345], which does not resum the leading logarithms and only solves
the DGLAP equations to first order in ↵ log2(q2/M2

W
). Therefore, one expects it to be valid for

↵ log2(q2/M2
W

)/2⇡ ⌧ 1. Assuming that q ⇠ mDM, this approach should give reliable results for
mDM ⌧ 100 TeV. For our first work [335], we used the code PPPC to generate the particle spectra
from DM decay. Since we were interested in masses larger than 100 TeV, we extrapolated the results
of the code by assuming scaling invariance: in other words, if dNi

dE
(E, mDM) is the number of i-th

particles per unit energy from the decay of a single DM particle of mass mDM, we assumed that
above 100 TeV

dNi

dE
(E, mDM) = f

✓
E

mDM

◆
, (7.6)

where f(x) is a function determined by matching the results below 100 TeV. The validity of a
scaling assumption at these energies is not rigorously true. Indeed, dimensional analysis arguments
are broken by the presence of a physical fixed scale, namely MW . Nevertheless, we showed that the
results from PPPC extrapolated in this way were consistent, even for mDM ⇠ 10 PeV (the highest
masses we were interested in for this work), with the corresponding results obtained with PYTHIA.

More recently, a new solution to the problem of electroweak showering has been proposed in
Ref. [346]. Here, the full DGLAP equations are solved down to the electroweak energy scale, and
the results are then matched with the results of PYTHIA for lower energy scales, where electroweak
showering is unimportant. The results for the particle spectra from DM decay are collected in the
code HDMSpectra. In the second work discussed here [341], we used this code to determine the
spectra of particles from DM decay.

In both approaches, using PPPC and HDMSpectra, the output from the numerical codes are the
functions dNi

dE
(E, mDM) defined above. In the next subsections we will describe how these functions

can be used as input for the determination of the diffuse galactic and extragalactic fluxes of neutrinos
and gamma-rays.

7.1.2 Neutrino fluxes
Two components need separately be taken into account in DM decay, the extragalactic and galactic
one. The decay of DM on extragalactic scale leads to a diffuse flux per unit energy and solid angle

d�⌫↵,EG

dEd⌦
=
X

�

P↵!�

⌦DM⇢cr

4⇡mDM⌧

Z +1

0

dz

H(z)

dN⌫� [E(1 + z)]

dE
. (7.7)

Here H(z) = H0

p
⌦⇤ + ⌦m(1 + z)3, ⌦DM, ⌦⇤ and ⌦m are the fractions of the critical density of

the Universe composed respectively of DM, dark energy and matter, ⇢cr is the critical density of
the Universe. Furthermore, ↵ runs over the neutrino flavor (we sum the fluxes for neutrinos and
antineutrinos), and P↵!� are the averaged oscillation probabilities defined in Eq. 2.17.

Differently from the extragalactic component, the galactic component of decaying DM has an
anisotropic distribution. The reason is of course that the galactic distribution of DM is mainly
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concentrated around the galactic center. For this reason, the galactic flux should be expressed in
terms of the angular direction, parametrized by the galactic coordinates b and l. In terms of these
the galactic flux can be written as

d�⌫↵,G
dEd⌦

=
X

�

P↵!�

1

4⇡mDM⌧

dN⌫� (E)

dE

Z +1

0
⇢DM [r(s, l, b)] , (7.8)

where r(s, l, b) =
q

s2 + R
2
� � 2sR� cos ` cos b and R� = 8.5 kpc. ⇢DM(r) is the DM density in the

galaxy, which we assume to be given by the Navarro-Frank-White (NFW) profile [347]

⇢DM(r) =
⇢s

r/rs(1 + r/rs)2
, (7.9)

with rs = 24 kpc and ⇢s = 0.18 GeVcm�3 for the Milky Way [55].

7.1.3 Gamma-ray fluxes
The production of gamma-rays from decaying DM is more complicated than neutrinos. This subject
has already been studied in various works (see, e.g., [328, 330] and, at lower energies, [348]). The
main difficulty for gamma-rays, compared to neutrinos, is that there is a secondary production of
gamma-rays via leptonic processes from the electrons produced in the DM decay. Accordingly, we
separate the discussion for primary or prompt gamma-rays, directly produced in the DM decay, and
secondary gamma-rays, produced by leptonic processes.

Prompt gamma-rays

The prompt production is very similar to the neutrino one, separating again in an extragalactic and
a galactic component. The extragalactic flux is

d��,EG

dEd⌦
=

⌦DM⇢cr

4⇡mDM⌧

Z +1

0

dz

H(z)

dN� [E(1 + z)]

dE
e
�⌧(E,z)

, (7.10)

where ⌧(E, z) is the optical depth for attenuation from EBL. For the work presented in Ref. [335]
we used the attenuation coefficient presented in Ref. [55]. The galactic flux is

d��,G
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4⇡mDM⌧

dN�(E)

dE

Z +1

0
⇢DM [r(s, l, b)] . (7.11)

We do not account for a possible attenuation of the galactic gamma-ray flux from collisions with
CMB or starlight and infrared light in the galaxy. This effect is studied in detail in Ref. [328], where
it is shown that at galactic distances the effects of CMB attenuation are significant at energies above
1 PeV. In this region, the attenuation factor can be as much as 50% from the galactic center, where
most of the gamma-rays come from.

Secondary gamma-rays

Secondary gamma-rays are produced by the radiation of electrons from DM decay. As we have
seen in Chap. 2, the most important radiative processes are: bremsstrahlung, which in this case
would originate from scattering off nuclei of the interstellar and intergalactic medium; synchrotron
radiation, in the intergalactic and galactic magnetic fields; IC from collision with the CMB and
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the EBL in the extragalactic space, and with CMB, starlight and infrared radiation in the galactic
space. For our purposes the last process is the most important one. In fact, the typical energies
of synchrotron photons are much lower than the energies of the prompt photons, and the energy
emitted in bremsstrahlung is typically subdominant compared to the IC production (see, e.g., [348]).
For this reason, here we focus on the Inverse Compton production only. We begin our discussion
with the extragalactic component.

In order to determine the IC flux from electrons injected by DM decay, we need the distribution
of such electrons. Since we are interested in the steady diffuse flux, we can treat the problem as
the stationary injection of electrons from a uniform and isotropic DM distribution. Under these
conditions, we know from our discussion in Chap. 2 that the electron number per unit energy and
volume ne(x, E), depending also on the spatial position x, obeys the transport equation2

r · (D(x, E)rne(x, E)) �
@

@E
(b(E)ne(x, E)) = qe(E), (7.12)

where D(x, E) is the diffusion coefficient in the intergalactic space, b(E) = hdE/dti is the average
energy loss per unit time, and qe(E) is the injection spectrum of electron from DM decay per unit
time. The first term describes the spatial diffusion of electrons, while the second one describes the
diffusion in energy space. At very large energies, the first term can be neglected. The reason is that
energy losses increase with energy as E

2, as we will see below, while the diffusion coefficient D(E)
increases with the energy as E

�, with � between 0.3 and 0.6. Therefore, at the high energies we are
interested in, the characteristic length for energy losses are much smaller than the ones for spatial
diffusion. In other words, before an electron can diffuse in space in a significant way, it loses all of
its energy by radiative losses described by the term b(E). For this reason, we will neglect the first
term in the following discussion. The same conclusion is also reached in Ref. [328], where it is also
supported by a numerical solution of the full equation with spatial diffusion.

In the intergalactic space the main cause of energy loss is IC emission itself. The energy losses
can be written as

bIC(E) = 3�T
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Here �T is the Thomson cross section, n� is the number of target photons per unit energy and
volume, � is the Lorentz factor of the electron, and �✏ = 4�✏/me. As we mentioned above, the
target photons in the extragalactic space are composed of the CMB and the EBL. For the work
presented here we take into account only the CMB component. Since CMB photons have lower
energies than the EBL ones, they are the most relevant ones for the high energy production. This
choice considerably simplifies the problem, because n� does not depend on the position. Therefore,
Eq. 7.12 admits the solution

ne(E) =

Z +1

E

dE
0 qe(E

0)

b(E)
. (7.14)

2We assume that the characteristic distances for energy losses and spatial diffusion are much smaller than the
Hubble length: if this were not true, we would have to write a redshift-dependent equation and the assumption of
stationarity would be violated. This also allows us to neglect the energy loss term due to energy redshifting. In other
words, we are assuming that the electrons injected by DM decay reach an equilibrium distribution locally compared
to the Hubble length.
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Having determined the equilibrium distribution of electrons injected from DM decay, we can deter-
mine the IC photons emitted by this distribution using the IC emissivity

PIC(E� , Ee) =
3�TE�

4�2

Z 1

1/4�2

dq


1 �

1

4q�2(1 � ✏)

�
n�(E0

�
)

q


2q ln q + q + 1 � 2q

2 +
✏
2(1 � q)

2(1 � ✏)

�
, (7.15)

where ✏ = E�/Ee, E
0
�

= m
2
e
E� [4qEe(Ee � E�)]�1. Using Eq. 7.14, in terms of the emissivity the

extragalactic gamma-ray spectrum is

d�IC,EG

dEd⌦
=

⇢cr⌦�
2⇡EmDM⌧

Z +1

0

dz

H(z)(1 + z)
e
�⌧(E,z)

Z
mDM/2

E(1+z)
dEe

PIC(E(1 + z), Ee, z)

b(Ee)
Z

mDM/2

Ee

dNe

dE0 dE
0
. (7.16)

For the galactic component we adopt a similar formalism, since also in this case we have an
injection of electrons from DM decay which reaches a stationary distribution after losing their
energy3. The sources of energy loss are IC scattering off the CMB, which has the same expression
as the extragalactic case, and synchrotron radiation, for which the energy loss takes the form

bSYN(E) =
4�TE

2

3m2
e

B2(x)

2
. (7.17)

For the galactic magnetic field we adopt the parameterization [55]

B(r, z) = B0 exp

⇢
�

|r � R�|

rB
�

|z|

zB

�
, (7.18)

with B0 = 4.78 µG, rB = 10 kpc, zB = 2 kpc, and r and z being the radial and vertical distances
from the Galactic center, respectively. We neglect the turbulent halo magnetic field; this assumption
mainly influences the very energetic electrons, for which IC losses are smaller than the synchrotron
ones. As shown in Ref. [328], these effects become relevant at photon energies of order 100 TeV.

The galactic IC flux is produced by scattering off CMB, starlight, and infrared light. However, we
have numerically verified that the former gives the largest contribution, both because of the larger
spatial density of CMB photons, and because of their lower energy compared with the starlight and
infrared ones. Because of their lower energy, they are the most relevant at high energies.

7.2 Neutrinos from dark matter decay at IceCube
In this section we compare the neutrino flux from DM decay with the IceCube data. Our key
question is whether the introduction of a DM component is able to relieve the tension between the
spectral indexes of the HESE and the throughgoing muons data sample. We first of all describe
the statistical methodology, and then show our results. Finally, for the best-fit models fitting the
IceCube data, we determine the gamma-ray flux and compare it with the data from Fermi-LAT,
KASCADE and CASA-MIA.

3In the case of galactic DM we are assuming that the energy losses occur on lengths much shorter than the galactic
dimensions, otherwise we should account for the effects of escape from the Galaxy.
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7.2.1 Methods
We assume a double-component origin of the IceCube neutrinos

� = �Astro + ��, (7.19)

where �� is the DM flux, while the astrophysical spectrum is parameterized as a power-law spectrum
isotropic and equipartitioned in flavor

d�Astro

dEd⌦
= �0

✓
E

100 TeV

◆��
(7.20)

where � is the spectral index and �0 is the normalization of the power law.
This flux produces a distribution of expected events in the detector. To obtain it rigorously, we

would have to account for the stochastic relation between the true neutrino energy and the energy
it deposits in the detector, as described in detail in Ref. [349]. A simpler procedure adopted here
is to consider only the average energy deposited in the detector for a given neutrino energy (in
other words, we approximate the distribution of the deposited energy given the true energy as a
delta function centered around the average value). The average relation between the two energies is
obtained from Ref. [350] for the three different cases of charged-current shower events, track events
and neutral-current shower events.

Our procedure is the following. We divide the energy range according to the binning with which
the IceCube HESE data have been presented in Ref. [283]. In each energy bin we determine the
expected number of track, shower, and neutral current events respectively as

NT,i =

Z
d⌦

Z
Ei+1

Ei

dE
d�µ

dEd⌦
p
µ

T
Aeff(E, ⌦),
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Z
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Ei

X

↵=e,⌧
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p
↵

S
Aeff(E, ⌦), (7.21)
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Here Aeff(E, ⌦) is the angular and energy dependent effective area provided by the IceCube Collab-
oration [293]. The weights assigned to each topology p
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T
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S
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in Ref. [351], and are given by
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where �CC and �NC are the charged and neutral current cross section [352] and MNC , M
e,µ,⌧

CC
are

the effective detector masses [293].
To compare our prediction with the data, we assume a Poisson likelihood for each bin at energies

above 60 TeV. We denote the total number of events from astrophysical sources and DM by µi and
the expected number of background atmospheric events by bi: the latter is estimated by the IceCube
Collaboration. Therefore the likelihood function is

L(ni|µi, bi) =
Y

i

(µi + bi)
ni

e
�(µi+bi)

ni!
, (7.23)
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(a) Channel ⌫e⌫e (b) Channel ⌫µ⌫µ (c) Channel ⌫⌧⌫⌧

(d) Channel e+e� (e) Channel µ+µ� (f) Channel ⌧+⌧�

Figure 7.1: Likelihood contours for the leptonic channels in the mDM-⌧ plane. The red line represents
the exclusion region coming from the Fermi-LAT data (the excluded region is below the line). The
dashed lines are the 68% confidence levels, the dot-dashed lines are the 95% confidence levels and
the continuous lines are the 99.7% confidence levels. The best-fit solutions are identified by white
stars.

which depends on the DM mass mDM, the DM lifetime ⌧ , the normalization �0, and the spectral
index � of the astrophysical power-law flux. Here ni are the observed number of events presented in
Ref. [283].

To check the reliability of our method, we set the DM lifetime ⌧ ! 1, corresponding the case
of no neutrinos from DM decay, and obtain the best-fit values for the astrophysical parameters as
�0 = (1.9 ± 0.3)⇥10�15 TeV�1 cm�2 s�1 sr�1 and � = 3.02±0.13. The uncertainties provided here
are the 68% confidence levels. These values are indeed consistent with the best-fit values obtained
in Ref. [283].

In our analysis, we apply the likelihood in Eq. 7.23 to define a test statistic

⇤ = 2 ln
L(✓̂)

L(✓0)
, (7.24)

where L(✓̂) is the likelihood evaluated at the best-fit values of the parameters and L(✓0) is the
likelihood evaluated at the best-fit values of the parameters restricted to the region with only as-
trophysical sources (namely when ⌧ ! 1). According to the Wilks theorem [353], in the pure
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(a) Channel W+W� (b) Channel ZZ (c) Channel hh

Figure 7.2: Likelihood contours for the bosons channels in the mDM-⌧ plane. The description is the
same as in figure 7.1.

(a) Channel bb (b) Channel cc (c) Channel tt

(d) Channel q = u, d, s (e) Channel gg

Figure 7.3: Likelihood contours for the quark and gluonic channels in the mDM-⌧ plane. The
description is the same as in figure 7.1.

astrophysical source case this test statistic would be distributed as a chi-squared variable with two
degrees of freedom.
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7.2.2 Results
In this section we report the results of our statistical analysis. In Figs. 7.1, 7.2, and 7.3, we show
the contour plots of the test statistic for all the decay channels analyzed in this work, grouped
by leptonic, gauge bosons and hadronic decay channels. We highlight the 68%, 95%, and 99.7%
confidence levels for all plots. The contours are shown in the mDM�⌧ plane only, and the parameters
of the astrophysical flux are treated as nuisance parameters. The likelihood at each point of the
plane has therefore been maximized with respect to them, where, in particular, � is chosen in the
range between 1.5 and 5. We also show with red lines the exclusion contours obtained using the
Fermi-LAT data in Ref. [330].

The structure of the likelihood is non-trivial, and for most of the cases it exhibits more than one
maximum. The choice of the dominant maximum, which we identify as the best-fit solution for each
channel, might depend on the details of the analysis, such as the relation between the true and the
deposited neutrino energy. We collect in Table 7.1 the parameters for the best-fit solutions for all
channels.

Channel �
best
0 (⇥10�15f.u.) �

best
⌧
best(⇥1028s) m

best
DM (TeV)

⌫e⌫e 2.24 3.33 19.10 4017.35
⌫µ⌫µ 2.24 3.33 19.10 4017.35
⌫⌧⌫⌧ 2.24 3.33 19.10 4017.35
e
+
e
� 2.14 3.86 2.09 3846.63

µ
+
µ
� 0.66 2.64 1.91 569.17

⌧
+
⌧
� 0.74 2.69 1.59 570.00

W
+
W

� 0.68 2.67 0.53 620.81
ZZ 0.72 2.69 0.63 621.00
hh 0.67 2.66 0.39 645.65
bb 1.15 3.19 0.83 9168.11
cc 0.78 2.78 0.40 3376.76
tt 0.73 2.69 0.25 776.47
qq 0.88 2.81 0.44 3233.26
gg 0.77 2.74 0.40 3526.63

Table 7.1: Summary of the neutrino analysis: the best fit parameters are given for each analyzed
channel. The �0 is expressed in flux units of f.u.⌘ TeV�1cm�2s�1sr�1.

The reason for the presence of two likelihood maxima can be qualitatively understood as follows.
In the absence of DM, the data are approximately fit by a single power law with spectral index
around 3. When DM is added, its contribution can improve the fit in two different ways: either
the DM neutrinos are produced at energies of the PeV, so that the astrophysical power law is soft
in order to reproduce only the data at 100 TeV, or the DM neutrinos are produced at energies of
100 TeV, so that the astrophysical power law is hard and with a lower normalization in order to
capture the data in the PeV region. This explains the presence of two nearly degenerate maxima for
the likelihood. The first solution is hard to reconcile with the gamma-ray data and the throughgoing
muons. Indeed, as we have discussed in Chap. 4, a soft power-law flux of neutrinos normalized to
the 100 TeV IceCube data would be connected with a gamma-ray flux exceeding the Fermi-LAT
EGB, unless its sources are opaque to gamma-rays. Furthermore, the throughgoing muons suggest
a diffuse astrophysical neutrino flux with a hard neutrino spectrum. The second solution has the
potentiality to relieve the tension between the HESE and the throughgoing muons: the astrophysical
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power law would be harder, in agreement with the throughgoing muon data.

(a) Channel ⌫e. (b) Channel W .

Figure 7.4: Numbers of neutrino events represented as a function of the neutrino energy for the
two-component spectrum in the two decay channels of � ! ⌫e⌫e and � ! µµ. The astrophysical
and Dark Matter parameters are evaluated at their best-fit values reported in Table 7.1. The
contribution to the number of events are shown in blue (neutrinos from DM decay), red (neutrinos
from astrophysical sources), and green (atmospheric neutrinos).

The presence of these two solutions is most easily seen by representing the distribution of events
from DM decay and from the astrophysical power law in each of the two scenarios.We do this in
Fig. 7.4 for two representative channels: the decay into ⌫e⌫e, for which the DM mass is at 4 PeV at
its best-fit, and WW , for which the DM mass is at hundreds of TeV at its best-fit. In the first case
the astrophysical power law dominates in the low-energy range, below 500 TeV, while DM neutrinos
explain the spectrum at higher energies. In this case the astrophysical power law is rather soft, with
a spectral index of 3.33. In the second case DM neutrinos clearly create an excess around 100 TeV,
while the hard astrophysical power law, with a spectral index of 2.67, explains the high-energy data.

Furthermore, at least for the neutrinophilic and some of the leptophilic channels in Fig. 7.1, the
best-fit solutions are indeed not excluded by the Fermi-LAT data. The reason is that for these decay
channels the neutrino production can be larger than the gamma-ray one, explaining the excess at
100 TeV without overshooting the Fermi-LAT observations. Finally, we observe that for all cases
the 2� contours are open, meaning that the pure astrophysical spectrum cannot be rejected at more
than the 2� levels.

7.2.3 Gamma-ray fluxes: comparison with the experiments

The best-fit solutions we have found in this section can only be accepted if they do not overshoot the
upper bounds on the diffuse gamma-ray flux imposed by the gamma-ray experiments. A rigorous
discussion in this sense would require a full multi-messenger combined analysis of neutrino and
gamma-ray data, which goes beyond the aim of this work. Here we limit ourselves to verifying
for which channels the best-fit cases found above do not exceed the gamma-ray upper limits. We



116

ν
e
μ
τ

Fermi-LAT
CASA-MIA
KASCADE

102 103 104 105 106 107
10-11

10-10

10-9

10-8

10-7

10-6

E (GeV)

E
2
dϕ dE
dΩ

(G
eV
cm

-2
s-
1 s
r-
1 )

t
b
c
q
g

Fermi-LAT
CASA-MIA
KASCADE

102 103 104 105 106 107
10-11

10-10

10-9

10-8

10-7

10-6

E (GeV)

E
2
dϕ dE
dΩ

(G
eV
cm

-2
s-
1 s
r-
1 )

W
Z
h

Fermi-LAT
CASA-MIA
KASCADE

102 103 104 105 106 107
10-11

10-10

10-9

10-8

10-7

10-6

E (GeV)

E
2
dϕ dE
dΩ

(G
eV
cm

-2
s-
1 s
r-
1 )

Figure 7.5: Expected diffuse photon spectra over the 4⇡ solid angle for all best-fit channels. Data
from Fermi-LAT, CASA-MIA and KASCADE are shown in red, black and blue points, respectively.

show in Fig. 7.5 the diffuse gamma-ray fluxes for each decay channel computed according to the
procedure in Sec. 7.1; the DM parameters are fit to their best-fit values in Table 7.1. In the same
figure we also show the data and upper limits on the diffuse gamma-ray flux collected by Fermi-
LAT EGB, KASCADE [354], and CASA-MIA [355]. These figures show that in the leptophilic and
neutrinophilic case the gamma-ray flux do not exceed the observation and are therefore allowed; for
the same reason, in Fig. 7.1 the best-fit points are well above the constraints from Fermi-LAT. On
the other hand, for hadronic channels and gauge boson channels, the gamma-ray flux exceed the
Fermi-LAT data, and therefore are already excluded. This again is confirmed by Figs. 7.2 and 7.3,
where the best-fit points are below or very close to the Fermi-LAT exclusion contours. Therefore,
we reach the conclusion that a good fit to the IceCube data, which explains the neutrino excess at
100 TeV, is only allowed for the gamma-rays for leptophilic and neutrinophilic decay channels.

7.3 Neutrinos from dark matter decay at radio telescopes
The results discussed so far relate to DM with masses up to 10 PeV, since larger masses would
produce neutrinos with energies too large to be observed by IceCube. The natural prosecution of
indirect detection with neutrino observations at higher masses is the observation of neutrinos at the
EeV energies with the future radio telescopes. In this section we present the analysis of Ref. [341],
in which we determine the projected sensitivity of the radio telescopes to decaying DM. We focus
on four benchmark neutrino radio telescopes, namely RNO-G, GRAND 10k, GRAND 200k, and
IceCube-Gen2 radio array.
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Figure 7.6: Potentiality for detection of a dark matter signal at the upcoming neutrino telescopes
in 3 years of observation. The lines show the 95% CL region for dark matter detection under the
assumption of negligible contamination from background and astrophysical sources. Each panel
corresponds to a different decay channel of DM particles. The thin gray lines are the existing
constraints in the literature: a) for the ⌫⌫̄ channel with neutrino data from IceCube, PAO and
ANITA [323]; b) for the bb̄ channel with galactic multimessenger data [337]; c) for the bb̄ channel
with extragalactic multimessenger data [337].

The first ingredient to estimate the sensitivity of radio telescopes is the determination of the
neutrino flux from DM decay. We address this problem with the same methods described in Sec. 7.1.
It is worth noticing that the angular profile of the neutrinos from galactic DM decay depends upon
the assumed DM profile, which we choose to be a Navarro-Frank-White one. However, since here
we use only the information on the total number of events, and not their angular distribution, as we
will discuss below, a change in the DM angular distribution does not affect significantly the results.

With the neutrino fluxes available, we need only discuss how they are used to determine the
sensitivity of the experiments. We describe first of all our method for obtaining the sensitivity for
detection of neutrinos from DM decay. Subsequently, assuming that the experiments will detect no
signature of DM decay, we discuss the projected constraints on the DM lifetime.

7.3.1 Dark matter detectability
Following the approach in the previous section, we discuss the sensitivity to neutrinos from DM
decay into different possible decay channels � ! pp̄. For this work we focus on three different decay
channels, namely into b quarks, ⌧ leptons, and directly into neutrinos. These different scenarios
are representatives of hadronic, leptophilic and neutrinophilic DM decay, respectively. For the ⌫
channel, we take equipartition among neutrino flavours at production.

The expected number of neutrino events at a given telescope, for an observation time Tobs, is

nDM (mDM, ⌧) = Tobs

Z
dE⌫

X

↵

✓
d�⌫↵,G
dE⌫

+
d�⌫↵,EG

dE⌫

◆
Ae↵(E⌫) . (7.25)

Here d�⌫↵,EG

dE⌫
and d�⌫↵,G

dE⌫
are the extragalactic and galactic flux, as given by Eqs. 7.7 and 7.8,

integrated over the solid angle; Aeff(E⌫) is the effective area of the relevant experiment. From
Eq. 7.25 we see that for this analysis only the total number of events over the entire solid angle
is used to probe detection of DM. This is a very conservative method of analysis, since we do not
account for the unique spectral and angular features of the DM distribution. On the other hand, it
also gives robustness to the obtained results, which do not depend on the choice of the spatial profile
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of galactic DM. We also observe that all flavors are summed in Eq. 7.25. The reason is that all the
radio telescopes under construction studied in this work do not provide an effective area separated
per flavor, but only an average one. Our procedure for obtaining the number of events is therefore
rigorously correct for equipartitioned flavor compositions, for which the effective areas have been
determined by the collaborations. The effective areas are reported in the relative papers from the
collaborations: if these were not explicitly reported, we have obtained an estimate for the area from
the flux sensitivity [94,95,97].

The sensitivity for detection of neutrinos from DM decay can now be determined using the
Feldman-Cousins approach [309], according to which a detection at 95% confidence level requires
at least 3.09 expected neutrino events, if DM is the only source of neutrinos (i.e., neglecting the
contribution of neutrinos from astrophysical sources; this will be discussed in more detail below).
By equating the number of expected events to 3.09 we are therefore able to obtain the threshold
lifetime below which DM can be probed.

We show the resulting sensitivity reach in the mDM � ⌧ plane in Fig. 7.6. The observation time
is fixed to Tobs = 3 yr; we show the results for the radio telescopes RNO-G (dotted red lines),
IceCube-Gen2 (solid blue lines), GRAND10k (dot-dashed green lines), and GRAND200k (dashed
orange lines). The regions below the lines correspond to the parameter space that can be probed at
95% confidence level under the assumption of negligible contribution from other sources. The three
panels correspond to the different decay channels considered. If present, the gray lines display the
existing constraints deduced by present neutrino telescopes as well as by gamma-ray and cosmic-ray
observations. In particular, for the neutrino channel (� ! ⌫⌫̄), limits on the DM lifetime have been
obtained from the data taken by IceCube, PAO, and ANITA experiments [323] (solid gray line in
the leftmost plot). A more recent study based on updated neutrino and gamma-ray data is provided
by ref. [332]. However, we note that their �, e

± and ⌫ spectra from DM decay do not agree with
the ones used in the present analysis, since they are much harder at lower energies with respect
to the ones computed with the HDMSpectra package [346], and consequently lead to stronger limits
on DM lifetime. Therefore, we cannot consistently compare their results with ours, and for this
reason we avoid showing their constraints in the plots. For the decay channel into bottom quarks
(rightmost plot), the dashed (b) and dot-dashed (c) lines correspond to the constraints placed by
a recent analysis of existing galactic and extragalactic multimessenger data, respectively [337]. For
the tau channel we have not found similar multimessenger constraints in the literature. Indeed, this
was the main motivation for our subsequent work [342], in which we have obtained the constraints
from gamma-ray experiments for hadronic, leptonic, and neutrinophilic decay channels.

Therefore, our conclusion is that upcoming neutrino radio telescopes will probe a parameter space
which is still unexplored for decaying DM for leptophilic and neutrinophilic scenarios. Hadronic
channels are already strongly constrained by gamma-ray observations. Nevertheless, we emphasize
that many of these constraints, originating from galactic searches, suffer from large systematic
uncertainties related to the dark matter halo in the inner regions of the Milky Way [356, 357].
Therefore, even for these hadronic channels, neutrino radio telescopes will constitute an independent
and robust source of information which does not suffer from such uncertainties (since we have not
used the information on the angular distribution of DM neutrinos).

7.3.2 Dark matter constraints
In this section we shift our viewpoint on DM and, rather than predicting the sensitivity for detection,
we examine the complementary potentiality of constraining the models with decaying DM. Whereas
in the previous section we assumed detection of DM neutrinos only, in this section we take the
more realistic case that neutrinos also come from astrophysical sources. We consider two different
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Figure 7.7: All-flavour neutrino fluxes predicted in two astrophysical scenarios (red line for cosmo-
genic neutrinos and blue line for newborn pulsar neutrinos) and in three different benchmark cases
of decaying dark matter. The thin lines show the 3-year sensitivity reach of upcoming neutrino radio
telescopes, while the data points correspond to the 7.5 year IceCube HESE sample [358].

scenarios:

• Cosmogenic neutrinos. These are a guaranteed contribution to the UHE neutrino flux, as
discussed in Chap. 4. However, the normalization and shape of the flux are very uncertain,
because of the uncertainties on the composition of the UHECRs. For this work we conserva-
tively use the largest estimate shown in Ref. [97] for the cosmogenic flux. As will be more
clear later, a larger flux from astrophysical sources would result in weaker constraints on dark
matter.

• Newborn pulsar neutrinos. UHE neutrinos can of course also be produced in high-energy
astrophysical sources: these include active galactic nuclei [153, 359], gamma-ray bursts [33],
flat-spectrum radio quasars [360], black-hole jets embedded in large-scale structures [361] and
newborn pulsars [362]. Here we consider the neutrino fluxes produced in newborn pulsars
reported in Ref. [97], which produce the largest predicted flux and, therefore, leads to the
most conservative projected bounds on DM.

Fig. 7.7 shows the all-flavour neutrino fluxes in both these scenarios, together with three benchmark
fluxes from DM decay that could potentially be detected according to the results of the previous
section. As a matter of comparison, we also show the sensitivity of the four neutrino radio telescopes
under study.

In order to determine the projected constraints on DM in each of these two scenarios, the scheme
is as follows. We assume that neutrinos only come from either cosmogenic neutrinos or newborn
pulsars, depending on the chosen scenario, and we produce a mock data sample in a given observation
time at each of the studied radio telescopes under this assumption. For each mock data sample we
determine the constraints on DM decay, under the only conservative requirement that the neutrinos
predicted from DM decay do not exceed the observed events. Let us detail the procedure. In each
scenario of astrophysical sources, the probability to observe Nobs events, assuming that Nastro events
are expected, is

p (Nobs|Nastro) =
(Nastro)

Nobs
e
�Nastro

Nobs!
. (7.26)
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Figure 7.8: Expected number of neutrino events with an energy smaller than Emax = mDM/2 in
each neutrino telescope after 3 years of data-taking. The solid lines correspond to the astrophysical
signal events while the dashed, dotted and dot-dashed are the ones corresponding to the expected
signals coming from the different decay channels with a lifetime ⌧DM = 1028 s. The number of
astrophysical events is obtained by using Eq. (7.27) and fixing Emax = mDM/2. The gray shaded
area highlights the threshold of 3.09 events required for a detection at 95% CL.

In terms of the all-flavor astrophysical neutrino flux d�astro
⌫

dE⌫
, the expected number of events Nastro

is

Nastro (Emax) = Tobs

Z
Emax

0
dE⌫

d�astro
⌫

dE⌫
Ae↵(E⌫) . (7.27)

The maximum energy fixes the energy range in which we perform the analysis. A simple choice to
strengthen the constraints is Emax = mDM/2. Indeed, at energies larger than this value no neutrino
from DM decay is expected. Therefore, restricting the analysis to this interval allows us to test all
the DM signal and at the same time minimize the neutrinos from astrophysical sources. We show
in Fig. 7.8 the number of expected neutrino events from cosmogenic neutrinos (solid red lines) and
newborn pulsars (solid blue lines) below Emax = mDM/2 as a function of mDM. The observation
time is fixed to Tobs = 3 yr. The expected number of events from astrophysical sources increases
with the DM mass, because of the larger energy range, until it saturates to a constant value. In
agreement with our comments above, newborn pulsars give rise to an expected number of events
larger than cosmogenic neutrinos. We also show the expected number of events from DM decay for
all three channels. The lifetime is fixed to ⌧ = 1028 s. The gray shaded area denotes the threshold
of 3.09 events required for 95% confidence level detection. Thus, signals above the gray area can be
detected by the telescopes.

For an observed number of events Nobs, we can determine the lower bound on admissible lifetimes
for DM which does not exceed the observed signal at 95% confidence level. We follow the procedure
in Ref. [363], accounting only for upper fluctuations. Therefore, we define the test statistic

TS(mDM, ⌧) =

(
0 for nDM < Nobs

�2 ln
⇣

L(Nobs|nDM)
L(Nobs|Nobs)

⌘
for nDM � Nobs

(7.28)

where the likelihood L is assumed to be a Poisson distribution. With this definition we are assuming
perfect agreement between data and theory if nDM < Nobs, and we are only testing the hypothesis
that nDM exceeds Nobs. The distribution of this test statistic under the assumption that the events
had been generated by DM neutrinos only can be easily obtained. In fact, under this assumption,
the observed number of events would be larger than nDM with probability 0.5, in which case the
test statistic would be identically 0, and it would be smaller than nDM with probability 0.5, in
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which case the test statistic would be a chi-squared variable. Therefore, the distribution of TS is a
half-chi-squared distribution under the assumption of events generated by DM only4.

Therefore, we can exclude the DM hypothesis at 95% confidence level when TS(mDM, ⌧) = 2.71.
For a fixed value of the DM mass and for a fixed Nobs, we can determine the lower limit for the allowed
DM lifetime ⌧̄ (mDM|Nobs) with this method. Our procedure for obtaining the allowed constraints is
as follows. We randomly generate Nobs according to the Poisson probability p (Nobs|Nastro) for the
two astrophysical scenarios considered. For each Monte Carlo generation we determine the lower
bound ⌧̄ (mDM|Nobs). From the whole mock data sample we obtain the confidence intervals in which
the lower limit is expected. Similarly to what we did to estimate the detection sensitivity, we do
not include an energy and angular binning, which would be an additional source of information,
allowing a better rejection of the neutrinos from astrophysical sources.

The results of this analysis are collected in Fig. 7.9, where we show the 2� bands of the lower
limit for the DM lifetime at 95% CL, for all the combinations of DM decay channel, experiment, and
astrophysical scenario adopted to simulate data. The dashed and dot-dashed colored lines represent
the expected lower limit according to the Poisson distribution in Eq. (7.26) under the assumption
of observing cosmogenic and newborn pulsar neutrinos, respectively. We also show, with dark-
blue solid lines, the constraints that could be potentially placed in the case of zero detected events
(Nastro = 0). These are the most optimistic constraints that could be placed, and they do not
represent an unrealistic situation. Even the cosmogenic neutrino fluxes, which are a guaranteed
contribution to the UHE neutrino flux, have an uncertainty band so large that they could be well
below the sensitivity of the future neutrino radio telescopes. As in Fig. 7.6, we show with thin gray
lines the existing constraints for the channels for which they are available.

Due to the lower number of events, the cosmogenic signal case (red) leads to stronger constraints
than the newborn pulsar case (blue). The difference can be rather marked for large neutrino tele-
scopes such as GRAND200k and IceCube-Gen2, for which astrophysical sources could lead to a
large number of events. The sharp cut-off at low DM masses, which is especially evident for the ⌫⌫̄
and ⌧

+
⌧
� channels, is due to the low sensitivity of radio telescopes for E⌫ . 108 GeV. For this

reason, at low DM masses, where the energy range (with energies smaller than Emax = mDM/2) is
smaller and the number of expected events from astrophysical sources is consistent with 0, statistical
fluctuations are practically absent, so that the 2� contours close into a single line corresponding to
the case of zero observed events.

In all the analysis described above, we have made no mention of a possible background com-
ponent. Indeed, neutrinos from astrophysical sources act as a kind of background (or, rather, as
a neutrino floor in the sense of Ref. [364]) to the neutrinos from decaying DM. A real background
contamination is generally expected to be very low: for example, for GRAND200K the estimated
background is 0.1 events per year [97]. Including this background would increase the number of
expected neutrino events and therefore weaken the lower limits in Fig. 7.9. With the estimates
furnished by the collaborations for the background, the constraints on DM lifetime might weaken
by ⇠ 30% for the cosmogenic case and ⇠ 10% for the newborn pulsars case. This weakening is well
within the 2� bands reported in Fig. 7.9, and furthermore it could be reduced by accounting for the
expected background event rate in the method of analysis. Therefore, we expect our results to be
robust against a small background component.

4This is actually not the hypothesis we want to reject: rather, we want to reject the hypothesis that the events
were generated by DM and by astrophysical sources. However, testing the assumption that the events came from
DM decay only leads to more conservative (i.e., weaker) constraints. Testing the hypothesis of DM plus astrophysical
sources cannot be done without having a solid prediction for the neutrinos from astrophysical sources: as we have
seen, this is not feasible at present.
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Figure 7.9: Projected 3-year constraints at 95% CL in the plane mDM-⌧ . Each row corresponds to a
different DM decay channel, while each column to a different upcoming neutrino radio telescope. The
bands represent the 2� intervals according to the Poisson distribution in Eq. (7.26) of observing a
given number of events in the cosmogenic (red color) and the newborn pulsars (blue color) scenario.
The red dashed and blue dot-dashed lines show the most probable constraints on ⌧DM assuming
the observation of astrophysical neutrinos. The dark-blue solid lines display the limits obtained in
the case of zero detected events (Nastro = 0). The thin gray lines are the existing constraints in
the literature: a) for the ⌫⌫̄ channel with neutrino data from IceCube, PAO and ANITA [323]; b)
for the bb̄ channel with galactic multimessenger data [337]; c) for the bb̄ channel with extragalactic
multimessenger data [337].
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7.4 Discussion
The aim of this chapter was to show that neutrino experiments, ranging from 100 TeV to more than
1 EeV, can bring considerable information on indirect searches of heavy decaying DM searches.

The energy range from 100 TeV to the PeV is already being scrutinized by IceCube. In the first
work discussed here, we have shown that the HESE data set is sufficient to test the hypothesis that
part of the neutrinos were produced from decay of DM with masses between 100 TeV and 10 PeV.
Indeed, a DM component decaying into leptons or neutrinos could help relieve the tension between
the 100 TeV neutrinos, the throughgoing muons, and the Fermi-LAT data. Hadronic channels fail
in this respect because they overproduce gamma-rays which would exceed the Fermi-LAT observed
gamma-rays. The improvements in the constraints from future gamma-ray experiments, such as
LHAASO, may soon exclude also other decay channels for DM as a possible source of the 100 TeV
IceCube neutrinos.

The energy range above 10 PeV will be probed by the future neutrino radio telescopes, including
RNO-G, GRAND, and IceCube-Gen2 radio array. In the second work described in this chapter we
have obtained the projected sensitivity for detection and constraint of decaying DM at each of these
future experiments. Our results show that they will be able to probe decaying DM with masses from
10 PeV to 106 EeV. The potentiality of constraint will definitely improve the present constraints
from gamma-ray and cosmic-ray data for neutrinophilic and leptophilic channels. For hadronic
channels the sensitivity is comparable with the present bounds: however, the method we have used
is very robust against the uncertainties on the DM galactic profile and the models of neutrinos from
astrophysical sources. Therefore for all channels we expect the future radio telescopes to produce
reliable upper bounds on the decay rate of heavy DM which are either comparable or stronger than
the present gamma-ray and cosmic-ray experiments.
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Chapter 8

Active-sterile secret interactions at
neutrino telescopes

A natural sector of BSM physics that can be probed by astrophysical neutrino observations is the
sector of non-standard neutrino physics. Since neutrinos are such elusive particles, there are many
extensions of the Standard Model connected with neutrino physics. One common feature of these
extensions is the presence of non-standard neutrinos which do not participate in the weak interaction,
and which for this reason are named sterile neutrinos, as opposed to the standard ones which are
generally named active neutrinos. The mass of the sterile neutrinos is not fixed a priori, and in fact
different assumptions could be used to address different issues of the Standard Model. As an example,
sterile neutrinos with masses around the grand unification scale MGUT ⇠ 1015 GeV could naturally
explain the small masses of the active ones via the seesaw mechanism [56–58]. This mechanism could
also be extended to account for the generation of the baryon asymmetry of the Universe within the
so called leptogenesis [365]. On the other hand, sterile neutrinos with masses around the eV might
explain the anomalies in the appearance probability of electron neutrinos measured by LSND [366]
and MiniBoone [367]. These two extreme examples already show the huge range of values that the
sterile neutrino masses can take within different models.

Another extension of the Standard Model involving the neutrino sector is the presence of non-
standard interactions involving neutrinos. Among these, interactions involving neutrinos alone are
particularly hard to test, given the rarity of environments with large neutrino densities: for this
reason they are often named secret interactions [368–384]. Typically these interactions involve a
massive particle mediating the interaction and allowing resonant scattering between neutrinos (even
though effective models with a four-point interaction are also studied). Secret interactions could lead
to observational signatures in extreme environments of dense neutrinos, such as the cosmological
plasma and the core of supernovae. A more direct test of secret interactions is however hard to
obtain using Earth-bound instruments, due to the lack of neutrino beams.

The observation of astrophysical neutrinos made by IceCube offers new possibilities for testing
these extensions of the Standard Model. The presence of sterile neutrinos mixing with active ones
may lead to a change in the flavor composition of astrophysical neutrinos, due to the non-standard
oscillations with the new species [385–392]. Secret interactions among active neutrinos have also
been shown to induce signatures on the energy shape and flavor composition of the astrophysical
neutrino flux [255,393–400].

The sector of secret interactions between active and sterile neutrinos is on the other hand much
less studied. Since this involves a coupling between standard neutrinos and a non-standard species,
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it is even harder to constrain. A model with this active-sterile interaction was originally studied in
Ref. [401] as a way to relax the constraints from Big Bang Nucleosynthesis on light sterile neutrinos.
The effect of active-sterile interactions on the astrophysical neutrino fluxes was first pointed out in
Ref. [402]. A systematic study of this model, in view of the constraints that can be drawn from
cosmology and particle physics, is however lacking. For example, in Ref. [402] the constraints from
laboratory experiments could not be taken into account because they had never been studied.

In our works [403,404] we systematically study a model with active-sterile secret interactions. Our
analysis involves a classification of the constraints coming from laboratory experiments, cosmology
and astrophysical environments, in particular supernovae. Furthermore, we show the existence of
signatures both on the energy shape and the flavor composition of astrophysical neutrino fluxes.
The origin of these signatures is the collision, via secret interaction, of the astrophysical neutrinos
with the low-energy neutrinos from the Cosmic Neutrino Background (CNB). The latter is the
cosmological background of relic neutrinos left over from the primordial plasma, and is analogous to
the Cosmic Microwave Background. The collision with the CNB causes a dip in the energy fluxes,
and the energy at which the dip appears depends on the mass of the interaction mediator. We show
that this effect can be relevant both in the energy range of IceCube and at higher energies, within
the reach of future neutrino radio telescopes such as GRAND, ARA, ARIANNA and IceCube-Gen
2 Radio Array. Indeed, to our knowledge Ref. [403] suggests for the first time that neutrino radio
telescopes can shed considerable light on the subject of secret interaction. Furthermore, depending
on the relative coupling of different flavors, the interaction can induce additional energy-dependent
changes in the flavor composition.

In this chapter we will review the results that we have obtained. In particular, in Sec. 8.1 we
define the phenomenological model we use in this work. In Sec. 8.2 we obtain the constraints on
this model from laboratory experiment, cosmology and astrophysics. In Sec. 8.3 we discuss the
astrophysical production both with and without the presence of secret interactions, describing the
methods we adopt to treat the non-standard propagation of neutrinos. Finally, in Sec. 8.4 we present
our results and discuss them.

8.1 The model
We study a model which contains a sterile neutrino ⌫s and a mediator ' in addition to the standard
particles. For definiteness, we assume that both the sterile neutrino and the active neutrinos of the
Standard Model are Majorana particles. The secret interaction comes from a term in the Lagrangian

LSI = i

X

`

�`'⌫̄`�5⌫s, (8.1)

where ` = e, µ, ⌧ is a flavor index, ⌫` is the active neutrino field and �` are the three coupling
constants. The pseudoscalar contraction of Majorana spinors ⌫̄�5⌫ is purely imaginary, so the
couplings are real. The opposite situation would be true for a scalar coupling ⌫̄⌫, which is identically
real: at the high energies of interest to IceCube the two choices would lead to the same results, and
we limit ourselves to the pseudoscalar choice only for definiteness. Furthermore, in order to conserve
parity, we assume ' to be a pseudoscalar particle.

The Lagrangian in Eq. 8.1 violates the SUL(2) group of the Standard Model, as do all the models
with neutrino secret interactions only. This violation could come from a spontaneous breaking of
the symmetry group, for example with an additional scalar field acquiring an expectation value:
the study of such general models is beyond the scope of this work, in which we focus only on the
phenomenological consequences of the interaction. We should however mention that the addition of
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a sterile neutrino necessarily requires a change in the mass term for the neutrinos. In particular,
it will lead to a 4 ⇥ 4 mass matrix parameterized by three mixing angle among active neutrinos,
as in the Standard Model, and three new mixing angle among active and sterile neutrinos. In this
work we will assume the latter three angles to be so small as to neglect their effects, in order to
disentangle the mixing from the consequences of the interaction.

The interaction is characterized by 5 parameters: these are the mass of the pseudoscalar mediator
M', the mass of the sterile neutrino ms and the three couplings �e, �µ, and �⌧ . A natural choice
for the coupling would be �e = �µ = �⌧ ; however, we will see that also the choice �e = �µ = 0 is of
particular interest since it is the most difficult to constrain using laboratory experiments (the same
conclusion is reached for a model with active-active secret interaction in the more recent Ref. [400]).
On the other hand, for the two masses M' and ms, which set the energy scale of the model, we will
see that the constraints favor a region of interest between 10 MeV and 1 GeV.

8.2 Constraints
In this section we explore the constraints that can be drawn on the model from laboratory experi-
ment, cosmology, and astrophysics. Laboratory experiments are able to constrain the model mainly
because of the new channels which open up for meson decay with the new interaction. This allows
to put bounds on how strong the interaction can be without changing the branching ratios for these
decays; this has already been done for active-active secret interactions, for example in Ref. [405].
Cosmology can be a source of powerful constraints on these models, both because additional species
influence the rate of expansion of the Universe, and because secret interactions can change the prop-
erties of the dense primordial plasma. For this reason, both primordial nucleosynthesis and the
formation of the CMB are taken into account in this work. Finally, astrophysical compact objects,
in particular supernovae, are environments with large concentrations of neutrinos which could in
principle be sensitive to secret interactions: as we will discuss, however, we find no competitive
constraints from supernovae.

8.2.1 Laboratory constraints
As mentioned above, secret interactions open new decay channels for mesons. In the standard
scenario mesons can decay leptonically as M ! ⌫``, where M represents a meson (⇡+

, K
+
, D

+)
and ` = e, µ, ⌧ . The new channels opened by the secret interaction are M ! ⌫s`' and M ! ⌫s`⌫`0⌫s.
The corresponding Feynman diagrams are shown in Fig. 8.1. We remark again that the active-sterile
mixing angle is assumed small, since otherwise it would cause new decay channels such as M ! ⌫`0`'.

The conditions for the process M ! ⌫s`' are that the corresponding �` 6= 0 and the kinematical
requirement

ms + M' . mM � m` , (8.2)

where mM is the mass of the decaying meson and m` the mass of charged lepton `. We provide
in Table 8.1 the maximal allowed values for ms + M', namely mM � m`. Some of the processes
(⇡+

, K
+
, D

+
! e'⌫s and K

+
, D

+
! µ'⌫s) have a large phase space available, whereas others

(⇡+
! µ'⌫s and D

+
! ⌧'⌫s) are only marginally allowed and are not expected to be very con-

straining. Finally, the processes ⇡+
, K

+
! ⌧'⌫s are not kinematically allowed.

Among all these processes, we focus on the decay K
+

! µ'⌫s. There are various reasons for this
choice: first of all, as also discussed in Ref. [405], this process leads to stronger limits than the
corresponding decay in electron K

+
! e'⌫s. This is mainly due to the higher precision with which
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Figure 8.1: Feynman diagrams for the new meson decay channels introduced by the interaction:
time runs along the vertical axis.

Meson (ms + M')max(MeV)
⇡
+

! e'⌫s 140
! µ'⌫s 35
! ⌧'⌫s –

K
+

! e'⌫s 493
! µ'⌫s 388
! ⌧'⌫s –

D
+

! e'⌫s 1870
! µ'⌫s 1765
! ⌧'⌫s 93

Table 8.1: New decay channels for light mesons induced by the interaction and relative maximal
allowed values for ms + M'. When the numerical value is missing it means that the corresponding
process is kinematically forbidden.

the branching ratios are known for the first process compared with the second one. Furthermore,
due to the larger phase space available, constraints from kaon decay are stronger than the ones from
⇡
+ and D

+ decay. The only exception is the case of only �⌧ 6= 0, since this implies that only the
process D

+
! ⌧'⌫s is kinematically allowed. We have explicitly analyzed the rate of this process

finding that, for masses M' and ms consistent with the cosmological constraints, the constraints
from D

+ decay are so weak that �⌧ = 1 is always allowed.
The four-body decay M ! ⌫s`⌫`0⌫s can also constrain the model. The decay is kinematically

allowed if
2ms . mM � m` . (8.3)

Since the four-body decay contains an additional vertex of interaction (see Fig. 8.1), it is suppressed
by a factor �2 compared to the three-body decay; therefore we expect it to be important only for
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� ⇠ 1.
Our purpose is to compare the decay rates for the three-body and four-body processes with the

experimental constraints. First of all we discuss the explicit form of the decay rates of mesons. We
limit the discussion to the kaon decay into muon for the reasons discussed above, even though it is
straightforward to obtain the decay rate for a different meson decay M into the leptonic channel `
by simply replacing in all the subsequent formulas mK by mM and µ by `.

Figure 8.2: Exclusion contours in the M' � ms plane for different values of the coupling � = �e =
�µ = �⌧ , for the choice of equal flavor coupling: the region below the contours is excluded.

For the three-body decay K
+

! µ⌫s', the decay rate in the limit of vanishing active neutrino
masses is

d�K!µ⌫s' = (8.4)

=
f
2
K

G
2
F
|�µ|

2

16mK(2⇡)3

Z
dEpdEk

Q

(m2
K

+ m2
µ

� 2mKEp)2
,

where

Q = 8M
2
'
[2(mKEk � EpEk + p · k) ⇥

(2Ep(mK � Ep) � mKEp + m
2
µ
) � (8.5)

(m2
K

+ m
2
µ

� 2mKEp)(EpEk + p · k)].

We have defined with p, q, k, and P respectively the µ, ', ⌫s and K four-momenta, and in bold
face their spatial three-momenta. fK is the Kaon decay form factor. Notice that for fixed values of
Ep and Ek, the product p · k is unambiguously determined by kinematics, which is why no angular
integration appears in Eq. 8.4.
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With the same notation, for the four-body decay K
+

! µ⌫s⌫s⌫
0
`
, the decay rate is

d�K!µ⌫s⌫a⌫s =
G

2
F
f
2
K

|�µ|
2(
P
`
|�`|

2)

(2⇡)6M
(8.6)

Z
|p|

2
d|p||q|

2
d|q||k|d|k|d cos ✓d�

EpEqEk|p + q|

q · lQ
0

s4
⇥
(q + l)2 � M2

'

⇤2 ,

where p, q, l, k and P are the four-momenta respectively of µ, ⌫s, ⌫0`, ⌫s and K. For convenience,
we introduced the notation s = P � p and we defined

Q
0 = 4k · sp · Ps · P � 2k · sp · sm

2
K

� 2k · Pp · Ps
2 + k · pm

2
K

s
2
. (8.7)

In this case, there are 5 independent variables to parameterize the decay, which we chose to be |p|,
|q|, |k|, the angle ✓ between p and q, and the azimuthal angle � between k and the plane determined
by p and q. In case p and q were collinear, this should be interpreted as the azimuthal angle around
the direction of p.

The three-body and four-body decay processes would both be observed as K ! µ+missing energy.
The Particle Data Group review [61] lists a process K ! µ⌫⌫⌫ with the same observational signature
and with an upper limit on the branching ratio of 2.4⇥10�6 at 90% confidence level. For this reason
we impose that the branching ratio for the three-body and four-body decay processes together is
smaller than this limit.

As we mentioned above there are three independent couplings for the three flavors. As a bench-
mark choice we assume here �e = �µ = �⌧ = �, and we show in Fig. 8.2 the region excluded by
kaon decay in the M'�ms plane for various values of the coupling �. The contours exhibit a bump
in the right part of the exclusion contours; this comes from the four-body decay, which does not
contain ' in the final state and thus mainly constrains ms. As we discussed above, this bump is
most pronounced for � = 1, where the four-body decay is not suppressed by the factor �2 compared
to the three-body one.

The benchmark choice of equal flavor couplings captures the most important qualitative aspects.
There is however a choice for which the results are completely different, namely �e = �µ = 0 and
�⌧ 6= 0. This choice is in fact essentially unconstrained from meson physics.

8.2.2 Cosmological bounds
Cosmology can constrain secret interactions in two ways. On the one hand, Big Band Nucleosynthesis
(BBN) is very sensitive to the number of relativistic degrees of freedom, and requires that there are
no relativistic species beyond the Standard Model at the time of the BBN. In the model studied
here, this constraints is naturally verified if the new species ' and ⌫s are non-relativistic and in
thermal equilibrium before and during BBN. In this way, their distributions are suppressed by the
Boltzmann factor e

�m/TBBN , with TBBN ' 1 MeV. A second constraint comes from the requirement
that the active neutrinos are free-streaming (and thus non-interacting) at the time at which the
CMB forms.

The full solution of the BBN and CMB equations in the presence of active-sterile secret interac-
tions is beyond the scope of this work. In our papers we limit ourselves to finding a region of the
parameter space which is safe from these constraints, leaving for future works to determine whether
more refined approaches change significantly the results. For this reason, we also refer to an effective
coupling � for the interaction instead of the three couplings �`. This effective coupling is chosen as
the largest coupling between the three.
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Big Bang Nucleosynthesis
As discussed above, we require the new species to be i) non-relativistic at the time of the BBN and
ii) in kinetic and chemical equilibrium throughout the passage from relativistic to non-relativistic.
We emphasize again that this is a sufficient, but not necessary, condition. The first requirement is
naturally met if both M' and ms are larger than about 10 MeV: in this way, the Boltzmann factor
e
�m/TBBN is smaller than 10�4, so the species are non-relativistic. To verify the second requirement,

we now compare the rates of the processes responsible for the equilibrium with the rate of the
expansion of the Universe, in order to determine the decoupling temperature for each process.

• ⌫`⌫s ! ⌫`⌫s and ⌫s⌫s ! ⌫`⌫`: the cross section for these processes, mediated by ', can be
estimated by dimensional arguments as �

4
T

2

M4
'

. For a non-relativistic distribution of sterile
neutrinos the number density grows as n ⇠ (Tms)3/2e�ms/T . The decoupling temperature is
set by the condition n� ⇠ H, where H is the Hubble parameter, which translates into the
condition n� ⇠

T
2

MPl

, where MPl is the Planck mass. This leads to the relation

✓
T

ms

◆3/2

e
�ms/T ⇠

M
4
'

MPlm
3
s
�4

.

An approximate solution for this equation, in the regime in which MPlm
3
s
�
4

� M
4
'
, is then

Ts ⇠
ms

log
h
MPlm

3
s�

4

M4
'

i .

The factor in the denominator depends only logarithmically on the parameters, and for typical
values of the masses between 10 MeV and 1 GeV and � between 0.01 and 1 is of the order of
10 to 100. Therefore the decoupling temperature is of the order of ms

10 , which means that these
processes are able to maintain both kinetic and chemical equilibrium for sterile neutrinos even
after the latter have become non-relativistic.

• '' ! ⌫s⌫s or '' ! ⌫`⌫`: the most efficient is the first process which is mediated by ac-
tive neutrinos. The cross section is estimated as �

4

m
2
`
, where m` is the active neutrino mass.

Assuming a non-relativistic distribution for ', we find the condition
✓

T

M'

◆�1/2

e
�M'/T ⇠

m
2
`

MPlM'�
4
.

The decoupling temperature, in the regime m
2
`

⌧ M'MPl�
4, is approximately

T' ⇠
M'

log
h
M'MPl�

4

m
2
`

i .

The factor in the denominator is typically of order 10 to 100, so we find again that the '
particles remain in equilibrium throughout their passage from relativistic to non-relativistic,
and therefore become Boltzmann suppressed.

In summary, if the new species are sufficiently massive, namely

ms & 10 MeV and M' & 10 MeV, (8.8)

the BBN bounds are satisfied.
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Cosmic Microwave Background
When the CMB forms, ⌫s and ' are no longer present. Secret interactions can still be relevant
among active neutrinos alone via two separate processes: on the one hand, if there is a small mixing
angle between active and sterile neutrinos, the process ⌫`⌫s ! ⌫`⌫s can be converted via mixing to
an active-only process ⌫`⌫`0 ! ⌫`⌫`00 ; on the other hand the active neutrinos might interact via a box
diagram, converting into sterile neutrinos with a first exchange of mediator and then back into active
neutrinos with a second exchange. This gives rise again to the effective process ⌫`⌫`0 ! ⌫`00⌫`00 . Since
we have always assumed negligible mixing angles between active and sterile neutrinos, we focus only
on the last process.

The presence of active-active induced interactions can in principle disrupt the free-streaming
state of active neutrinos at the time of the CMB and leave an imprint on it. For this reason, we now
estimate the decoupling temperature of the active-active process and verify that it is larger than the
CMB formation temperature. The cross section can be estimated in order of magnitude as �
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We require T
dec to be larger than the temperature of CMB formation, which is around 1 eV; one

can verify by direct substitution that this is the case for all the parameter space of interest.

8.2.3 Astrophysical bounds
Supernovae are another environment with dense concentrations of neutrinos, in which secret inter-
actions can leave observational signatures. The non-observation of these signatures can be used to
put constraints, as has been recently done for active-active secret interactions [406,407]. The typical
energies of neutrinos in the supernovae core are of the order of tens of hundreds of MeV, sufficient to
produce non-relativistic sterile neutrinos. Provided that the mean free path of these sterile neutrinos
is sufficiently large, they could escape the supernova core and lead to an appreciable energy loss. For
the supernova SN 1987A an upper bound on the luminosity that can be emitted in sterile neutrinos
is estimated as L

SN

s
' 2 ⇥ 1052 erg/s.

Our model could be in tension with this bound if two conditions are met: i) the mean free path
of sterile neutrinos inside the core, namely (�is!jsna)

�1, with �is!js the cross section for scattering
of a sterile neutrino on an active neutrino in the i-th mass eigenstate, and na the number density of
active neutrinos in the core, is larger than the radius of the supernova core, which is around 10 km;
ii) the total luminosity injected in sterile neutrinos Ls is larger than L

SN

s
. We estimate Ls as
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004⇡r
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where fi(E, r) is the distribution, assumed thermal, of active neutrinos in the i-th mass eigenstate
inside the supernova core. The temperature profile T (r) is taken from Ref. [406].

The cross sections needed for this calculation will be discussed in detail in App. E; using these
results, we have numerically verified that the two conditions just mentioned never occur simulta-
neously throughout all the parameter space we considered, with ms and M larger than 10 MeV.
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The reason is that for large couplings � the energy injected in the sterile sector is large, but the
active-sterile interaction is so strong that the sterile neutrinos do not escape the supernova; rather,
they thermalize, leading to no appreciable energy loss. On the other hand, for small couplings �
sterile neutrinos are free to escape, but they are produced in smaller quantity and therefore do not
exceed the SN 1987A bounds. In conclusion, we find no relevant constraints from supernovae.

8.3 Neutrino fluxes
The main purpose of the work discussed here is to study the signatures of active-sterile secret
interactions on astrophysical neutrinos. In this section we describe the methodology we adopt.
First of all, we have to specify a standard astrophysical source of high-energy neutrinos, in order
to determine how these neutrinos change in the presence of the secret interaction. In the first part
of the section we describe the standard astrophysical sources of neutrinos we have studied. In the
second part we discuss how secret interactions change the standard scenario, and the method we
have used to quantitatively compute this effect.

8.3.1 Standard astrophysical sources
In our work we focus on two benchmark choices for the standard astrophysical sources of neutrinos:
i) a diffuse class of neutrinos with a power-law energy spectrum with parameters obtained by the
fit to the IceCube data given in Ref. [408], which might simulate, for example, the high-energy
neutrinos produced in SBGs and in general in cosmic reservoirs (see Sec. 4.2.1 and Chap. 5); ii) a
simple parameterization for the cosmogenic neutrino fluxes (see Sec. 4.3).

We have no pretense of completeness by these two choices alone. In the energy range of IceCube,
as we have discussed repeatedly, neutrinos need not come from cosmic reservoirs, and their spectral
shape could be different. In the ultra-high energy range cosmogenic neutrinos are a guaranteed
contribution, but the magnitude of this flux is not known and recent studies have shown that
a competing source of neutrinos could still be of astrophysical nature, provided for example by
blazars [153] and Flat Spectrum Radio Quasars (FSRQ) [360]. However, we are not interested in
giving a complete overview of all the possible spectral shapes that could be expected at IceCube:
rather, the two benchmark choices used here allow us to test the effects of secret interactions over a
large energy scale from the TeV-PeV to the EeV, which is our main aim. We now discuss separately
these two choices.

TeV-PeV range: power-law model

We consider a collection of astrophysical neutrino sources, each one producing a power law spectrum
per unit solid angle1 in energy

dN⌫

dEdtd⌦
= fPL(E) = N E

��
, (8.9)

where fPL ⌘ �⌫e + �⌫µ + �⌫⌧ + �⌫e + �⌫µ + �⌫⌧ and � is the spectral index. The IceCube analysis
gives as best fit value for the throughgoing-muons � = 2.28 [283]. We assume that the sources are
distributed according to the Star Forming rate ⇢(z) [409,410], where ⇢(z) is defined as the comoving
number density. The normalization N is chosen to reproduce the best-fit for the diffuse neutrino

1If the source is anisotropic, the spectrum is evaluated in the direction of the Earth.
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flux measured by the IceCube Collaboration for the throughgoing-muons. The flux arriving at Earth
from the point-like source, expressed in terms of fPL(E), is

d�

dE
=

fPL [E(1 + z)]

r2(z)
, (8.10)

where r(z) =
R
z

0
dz

0

H(z0) .
Therefore, the diffuse astrophysical spectrum is

d�⌫

dEd⌦
=

Z
dz

0

H(z0)
⇢(z0)fPL[E(1 + z

0)]. (8.11)

We assume for definiteness a flavor structure at the source (1 : 2 : 0), corresponding to pion beam
sources.

Throughout our analysis we use the best fit values from the NuFit 3.2 global fit data for the
active oscillation parameters [411], assuming normal neutrino mass ordering.

EeV range: cosmogenic

A complete computation of the cosmogenic neutrino flux requires to solve the coupled differential
equations for the heavy nuclei in cosmic-rays colliding with the CMB. For this work we have more
simply used the results of Ref. [410]. In particular we have parameterized the cosmogenic spectrum
as

d�⌫

dEd⌦
=

Z
dz

0

H(z0)
⇢(z0)fcosmo[E(1 + z

0)], (8.12)

where ⇢(z) is the Star Forming rate [409]. The function fcosmo(E) was determined in such a way
as to reproduce the cosmogenic flux of Ref. [410]. There are in principle infinite possible choices
to obtain the function fcosmo(E): we observed that the integrand function contains ⇢(z0)

H(z0) , which is
rather peaked at z

0 = 1. Therefore we can approximately evaluate fcosmo[E(1 + z
0)] at z

0 = 1 and
take it out of the integral. This gives a unique solution

fcosmo(2E) '
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0)

, (8.13)

where d�
th

⌫
dEd⌦ is the cosmogenic flux in Ref. [410]. We have verified that inserting back fcosmo(E) from

Eq. 8.13 into Eq. 8.12 reproduces very precisely the correct cosmogenic spectrum. For cosmogenic
neutrinos we assume again a flavor structure at the source (1 : 2 : 0).

8.3.2 Secret interaction
As also mentioned in the introduction to this chapter, secret interactions change the propagation of
neutrinos from their sources to the Earth. More specifically, the active neutrinos produced at the
source can collide with low energy neutrinos from the CNB producing a flux of secondary sterile
neutrinos. Part of these sterile neutrinos can collide themselves with neutrinos from the CNB to
produce new active neutrinos, in a process we will name regeneration throughout this work. This
cascading process has the most important effect of depleting the active flux by transferring part of
its energy to the sterile sector. This results in an effective absorption which is the effect we want to
highlight. The cascade process is in principle described by a set of coupled transport equations for
the active and sterile neutrino fluxes.
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We define by �i(z, E) the flux of active neutrinos in the i-th (i = 1, 2, 3) mass eigenstate per
unit energy interval per unit solid angle at a redshift z, while �s(z, E) denotes the flux of sterile
neutrinos. The flux at Earth is d�⌫

dEd⌦ = �(0, E). We assume that the propagation is diagonal in the
mass eigenstates: in fact the mean free path between collisions is much larger than the oscillation
lengths, so the fast oscillations average out the neutrino density matrix to its diagonal form in the
mass basis. In other words, in between two collisions a neutrino decoheres to mass eigenstates.

The transport equations take the form:

H(z)(1 + z)
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where f(E) is the neutrino spectrum produced at the source (this if fPL for the power-law flux and
fcosmo for cosmogenic neutrinos) and ⇠i is the fraction of neutrinos produced at the source in the
i-th mass eigenstate. Similarly, for the sterile flux we write:
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Here nj is the number density of CNB neutrinos in the j-th mass eigenstate: we assume equipar-
tition among mass eigenstates (justified by the small mass difference between them compared with
the mass chosen at 0.1 eV). For ms > M', we also account for the decay of sterile neutrinos: this is
discussed in App. F.

The regeneration process corresponding to the last term in Eq. 8.15 makes the equations hard
to solve since they are coupled to one another. However, we found that for the benchmark fluxes we
have chosen regeneration plays only a negligible role. The reason is that the regenerated flux from
sources at high redshifts is subdominant compared with the direct flux from sources at low redshifts.
We verified this both by solving the coupled transport equations numerically for some benchmark
cases and by treating the regeneration term perturbatively to first order: the last approach showed
that the first order correction is indeed smaller than the flux without regeneration. An important
exception to this rule is the case ms > M', where the decay of sterile neutrinos leads to another
process which can regenerate active neutrinos. In this case we find that regeneration can significantly
change the flux: we refer again the reader to App. F where we describe how we deal with this case.

Neglecting regeneration, we only need to solve Eq. 8.15 without the last term. This admits the
analytical solution for the flux at Earth
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8.4 Results
In this section we show the effect of secret interactions on the benchmark sources of astrophysical
neutrinos discussed above. We divide our discussion according to the two sources.

8.4.1 TeV-PeV range: power-law model

Figure 8.3: Astrophysical all-flavor neutrino power-law spectrum: the thick curve is the flux with
no interaction, while the dotted curve corresponds to the case of �af = 1 and the dashed one
corresponds to the case �⌧ = 1, as described in the text. The experimental points are the neutrino
fluxes inferred from the IceCube HESE data [204].

In the region below 100 PeV the active-sterile interaction is kinematically forbidden unless the
sterile mass is sufficiently low. The condition is that the center-of-mass energy of the active as-
trophysical neutrino and the CNB neutrino at rest is larger than twice the sterile mass2. For
ultra-relativistic astrophysical neutrinos of energy E this condition gives

p
2mE > 2ms; for a typi-

cal sterile neutrino mass of ms = 10 MeV and an active neutrino mass of m = 0.1 eV we find E > 1
PeV.

We distinguish between the two benchmark possibilities for the flavor structure of the interaction:
either �e = �µ = �⌧ = �af (where af denotes all flavors), or �e = �µ = 0 and �⌧ 6= 0.

In the first case, the kaon decay strongly constrains the possible values of the coupling (see
Fig. 8.2). In order to have noticeable effects, small sterile masses, large mediator masses, and large
couplings �af ' 1 are required. We take as benchmark values ms = 10 MeV and M' = 1 GeV.
In this case the interaction takes place with a large coupling, but it is not resonant (the resonance
condition with a mediator mass M' = 1 GeV would require energies of 10 EeV).

2The factor of 2 comes from the two neutrinos produced in the interaction.
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In the second case, with �e = �µ = 0, there are no constraints from meson decays. Thus �⌧ = 1
is presently unconstrained even for small masses of the mediator and the sterile neutrino. We choose
the benchmark values of ms = 15 MeV, M' = 10 MeV, and �⌧ = 1, which maximize the effect. For
this choice the interaction is not only kinematically allowed, but also in resonance at the energies of
interest3.

We show the spectra for both parameter choices in Fig. 8.3, together with the power-law flux in
the absence of secret interaction. The first choice (dotted curve) leads to a weaker absorption effect
which is mainly evident at higher energies, due to the out-of-resonance character of the interaction.
On the other hand, the second choice (dashed curve), which is resonant, leads to a pronounced
absorption dip starting at the threshold for sterile neutrino production. This second case is also
special in that it has ms > M', so the sterile neutrino can decay as discussed in App. F. This is the
origin of the small pile-up of neutrinos in the low energy part of the spectrum.

The flavor structure also changes in view of the secret interaction, because different mass eigen-
states are absorbed with different strengths during the propagation. To illustrate this point, we
show in Fig. 8.4 the flavor ratios as a function of the energy for both the parameter choice discussed
above.

Figure 8.4: Flavor ratio at Earth as a function of the energy for the first benchmark case (ms = 10
MeV, M' = 300 MeV, �e = �µ = �⌧ = 1) (top pannel) and second benchmark case (ms = 15 MeV,
M' = 10 MeV, �⌧ = 1) (bottom pannel). We show in different colors and linestyles the fraction of
electron (green solid), muon (yellow dashed) and tau (red dotted) neutrinos.

For the first case the flavor composition is only slightly different from the standard one (namely
(1:1:1)) at very high energies. On the other hand, the second case shows a characteristic behavior
with a small change of the flavor ratio at low energies, due to the pile-up effect, and a cutoff at
high energies above which the flavor composition changes even more significantly. The presence of
the cutoff coincides however with the sharp drop in flux due to the absorption of neutrinos on their
path to Earth. The energy dependence of the flavor composition from secret interactions is a unique
signature which could be very important in the future in disentangling possible effects on the energy
flux from the uncertainties on the astrophysical standard neutrino fluxes.

The flavor composition can also be represented in the flavor triangle, where it can be directly
compared with the sensitivities of the future experiments. We do so for the second benchmark
case (�⌧ = 1) in Fig. 8.5, where the red and the orange points correspond to an energy of 105

3Actually, since the sterile mass is slightly heavier than the mediator, the interaction becomes kinematically allowed
slightly after the resonance energy; however, the resonance enhancement is still quite visible in Fig. 8.3.
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Figure 8.5: Flavor ratio, reproduced in the flavor triangle, for varying energy for the second case
in the text (ms = 15 MeV, M' = 10 MeV, �⌧ = 1). The red and orange points correspond to an
energy of 105 GeV and 108 GeV, respectively. The projected sensitivity of IceCube-Gen2 [412] is
shown as well.

GeV and 108 GeV, respectively. The comparison with the sensitivity of IceCube-Gen2 is at present
mainly indicative, because that sensitivity was estimated for a flavor composition constant in energy,
whereas in our case the flavor ratio depends on the energy. However, this comparison already shows
that future experiments might be able to distinguish the presence of secret interactions and possibly
to constrain them.

8.4.2 EeV range: cosmogenic
For the case of cosmogenic neutrinos the interaction happens resonantly for masses of the mediator
so large (of the order of GeV) that the constraints from kaon decay are essentially irrelevant. For
this reason, we do not consider different flavor structures for the interaction, which is unconstrained
anyway. Rather, we refer to a simplified one-flavor scenario treated in our first paper [403].

At present there is no detection of neutrinos in the ultra-high energy range above 100 PeV. The
radio-experiments discussed in previous chapters will play an important role in unveiling the sources
of neutrinos in this energy region. For our present discussion, we report the sensitivities of the
GRAND experiment, the 90% exclusion limit found by the Pierre Auger Observatory (PAO), and
the sensitivity of the ARIANNA experiment

Our results are shown in Fig. 8.6 both in the absence and in the presence of secret interactions,
for some benchmark values of the sterile and mediator masses. These spectra have been obtained
under the assumption of a purely protonic UHECRs flux (left panel) and purely helium cosmic rays
(right panel). For all fluxes the coupling has been fixed to � = 1. We find that larger mediator
masses correspond to weaker absorption at higher energy scales, as expected.

If the UHECRs composition is mainly protonic, then the cosmogenic normalization is sufficiently
large that GRAND and ARIANNA might detect the flux already after 3 years of data taking. There-
fore, they might possibly infer the presence of spectral distortions coming from secret interactions.
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Figure 8.6: Effects on the cosmogenic spectrum expected in the case of proton (left panel) and
helium (right panel) cosmic-rays. The solid green curve is the cosmogenic spectrum expected in the
absence of secret interactions, the dashed, dot-dashed and dotted curves are the spectrum for secret
interactions with ms = 250 MeV and M' = 300, 500, 1000 MeV respectively. The sensitivity of the
GRAND experiment, the 90% confidence level exclusion of PAO [413], the integrated sensitivity of
GRAND after 10 years of data [97] and the sensitivity of the ARIANNA experiment [414] are also
shown.

The non-observation of these spectral distortions might be used to constrain values of the coupling
close to 1, which would be otherwise unconstrained for such large values of the sterile and mediator
masses.

If the UHECRs composition is made of heavier nuclei, such as the case of helium, the nor-
malization of cosmogenic fluxes lowers significantly. It is still above the integrated sensitivity for
GRAND200k, but of course the detection of a distortion of the spectral shape would be harder to
perform with these radio experiments. In this case, the neutrino production in the EeV range might
be dominated by astrophysical sources, such as blazars [153], which might be used again to detect
spectral distortions induced from secret interactions.

8.5 Discussion
In the work presented in this chapter we have considered a specific model of active-sterile secret
interactions, and studied its connection with the neutrino observations at IceCube. Whereas active-
active secret interactions have been the target of many studies along these lines, in our work for
the first time we point out that an interaction connecting the standard neutrino sector with a
sterile one can also lead to significant effects. Since this model has been rarely taken into account
in the literature, we have first of all obtained the constraints coming from present knowledge of
particle physics, astrophysics, and cosmology. The latter in particular are difficult to obtain in a
rigorous way, since they require a precise solution of the Big Bang Nucleosynthesis and the Cosmic
Microwave Background transport equations. For the purpose of our work we only used order of
magnitude estimates, leaving for future work a refined treatment. In this way, we have determined a
region of the parameter space of the model which is allowed by present constraints, and which leads
to significant distortions of the spectral shape and flavor composition of the astrophysical neutrino
fluxes. The mechanism is based on the collisions between astrophysical neutrinos and the low energy
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neutrinos from the CNB. The collisions convert the neutrinos into sterile, invisible neutrinos, causing
an absorption-like behavior. We have shown the presence of this effect in two different energy ranges:
the PeV energy range, which is of interest for IceCube observations and neutrino telescopes, and
the EeV energy range, which will be probed by the future generation neutrino radio telescopes. In
both cases we find that the secret interaction leads to absorption dips in the spectrum, which could
be large enough to be detected either by IceCube or by the future neutrino radio telescopes such as
GRAND. The interaction also makes the flavor composition energy-dependent, since different mass
eigenstates are absorbed with different rates. The energy-dependent flavor composition, combined
with the dip signature in the shape of the energy spectrum, could be a way to uniquely identify the
secret interaction. In conclusion, we remark that the choice of the active-sterile sector is a special
one which has been rarely studied in the literature. However, the features that we have identified are
present also for the more general case of a non-standard interaction involving neutrinos, making the
high-energy neutrino observations an ideal source of information for constraining and investigating
these models.



Chapter 9

Testing Violation of Equivalence
Principle with neutrinos

The equivalence principle is one of the cornerstones of general relativity. The whole connection
between gravitation and the geometrical structure of space-time is in fact based on the observation
that all bodies (neglecting their extension) move in the same way in a given gravitational field.
This observation goes back to the equality between inertial and gravitational mass, proposed as
an empirical statement in Newtonian mechanics and then promoted to a founding principle in the
general theory of relativity. However, this theory, as well known, is probably incomplete at very high
energies, as hinted at by its non-renormalizable behavior after quantization, and by the apparently
unavoidable presence of singular solutions in the collapse of material bodies. For this reason, testing
the principles at the basis of the theory is a fundamental research area, and there are many different
kinds of experiments aimed at identifying a possible Violation of Equivalence Principle (VEP). These
include torsion-balance experiments [415], motion of bodies in the solar system [416], spectroscopy
of atomic levels [417] and pulsars [418–420].

High-energy neutrinos represent a complementary way of probing VEP. In the standard scenario,
the neutrino eigenstates of free propagation do not coincide with the flavor eigenstates, and the
relative dephasing between them cause the observed oscillations between different flavors. VEP
induces a new source of dephasing, because different combinations of flavor eigenstates can couple
with different strengths to an external gravitational potential. This mechanism was in fact proposed
to explain the solar neutrino problem [421–431], before the conventional oscillation framework was
established. Since the standard scenario is now confirmed, a change of perspective is suggested,
using neutrino data to test and constrain VEP. Observations of neutrinos from many sources have
led to competitive constraints in this direction [432–450].

In this work, we study the constraints on VEP that can be deduced from the IceCube data,
discussing two alternative strategies. First of all, we analyze the large amount of IceCube data on
atmospheric neutrinos: since these data mainly represent the muon neutrinos in the atmospheric
flux, they are sensitive to a non-standard mechanism of oscillation which changes the fraction of
muon neutrinos. Therefore, we constrain the VEP model by using the non-observation of signatures
in the IceCube data samples. As a second strategy, we propose to use the flavor composition of
astrophysical neutrinos as a VEP-sensitive observable. Depending on the model, VEP can in fact
change the flavor composition by virtue of its non-standard oscillations. We show that already
with the IceCube data on astrophysical neutrinos a 2-sigma tension is present for some regions of
the parameter space. As a future perspective, we compare the predictions of VEP with the future
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flavor sensitivity of IceCube-Gen2, showing that it will be able to constrain most of the parameter
choices of the model. Our focus is on the complementarity between the two approaches, namely
the atmospheric and the astrophysical one: the first is based on lower energy data, and therefore
less sensitive to non-standard physics; the second uses higher energy data, whose mechanism of
production is however not completely understood yet. A combination of the two allows to constrain
most of the parameter space of the model.

9.1 Neutrino propagation in a gravitational field
A neutrino moving in a gravitational field exhibits a modified dispersion relation, which will be
derived below. Since the dispersion relation influences the phase acquired by each mass eigenstate
in a different way, gravitational fields will in general change the oscillation properties of neutrinos,
even if the equivalence principle is verified. However, this change is completely negligible for weak
gravitational fields, because the gravitational field acts in the same way on all mass eigenstates, so
there is no observable effect. If the equivalence principle is violated, on the other hand, a relative
dephasing arises even independently of the mass splitting, because different combinations of mass
eigenstates couple with different strengths to the gravitational field. In this section we introduce the
mathematical formalism for describing these effects.

Let us assume that the neutrino is described by a wave packet1 with energy centered around E

propagating over a (coordinate) time interval T and (coordinate) length l. For simplicity, we neglect
the spin degree of freedom, to keep the discussion as similar as possible to the usual treatment of
neutrino oscillations. Let m be the neutrino mass; for the moment we treat the case of a single mass
eigenstate. We adopt the weak-field approximation for the line element in space-time

ds
2 = (1 + 2�)dt

2
� (1 � 2�)dl

2
, (9.1)

where � is the gravitational potential in natural units. If � is independent of time, the motion of
the neutrino admits an integral of motion corresponding to the energy

E = m(1 + 2�)
dt

ds
. (9.2)

The phase acquired by a neutrino in its propagation can be written as

�̄ =

Z
pµdx

µ =

Z
mgµ⌫

dx
µ

ds
dx

⌫
, (9.3)

where gµ⌫ is the space-time metric. The term corresponding to µ = ⌫ = 0 in the sum can be
written as

R
Edt, and since E is an integral of motion it can be integrated to give ET . When we

deal with different mass eigenstates, this term is common and equal for all of them, and therefore
does not induce any relative dephasing among them: for this reason, we introduce a modified phase
� = �̄ � ET which does not include this term. This second term is written

� = �

Z
m(1 � 2�)

dl

ds
dl. (9.4)

1At first sight the assumption of a particle with definite energy propagating over a definite length and time interval
might seem in contradiction with the basic principles of quantum mechanics. However, such a description is in fact
admissible for a wave packet, provided that the propagation time and length are sufficiently large: the uncertainty
on the time is, by the uncertainty principle, larger than �T & �E

�1. This can easily respect the condition �T ⌧ T

provided that T�E � 1. A different choice, for example a state with definite space-time position (and uncertain
energy and momentum), leads to a wrong factor of 2 in the dephasing of the mass eigenstates (see, e.g., Ref. [451]).
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We can express dl

ds
in terms of the energy using the on-shell condition
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Obtaining dl

ds
from Eq. 9.5 and substituting in Eq. 9.4 we finally arrive to the result

� = �

Z
E

s
(1 � 2�)(1 � (m/E)2 + 2(m/E)2�)

1 + 2�
dl. (9.6)

For ultra-relativistic neutrinos, this can be expanded in terms of the small variables (m/E)2 and �
to give

� = �

Z 
E � 2�E �

m
2

2E

�
dl (9.7)

Let us now assume the presence of three mass eigenstates, identified by the Latin index i. If the
equivalence principle is maintained, the first two terms are a common phase to all three mass
eigenstates and can be neglected: the third term, on the other hand, is proportional to m

2
i

for each
of the three eigenstates, and induces a relative dephasing, leading to conventional oscillations. The
gravitational potential therefore does not produce any effect.

A more interesting case arises if the equivalence principle is violated. In this case, the first term in
Eq. 9.7 remains a common phase, but the central term could be different for different combinations
of mass eigenstates. We emphasize that these different combinations should not necessarily coincides
with the mass eigenstates. However, for simplicity in our initial treatment, let us assume that each
mass eigenstate couple with different intensity to the gravitational potential: in other words, the i-th
mass eigenstate feels an effective potential �i�, where �i is a dimensionless factor. If �i = 1, there
is no violation of equivalence principle; if �i are different among each other, each mass eigenstate
acquires a different phase. Introducing the array of the amplitudes of being in each of the mass
eigenstates c, with components ci, we can write a propagation equation in the compact form

i
dc

dl
= 2�E�c +

M
2

2E
c, (9.8)

where � = diag(�1, �2, �3) and M
2 = diag(m2

1, m
2
2, m

2
3). Since only relative phases are important,

these matrices are usually redefined as � = diag(0, �21, �31) and M
2 = diag(0, �m

2
21, �m

2
31). While

Eq. 9.8 was derived in the basis of the mass eigenstates, it is of course true in any basis, including
the basis of flavor eigenstates, provided that the � and M

2 matrices are correspondingly rotated.
All the above derivation refers to the propagation of neutrinos in vacuum. If neutrino propagate

in matter, there is a further contribution to the dephasing to take into account. This comes from the
elastic forward collisions between neutrinos and the electrons in matter. This is a process analogous
to coherent refraction of electromagnetic waves in a continuous medium: for collisions at a generic
angle, the incident wave (neutrino in our case, light in the case of electromagnetic waves) produces
a scattered wave which is generally out of phase. The dephasing between the two waves depend
on the precise position of the center of scattering, and so the total field diffused by a collection of
scatterers averages to zero if the wavelength is much smaller than the distance between them. Only
in the case of forward scattering, the scattered wave is in phase with the original wave independently
of the position of the scattering center: in this case there is a non-vanishing total scattered field
from all of the scattering centers [19]. For neutrinos in matter this process is described by the Fermi



144

interaction Hamiltonian [452]2

Hint =
GF
p

2
ē�µ(1 � �5)⌫e⌫̄e�

µ(1 � �5)e, (9.9)

where GF is the Fermi constant. This term can be rearranged by a Fierz transformation to

Hint =
GF
p

2
ē�µ(1 � �5)e⌫̄e�

µ(1 � �5)⌫e. (9.10)

When the neutrino propagates in matter, this term can be averaged over the state of the electrons in
matter, which are assumed to be at rest and to be in each of their spin states with equal probabilities.
In this case, an explicit computation shows that only the term with µ = 0 in the sum survives, and
that the average value < ē�0(1 � �5)e >= Ne, the electron number density. After decomposing
the spinor ⌫e into the left and right-handed components ⌫eL and ⌫eR, the interaction Hamiltonian
becomes

Hint = �

p

2GFNe⌫̄eL⌫eR, (9.11)

which behaves as an effective mass term for the electron neutrino3. Inserting this term into Eq. 9.8,
we express the final propagation equation in the flavor basis using the PMNS matrix: the final result
is

i
dc↵

dl
=
X

j,�

U�jU
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↵j

M
2
jj

2E
c� + V (r)�↵ece + 2E�

X

i,�

U�iU
⇤
↵i

�iic� , (9.12)

where V (r) =
p

2GFNe(r) will be hereby denoted matter term, and we have used Greek indices to
indicate the flavor eigenstates.

As a final comment, until now we have stuck to the assumption that different mass eigenstates
couple to gravity diagonally with different strengths. This is only a benchmark assumption, however,
and in general the states coupling diagonally to gravity need not be the mass eigenstates: we will
refer to them throughout this work as gravitational eigenstates. If the gravitational eigestates are
not equal to the mass eigenstates, they can always be expressed as a combination of flavor eigenstates
through a unitary matrix Ũ , which does not anymore coincide with the PMNS matrix: in this case
in the last term of Eq. 9.12 the matrix U should be replaced by Ũ , leading to the equation
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9.2 VEP effects on atmospheric neutrinos
Having ascertained in which way a VEP can change the oscillation properties of neutrinos, we now
turn to the observable consequences of this effect. Since the last term in Eq. 9.12 increases with
energy, high energy neutrinos are the ideal candidates to exhibit VEP effects. In this section, we
discuss how VEP influences atmospheric neutrinos.

Atmospheric neutrinos propagate from the top of the atmosphere to the Earth surface; in par-
ticular, upgoing atmospheric neutrinos pass through the Earth before reaching the detector, for

2There is also a corresponding term coming from neutral current interaction, which however acts in the same way
on all flavors and therefore does not cause any relative dephasing: for this reason we neglect it.

3While this derivation is easy from the computational standpoint, it may outshadow the connection with forward
scattering. In fact the same result could be obtained by summing the forward scattered amplitude over a collection
of electrons, in the same way as done for the electromagnetic field in Ref. [453].
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example IceCube, and therefore have to travel a much longer path. This property makes them more
sensitive to VEP effects, because the oscillations can accumulate over the traveled distance. For this
reason (and also because of the smaller contamination from atmospheric muons), we focus on upgo-
ing atmospheric neutrinos. We will first of all describe qualitatively the effect of VEP oscillations
on atmospheric neutrinos; later we will discuss the data sets used for our analysis and the statistical
methods used, showing our results for the constraints on the strength of the VEP.

9.2.1 Propagation of atmospheric neutrinos under VEP

During their propagation through the Earth, atmospheric neutrinos are subject to conventional
oscillations, the matter potential discussed at the end of the previous section, and possibly VEP
oscillations: the latter is the effect we would like to test. Even though the dominant gravitational field
is the terrestrial one, the gravitational potential turns out to be dominated by a constant background
originating from the Great Attractor, a gravitational anomaly which generates a potential of the
order of � ⇠ 3 ⇥ 10�5 in natural units [454] (this value should be compared, for example, with
the gravitational potential generated by the Earth, which is of the order of 10�9 in natural units,
thus being completely negligible). Since this value is not known with precision, it is customary to
provide constraints not on the �21 and �31 parameters, but rather on the combinations �21� and
�31�, assuming that the gravitational potential has a constant value of the order of 10�5. We can
therefore identify different qualitative behaviors for the neutrino propagation:

• at low energies (E . 1 GeV) the first term in Eq. 9.12, due to conventional oscillations,
dominates, and neutrinos oscillate as in vacuum;

• at intermediate energies (1 GeV . E . 100 GeV) the matter term dominates, pinning the
electron flavor and stopping it to participate to the oscillations; in this case there will only be
conventional oscillations restricted to the µ and ⌧ flavor;

• at higher energies (100 GeV . E) the wavelength for conventional oscillations becomes larger
than the diameter of the Earth, so they become irrelevant for upgoing atmospheric neutrinos;
in the standard scenario there are therefore no oscillations;

• depending on the value of � (meaning the largest among �21 and �31), the wavelength for
VEP oscillations can become smaller than the Earth diameter 2R

L at an energy of the order

E ⇠
1

4RL
��

⇠ 8.3 TeV
⇣

��

10�27

⌘�1
. At these energies the matter effect is still dominant,

meaning that the VEP oscillations will only be active between the µ and ⌧ flavors.

In principle for energies even higher the VEP effect will start to dominate even over the matter
effect: however, we will see that these values of � can already be excluded. For this reason, in
this section we focus on the last condition in this list. In this case we can simply neglect the
electron flavor, since electron neutrinos do not participate to the oscillations. Furthermore, since the
gravitational potential from the Great Anomaly is essentially constant even over the length scale of
the Solar System, both the terms of conventional and VEP oscillations in Eq. 9.12 are constant. The
problem therefore reduces to a simple two-flavor oscillation in vacuum with the additional presence
of VEP oscillations. For the results shown in this work we use this approximation, after having
explicitly verified it for some benchmark cases against the numerical solution of the full system in
Eq. 9.12.
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9.2.2 Statistical analysis
We now describe the IceCube data samples analyzed in order to draw bounds on VEP. This strategy
was first followed, to our knowledge, in Ref. [449]. The data samples analyzed in this work had been
collected by IceCube in its first stages, namely IC40 and IC79, with only 40 and 79 strings operating
respectively. Furthermore, for IC79 the effective areas had not been released by the collaboration,
so that they were obtained using a scaling from the ones of IC40.

In this work we provide an updated analysis using the recently released IceCube data relative to
more than 6 years of operation in the full IC86 mode with 86 operating strings. We focus on the
IC79 data sample after one year of observation and on the IC86 data sample in 2011, hereby denoted
as IC86-11: both these data samples have been released in Ref. [455]. IceCube has also released in
Ref. [456] six years of data-taking in the full IC86 configuration: we will refer to this data set as
IC86-12/18. All three data samples correspond to track events identified by IceCube, allowing for
a rather precise angular reconstruction; the energy reconstruction is less accurate, but there is no
drawback to our study since we will only need the total number of events over the entire energy
range of the experiment. An improvement over this method of analysis focusing on the angular
information only has been proposed in Ref. ??, where an energy and angular binned analysis has
been conducted on a more restricted IceCube data sample.

Since the data released refer only to tracks, and therefore to muon neutrinos4, VEP mainly
causes the conversion of some of the atmospheric muon neutrinos into tau neutrinos, and therefore
it reduces the number of observed events. The reduction depends on the zenith angle with which
the neutrino reaches the detector, because of the different path length traversed, and on the energy,
because the VEP effects are more important at high energies. We emphasize again however that
we integrate over all observed neutrino energies. The signature we look for is therefore an angular-
dependent decrease in the observed number of events compared to the theoretical expectations. The
non-observation of this signature allows us to constrain the strength of the VEP interaction.

The three data samples of IC79, IC86-11 and IC86-12/18 are composed respectively of 48362,
61313, and 760923 upgoing neutrino events with a zenith angle between 90� and 180�. Since we are
interested in the angular distribution, for each data sample we group the data in ten bins in cos ✓,
where ✓ is the zenith angle, from 0 to -1 (upgoing neutrinos come from below the detector). The
expected number of events in each bin and in an observation time T , as a function of �21 and �31, is

N
th

i
(�21, �31) =

Z
dE

Z cos ✓i+1

cos ✓i

d cos ✓ 2⇡

�µ(cos ✓, E)Pµµ(cos ✓, E, �21, �31)Aeff(cos ✓, E)T, (9.14)

where Aeff is the effective area for the experiment of interest, provided for IC79, IC86-11, and IC86-
12/18 by IceCube together with the corresponding data set, �↵ is the atmospheric flux of muon
neutrinos and antineutrinos (see Ref. [457]). T is respectively of 316, 333, and 2198.2 days for IC79,
IC86-11, and IC86-12/18. Finally, Pµµ(cos ✓, E, �21, �31) is the survival probability of muon neutrinos
in the two-flavor scenario described in the previous subsection. We integrate over the entire energy
range from 100 GeV to 100 TeV. At the very highest energies in this range a contamination from
astrophysical neutrinos is expected: however, these are much less than the atmospheric neutrinos
over the entire energy range (IceCube has detected around 100 astrophysical events, whereas the
data sample analyzed here contains over 10000 events). For the same reason, the introduction of a
component from the prompt decay of charm also does not change our results: we have verified this
explicitly modeling this component as in Ref. [458].

4We neglect a possible small contamination of track events from tau neutrinos.
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Figure 9.1: Allowed regions at 90% confidence level in the �21 � �31 plane for the IC79, IC86-11
and IC86-12/18 dataset shown in blue, orange and green respectively for the VEP direct (left) and
inverse (right) ordering scenario. The allowed region is within the contours. The black dashed curve
is the 90% confidence level exclusion contour obtained in Ref. [449].

Having determined the theoretically expected number of events, we compare this with the exper-
imental data using a maximum likelihood analysis for each data sample: the chi-squared function,
following Ref. [449], is written as
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where ↵ and � account for the systematic uncertainties on the normalization and the angular distri-
bution respectively of the atmospheric flux and N

data

i
are the number of events per bin; the average

values of ↵ and � are respectively 1 and 0 and the uncertainties on these values �↵ = 0.24 and
�� = 0.04 [457]. We consider a statistical uncertainty given by the Poisson estimate �i,stat =

p
N

data

i

and a systematic uncertainty �i,sys = fN
th

i
. The systematic uncertainty is a crucial point of this

analysis: since IceCube provides no independent estimate for it, we use a value for f which guaran-
tees agreement between the data and the atmospheric fluxes without VEP within 90% confidence
level, similarly to the approach of Ref. [449]. We treat ↵ and � as nuisance parameters and we
marginalize over them, obtaining an effectively two-dimensional likelihood.

The sign of �21 and �31 is of course a free parameter of the model. However, since the conventional
oscillations and the VEP oscillations dominate in separate energy ranges (for the small values of �
of interest to us), they do not interfere. Therefore, the oscillation probability is only sensitive to the
relative sign between �21 and �31

5. For this reason, we distinguish between a case of VEP direct
ordering (�21 and �31 with the same sign) and VEP inverse ordering (�21 and �31 with opposite
signs).

We show in Fig. 9.1 the exclusion contours at 90% confidence level in the plane �21�� �31� for
both the orderings of the VEP parameters. We also show the contours obtained in Ref. [449] with

5We do not take into account the possibility of an interference between the matter term and the VEP term: we
take for granted that VEP is always subdominant to the matter term, whose effect is to block the electron neutrinos
from participating to the oscillation, as discussed in the previous subsection.
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the IC79 data and the effective areas available at the time.
The result depends on the value chosen for the systematic uncertainty, and a more conservative

choice with a larger value of f may lead to weaker constraints: for this reason a robust result could
only be obtained if an independent estimate of f were known. Nevertheless, our results show that for
all data sets the constraints on VEP can be improved by even a factor of 2 compared to the previous
results. A somewhat counterintuitive feature is that the constraints for IC86-12/18, with 6 years of
data-taking, are comparable with the ones from IC86, corresponding to just one year of data. The
reason is that the systematic uncertainty is completely dominating over the Poisson fluctuations:
increasing the size of the sample leads to a proportional increase of the systematic uncertainty on
it, and therefore to no significant gain of information; this behavior should be contrasted with the
case of no systematic uncertainty, when the Poisson uncertainty increases only as the square root
of the size sample. Based on these observations, we expect that a mere increase in the number of
events by IceCube will not improve these results unless the systematic uncertainty is correspondingly
reduced. These conclusions are confirmed in our subsequent work [459], which we do not discuss at
length here. In this work, we show that the projected constraints obtainable with 10 years of data
taking of KM3-NeT, which has a larger effective volume, do not substantially improve on the current
results from IceCube. An interesting alternative to the reduction of the systematic error is proposed
in Ref. [460], already mentioned before, in which the combined analysis of the zenith and energy
distribution of the atmospheric events leads to a substantial improvement in the bounds obtained.

9.3 VEP effects on astrophysical neutrinos

In the previous section we have shown how atmospheric neutrinos, with energies below 100 TeV,
can probe VEP. Since the VEP effects increase with energy, one might expect that astrophysical
neutrinos, which have the highest measured energies, could improve these constraints. In this section
we show that this is only partially true.

Before doing that, however, we must return on the question of the gravitational basis, namely
the basis in which the VEP interaction is diagonal. Until now we have assumed as a benchmark
case that the gravitational basis coincides with the mass basis. However, there is no a priori reason
for this choice. The mass basis is in fact selected by the Yukawa couplings of neutrinos with the
Higgs field, and is not preferred in determining the coupling with the gravitational field. If the
gravitational basis differs from the mass basis, it will be expressed in terms of a new unitary matrix
Ũ , and the propagation equations become Eq. 9.13. The results given in the previous section can
correspondingly change. As an extreme example, if the gravitational basis coincides with the flavor
basis, the matrix Ũ becomes the identity matrix. In this case propagation is diagonal in flavor
space and neutrinos do not oscillate at all, so that atmospheric neutrinos above 100 GeV (when
conventional oscillations are negligible) exhibit no observable effects. Mild constraints could be
determined even for this choice of the gravitational basis by an analysis of the lower energy data, as
in Ref. [450], since in this range the interplay between VEP and conventional oscillations, which are
diagonal in the mass basis, could produce observable effects. However, these experiments can test
values of �ij� of the order of 10�24 [450], since at lower energies the effects of VEP are weaker.

Astrophysical neutrinos are an alternative for investigating these different choices of gravitational
basis. Neutrinos produced in astrophysical sources propagate over long distances before reaching the
Earth, and therefore could exhibit effects from VEP oscillations. To our knowledge, this possibility
was first proposed in Ref. [446]. The main difficulty in using astrophysical neutrinos as a source
of information is the need for a precise estimate of the intergalactic gravitational field. However,
there is at least a region of the parameter space in which this need is not so stringent, and that is
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the case in which VEP dominates over conventional oscillations. In this case, in fact, neutrinos are
approximately subject only to VEP oscillations with a wavelength much smaller than the propagation
distance6. As described in Sec. 2.3, when this happens the flavor composition oscillates very rapidly
and only the average flavor composition is observable. The requirement that VEP dominates over
conventional oscillations does not seem to be an extreme one. As discussed in Ref. [446], in fact,
the gravitational potential in the Intergalactic space, mostly caused by the Great Attractor, has
typical values of � ⇠ 5 ⇥ 10�6, comparable to those at the Earth. Since the energies are of the
order of 100 TeV, or even larger, the VEP effects will dominate for �21�, �31� & 10�31. Under this
assumption, if the fraction of neutrinos in the ↵-th flavor at the source is p

source

↵
, the corresponding

average fraction of neutrinos after VEP oscillations is

p
Earth

↵
=
X

i,�

|Ũ↵i|
2
|Ũ�i|

2
p
source

�
. (9.16)

If the gravitational basis coincides with the mass basis, as we have assumed in the previous
section, then Ũ = U and the predictions of the VEP model are identical to the prediction of the
Standard Model; in this case astrophysical neutrinos cannot probe VEP at all. On the other hand,
for different choices of Ũ the prediction of the model can differ significantly from the standard ones.
We show this explicitly in the flavor triangle in Fig. 9.2, where the orange region corresponds to the
flavor compositions obtained under all possible assumptions for Ũ (constrained only by unitarity),
assuming a pion beam at the source. This region, in the context of general unitarity bounds on flavor
composition, has also been obtained in Refs. [462, 463]. We highlight two regions corresponding to
the cases of gravitational basis equal to the mass basis (black) or the flavor basis (green). In the
first case, VEP is indistinguishable from the standard case, as discussed above, and indeed the black
region is at the center of the triangle (the pion-beam flavor composition at the Earth is (1:1:1)). In
the second case, VEP completely inhibits oscillations, so the flavor composition remains identical to
the one at the source: the prediction is very different from the standard one in this case. We also show
the exclusion contours from the most recent IceCube analysis, which shows that for some choices of
Ũ there is already a tension with the observed data, most notably for the green region. This tension
should be interpreted as a tension between the data and a VEP with strength �21�, �31� & 10�31

for that choice of Ũ . The comparison with the IceCube-Gen2 sensitivity shows that the constraining
power of future neutrino telescopes will drastically improve, and will allow to exclude most possible
choices of the gravitational basis.

This result has been deduced under the assumption of a pion-beam source. Of course the uncer-
tainty on the flavor composition at the source introduces some difficulty in the comparison with the
experimental data. However, most of the conclusions described here remain valid for all standard
mechanisms of production of neutrinos. First of all, the pion-beam flavor composition is expected
at least for sources with low magnetic fields, when the muons are not damped (the neutron beam is
only expected at low energies). The ideal muon-damped scenario from �-resonance only is further
disfavored by the recent observation of a Glashow resonance event [89], which requires the presence
of electron antineutrinos (importantly, this argument is not changed by the presence of VEP, because
it is based on the presence of antineutrinos, which would be absent in an ideal muon-damped sce-
nario even if VEP did exist). The pion-beam assumption therefore seems to be the most reasonable
one. Furthermore, the observation at 95% confidence level of a tau neutrino in IceCube [461] implies
the presence of oscillations in the neutrino propagation independently of the flavor composition at
the source, because the common neutrino production mechanisms produce no tau neutrinos at the

6Already the conventional oscillations have wavelengths much smaller than the propagation distance: if VEP
oscillations are dominant, they necessarily must have the same property.
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Figure 9.2: Flavor ratio at the Earth from a pion beam source after averaged VEP oscillations with
�21�, �31� > 10�31: the orange region spans the whole possibilities for the gravitational basis; the
green region corresponds to the case of gravitational basis coinciding with flavor eigenstates, while
the black region corresponds to the case of gravitational basis coinciding with mass eigenstates. In
the latter case we vary the oscillation parameters in the 3 � intervals. The 68% and 95% confidence
level obtained by IceCube [461] are shown (black contours), as well as the projected flavor sensitivity
of IceCube-Gen2 [412] at 68% and 95% confidence level (blue ellipses).
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source. Therefore, the conclusion that VEP diagonal in flavor basis is in tension with the IceCube
data at 95% confidence level remains true independently of whether the source was pion-beam,
muon-damped, muon-beam, or neutron-beam.

9.4 Discussion
The aim of this chapter was to show that high-energy neutrinos can probe BSM physics even in
the gravitational sector, focusing on the case of VEP. This investigation can be achieved in two
complementary ways, by looking at either atmospheric neutrinos or astrophysical neutrinos.

Atmospheric neutrinos are sensitive to VEP because of the depletion in muon neutrinos caused
by VEP oscillations. Whereas their energies are lower than astrophysical neutrinos, and therefore
less sensitive to VEP, the conditions in which they are produced are much better known. We showed
that the data provided by IceCube are able to constrain VEP to the level of �21�, �31� ⇠ 10�27.
The analysis depends on the uncertainty of the data, which is dominated by a statistical component.
We estimate this by requiring agreement between the data and the theoretically computed flux with
no VEP. While an independent estimate of the systematic uncertainty would give robustness to the
results, this methodology seems to be a reasonably conservative one to determine the constraints on
the model. We find that the uncertainty is dominated by the systematic component. Therefore, a
substantial improvement of this result with more data seems unlikely unless the systematic uncer-
tainty is correspondingly reduced. Finally, we limited our analysis to a VEP model in which the
gravitational basis is equal to the mass basis. The results are quite dependent on this choice, and
in fact if the gravitational basis were equal to the flavor basis atmospheric neutrinos would not be
able to constrain the model.

Astrophysical neutrinos are also sensitive to VEP, which can change their flavor composition.
In principle this effect depends on the details of the intergalactic gravitational potential. However,
at least if the VEP effect is sufficiently strong (�21�, �31� & 10�31), the VEP oscillations average
out producing a result which depends only on the choice of the gravitational basis. We show that,
depending on the latter, the flavor composition expected at Earth can be significantly different from
the standard prediction. If the gravitational basis coincides with the flavor basis, VEP inhibits
oscillations, so that the flavor composition at Earth is the same as at the source. This is already in a
2-sigma tension with the IceCube observations, in particular due to the detection of a tau neutrino.
On the other hand, if the gravitational basis coincides with the mass basis, the flavor composition
is the same as in the standard scenario. For this reason, we point out the complementarity among
the two strategies using atmospheric and astrophysical neutrinos. These two methodologies work
in different energy ranges and are able to probe complementary choices for the gravitational basis.
The two methods together allow to constrain the parameter space for all possible choices of the
gravitational basis.



152



Conclusions

Many of the unanswered questions of fundamental physics are connected with our ignorance of the
processes at very high energies. The construction of accelerators has allowed us to reach the frontier
of TeV energies, establishing the validity of the Standard Model at these energy scales. Understand-
ing physics at higher energies may require different methods of investigation. The strategy we study
in this thesis is multi-messenger astronomy, and specifically the investigation of high-energy neutri-
nos and gamma-rays from astrophysical sources. Thanks to the recent results obtained by neutrino
and gamma-ray telescopes, this study is finally delivering the promise of clarifying our understanding
of high-energy physics. In particular, we focus on multi-messenger astronomy as a tool to answer
two questions: what are the dominant sources of cosmic-rays, and what physical processes beyond
the Standard Model exist at high energy scales.

On the first subject, a common thread in the works presented here is the importance of a compact
and detailed modeling of neutrino and gamma-ray production in astrophysical sources. In Chap. 5,
we adopt the information on the gamma-ray spectra from individual starburst galaxies as a guide
to infer their diffuse flux, and thus we account for the variability among different members of the
source class. This is a novel strategy compared to the previous literature. We test it by comparing
the IceCube and Fermi-LAT data with the starburst galaxy neutrino and gamma-ray flux, together
with the contribution from other sources, namely blazars and radio-galaxies. Admittedly, this multi-
component scenario cannot explain the whole of the diffuse neutrino flux, yet it clearly exemplifies
the need for detailed modeling in the properties of the source. On a similar line, in Chap. 6 we
emphasize the need for a compact description of the neutrino production in photohadronic sources.
Our use of an effective blackbody target photon spectrum allows to describe the neutrino energy
spectrum from most p� sources within a unified framework. The results of this paper are mainly of
methodological nature, which may be helpful in systematically comparing many different classes of
sources at once with the data, for example in order to extract information on BSM physics.

The study of BSM physics by means of multi-messenger astronomy is indeed the second main
subject of this thesis. We have shown concrete examples of how BSM physics can induce signatures
on the energy spectrum of gamma-rays and neutrinos and on the flavor composition of the latter.
These include heavy decaying dark matter (Chap. 7), neutrino secret interactions (Chap. 8), and
violations of the equivalence principle (Chap. 9). We show that already with current information
multi-messenger astronomy can rule out part of the parameter space of all these extensions of
the Standard Model. At present, we find no significant indication from neutrino and gamma-ray
astronomy of BSM physics, except for the possible explanation of the 100 TeV excess of neutrinos
by heavy dark matter decay. The better strategy to disprove this possibility remains in our opinion
the study of gamma-ray data on the diffuse flux.

Finally, we emphasize that the two questions which until now have been presented as unrelated,
namely the sources of astrophysical particles and the physics beyond the Standard Model, are in
reality strongly intertwined. Indeed, in all the studies collected in this thesis, the main difficulty
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in constraining and possibly identifying BSM effects was to distinguish them from the standard
neutrino and gamma-ray production, which is by itself uncertain. As an example, distinguishing
BSM effects on the flavor composition of astrophysical neutrinos at Earth is difficult, given that
we do not know the flavor composition with which they were produced. This degeneracy between
the systematic uncertainty on the astrophysical production and the presence of BSM physics may
only be broken by an increased knowledge of the astrophysical sources. In this respect, the future
neutrino telescopes, including KM3-NeT and IceCube-Gen2, and gamma-ray telescopes, including
CTA and LHAASO, will provide within the next 5 to 10 years more information on the sources of
astrophysical particles which can at the same time be used to identify more easily possible BSM
effects. Furthermore, as we have emphasized at various places in this thesis (e.g. in Chaps. 7
and 8), the future neutrino radio-telescopes, including GRAND, IceCube-Gen2 RA, and RNO-G,
will allow us to reach the frontier of the EeV energies. Besides allowing for the first time the possible
identification cosmogenic neutrinos, this will dramatically push up the scale of energies at which we
can test fundamental physics already within the next 10 years.



Appendix A

Second-order Fermi mechanism

In this appendix we discuss in more detail the second-order Fermi acceleration, and connect the
derivation of this process with the first-order Fermi mechanism described in the text. As mentioned
in Chap. 1, in the original mechanism proposed by Fermi, particles are accelerated by collisions
with moving magnetic inhomogeneities, which can be schematized as macroscopic magnetic clouds.
When the particle enters one of these clouds, its direction is isotropized inside it by the collisions.
Let Ei be the energy of the (relativistic) particle before entering the cloud in the laboratory frame,
and let U be the velocity of the cloud. After entering the cloud, the particle isotropizes in the cloud
rest frame: in this frame, the energy of the particle is

E
0 = �Ei(1 + U cos ✓), (A.1)

where � = (1 � U
2)�1/2 and ✓ is the angle between the cloud and the particle direction. The

geometry of the process is summarized in Fig. A.1.
When the particle manages to escape from the cloud, its energy in the cloud rest frame is

unchanged, since the magnetic inhomogeneities are static in this frame. Its direction on the other
hand will be different: let ✓0 be the angle between the exiting direction of the particle and the
velocity of the cloud, as shown in Fig. A.1. When the particle exits the cloud, its energy in the
laboratory frame can be simply obtained by a Lorentz transformation as

Ef = �
2
Ei(1 + U cos ✓)(1 + U cos ✓0). (A.2)

Figure A.1: Scheme of the collision between the particle and the cloud: quantities before (after) the
impact are shown in blue (red); quantities referring to the cloud are shown in green.
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Here it is important to observe that ✓ is the angle between the initial velocity and the cloud velocity
in the laboratory frame, whereas ✓0 is the angle between the final velocity and the cloud velocity
in the cloud rest frame. The result depends of course on the angles ✓ and ✓

0. Two assumptions
are typically made at this point in the literature: in the first one, it is assumed that the particle is
simply reflected by the cloud like a solid wall in the cloud rest frame. Due to relativistic aberration,
this does not mean trivially that ✓0 = ✓: rather, we should use the velocity aberration formula to
obtain

cos ✓0 =
cos ✓ + U

1 + U cos ✓
. (A.3)

Substituting this expression in Eq. A.2, we find

Ef = �
2
Ei(1 + 2U cos ✓ + U

2). (A.4)

The initial angle ✓ can itself take any value: to determine its probability distribution, we observe
that the direction of each particle is isotropically distributed in the laboratory frame, and the rate
of collisions is proportional to the quantity

p
|vp � U|2 � |vp ⇥U|2 [19], where vp is the particle

velocity. By substitution we find that the rate of collisions is proportional to (1 + U cos ✓), and thus
the distribution probability of ✓ should be taken as

P (cos ✓)d cos ✓ = (1 + U cos ✓)
d cos ✓

2
, (A.5)

where the factor of 2 guarantees the correct normalization. By averaging the energy and its square
in Eq. A.4 we obtain the mean value of �E = Ef � Ei and �E2: for simplicity, we report the result
to second order in the small velocity U

h�Ei =
8U

2
Ei

3
, h�E

2
i =

4U
2
E

2
i

3
. (A.6)

Therefore we reach the conclusion that particles feel an average energy increase which is of second
order in the cloud velocity, as already predicted by simpler arguments in Chap. 1. Furthermore,
there is a mean square increase in the energy which is analogous to a random walk in the energy
space: the meaning of this term is the same as the reacceleration term discussed in Chap. 2.

A different assumption for ✓0 can be found in the literature, according to which the particle is not
reflected in the solid-wall approximation: rather, its direction is isotropized in the cloud rest frame,
so that cos ✓0 is a stochastic variable independent of ✓ and uniformly distributed. The distribution
for ✓ is the same as in the previous case. The calculations proceed in the same way, leading to the
final result

h�Ei =
4U

2
Ei

3
, h�E

2
i =

2U
2
E

2
i

3
. (A.7)

In both scenarios we reach the conclusion that the energy of the particle increases on average at
each collision. To determine the final spectrum of the accelerated particles, we assume that the
particles collide with the clouds with a rate ⌧�1

coll
. Furthermore, we assume that the particles have a

probability ⌧�1
esc

per unit time of escaping from the galaxy in which they are contained.
Let us call ⇠ the average energy gain at each collision, namely ⇠ = h�Ei/Ei: in the second

scenario, which we assume for definiteness, ⇠ = 4U2

3 . After n collisions the particle reaches on
average an energy Ei(1 + ⇠)n. In order for a particle to be accelerated to an energy larger than E,
it must have undergone a number of collisions larger than

n > n̄(E) =
log (E/Ei)

log(1 + ⇠)
. (A.8)
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The probability of being in the galaxy after n̄(E) collisions, which take on average a time n̄(E)⌧coll,
is e

�n̄(E)⌧coll/⌧esc . Therefore the number of particles with energy larger than E, after substituting
Eq. A.8, is

P (> E) /

✓
E

Ei

◆� ⌧
coll

⌧esc log(1+⇠)

'

✓
E

Ei

◆� ⌧
coll

⌧esc⇠

. (A.9)

Finally, the number of particles with energy between E and E+dE is proportional to the differential
of this probability, so that the spectral distribution of accelerated cosmic-rays is

dN

dE
/

✓
E

Ei

◆� ⌧
coll

⌧esc⇠
�1

. (A.10)

Thus we find that the mechanism naturally generates a power-law spectrum (which is natural given
the lack of an energy scale in the problem) with a spectral index

� = 1 +
3⌧coll

4U2⌧esc
. (A.11)

The spectral index depends both on the confining time of the cosmic-rays in the galaxy and on the
rate of collision with the clouds. It is true that if ⌧coll ⇠ 107 s (as one expects for collisions with a
mean free path of order 0.1 pc), ⌧esc ⇠ 107 y and U ⇠ 10�4 the second term is indeed of order 1,
but the dependence on the precise values is too strong to give a definite prediction for the spectral
index. If this were the real explanation for cosmic-ray acceleration, one would expect a rather large
variability for the spectral index of cosmic-rays accelerated by different sources. Therefore the main
failure of the second-order process is that it is not able to explain the ubiquitous presence of spectral
indices close to 2 from many different astrophysical sources.

On the other hand, if the cloud above is replaced with a shock, we obtain again the results
discussed in Chap. 1 for diffusive shock acceleration. In this case the probability distribution both
for ✓ and for ✓0 is the same, and is

P (cos ✓) = 2⇥ [cos ✓] cos ✓d cos ✓, (A.12)

since the component of the particle velocity directed toward the plane shock is simply cos ✓. The
Heaviside theta accounts for the fact that only particles directed towards the shock can collide with
it; the factor of 2 normalizes the distribution. Therefore hcos ✓i = hcos ✓0i = 2/3, and substituting
in Eq. A.2 we find

�E =
4

3
UEi. (A.13)

This is indeed the same result we obtained in Chap. 1. Furthermore, as we have shown there,
the probability that a particle escape downstream during one cycle of acceleration is Pescape = 4u2

(see Eq. 1.8). Therefore ⌧�1
esc

= 4u2⌧coll. Substituting u2 = U/4 we indeed find a spectral index
� = 2, in agreement with the results obtained in Chap. 1 by different means. The universality of
this value depends upon the precise cancellation between the velocity dependence in the efficiency
of acceleration and in the escape probability: this is achieved only for very strong shocks for which
the relation u2 = U/4 is verified.
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Appendix B

Analytical solutions for cosmic-ray
acceleration

In this appendix we describe both the stationary and a non-stationary solution to the transport
equation for cosmic-rays near a shock wave (Eq. 1.5). Let us start with the stationary solution.

Since r · u is non-vanishing only on the shock front, let us solve separately the equation on the
two sides of the shock. In the upstream region the solution can be taken as

f1(z, p) = fu(p) + (�f(p) � fu(p))e
u1z
D , (B.1)

whereas in the downstream region the finiteness of the solution and the continuity at the shock
require

f2(z, p) = �f(p). (B.2)

In writing these two solutions, we have automatically taken into account the condition of continuity
of f(p) at the interface z = 0. The derivative @f/@z, on the other hand, is not necessarily continuous:
to determine the corresponding boundary condition, we integrate the transport equation Eq. 1.5 over
an infinitesimal interval around z = 0. In this way we obtain the condition

1

3
(u1 � u2)p

d�f

dp
= u1 [�f(p) � fu(p)] . (B.3)

This is a linear ordinary differential equation. To fix the boundary condition, we note that fu(p)
represents the particles infinitely far away from the shock in the upstream region, namely those
particles that have not been accelerated yet. Correspondingly, �f(p) represents the particles that
have already crossed the shock, and indeed it is the only part that survives in the downstream
region. Therefore, we impose as a boundary condition that �f(0) = 0, since particles can only be
accelerated by the shock and therefore no particles can have zero momentum after crossing it. With
this condition Eq. B.3 admits a unique solution

�f(p) =
3u1

u1 � u2

Z
p

0

dp
0

p0
fu(p0)

✓
p
0

p

◆ 3u1
u1�u2

. (B.4)

This is the distribution function of the particles that have already been accelerated. The result we
have obtained coincides with the results used in Chap. 1.
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While this stationary solution has the advantage of simplicity, it suffers from a series of short-
comings that have been highlighted in Chap. 1: in particular, it predicts the presence of an infinite
number of particles, some of which are accelerated to infinitely large energies. For this reason, we
now discuss a time-dependent solution to the full equation

@f

@t
+ u(z)

@f

@z
+

1

3
(u1 � u2)�(z)p

@f

@p
=

@

@z

✓
D
@f

@z

◆
. (B.5)

In doing this, for simplicity we assume that D is a constant independent of p. This assumption is
not realistic, and we will later discuss how the results change if D depends on the energy: for the
moment, we only notice that the stationary solution we have found above does not depend on this
assumption1.

As an initial condition for Eq. B.5, we adopt the following expression [464]

f(t = 0, z, p) = �(z)�(p � p0). (B.6)

In other words, we follow the evolution of a particle initially placed at the shock with an energy p0.
As a first step we perform a one-sided Fourier transform with respect to time

F (!, z, p) =

Z +1

0
f(t, z, p)e�i!t

dt. (B.7)

Furthermore, we introduce the Mellin transform with respect to the variable p

F̃ (!, z, s) =

Z +1

0
p
s�1

F (!, z, p)dp. (B.8)

In terms of F̃ the transport equation becomes

i!F̃ + u(z)
@F̃

@z
�

s

3
(u1 � u2)�(z)F̃ = D

@
2
F̃

@z2
+ �(z)ps�1

0 . (B.9)

We follow the same approach as above and solve this equation separately on the two sides of the
shock, obtaining a preliminary solution which is finite everywhere (on which we still have to impose
the boundary condition at the shock)

F̃ (!, z, s) = ↵(s)

(
e
k1+z

, z < 0

e
k2�z

, z > 0
(B.10)

where

ka± =
ua ±

p
u2
a

+ 4i!D

2D
. (B.11)

We obtain the boundary condition by integrating Eq. B.9 over a small interval in z surrounding the
shock: in this way we find the function ↵(s) as

↵(s) =
p
s�1
0

D(k1+ � k2�) �
s

3 (u1 � u2)
. (B.12)

1In fact, the stationary solution does not depend on the diffusion coefficient at all: this is one of the reasons that
prompt us to the study of a time-dependent solution.
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The inverse Mellin transform can now be performed to recover the distribution in terms of the
particle momentum

F (!, z, p) =

Z +i1

�i1

ds

2⇡i
F̃ (!, z, s)p�s

. (B.13)

The integral in s can be easily performed by contour integration, and the only singularity lies in
s = 3D(k1+�k2�)

u1�u2
, on the right of the integration path2. The final result is

F (!, z, p) =
3

(u1 � u2)p0

✓
p

p0

◆� 3D
u1�u2

(k1+�k2�)
(

e
k1+z

, z < 0

e
k2�z

, z > 0
(B.14)

The inverse Fourier transform to obtain the original function f(t, z, p), unfortunately, cannot be
performed analytically, due to the presence of the square roots in the definition of ka±. However,
important information can be derived from this expression. Let us regard f(t, z, p) as a (non-
normalized) probability distribution for the time variable: in other words, f(t, z, p) is the probability
that a particle reaches a position z and a momentum p in the time interval between t and t + dt.
Then by definition F (!, z, p) is the characteristic function of this distribution, and its derivatives
are the moments of the distribution. In particular, if we call hti(z, p) the mean time after which a
particle is expected to be at position z with impulse p, we have

hti(z, p) =
i

F (0, z, p)


@F (!, z, p)

@!

�

!=0

. (B.15)

For simplicity, let us restrict to the case z = 0 and perform the derivative: we obtain that the mean
time after which a particle is expected to reach momentum p is

hti(p) =
3D

u1 � u2
log

✓
p

p0

◆✓
1

u1
+

1

u2

◆
. (B.16)

This is our final result, from which we see that in a finite time particles cannot reach an arbitrarily
large energies. In particular, in our model with an energy-independent diffusion coefficient, the time
required for acceleration grows logarithmically with the energy. In a very small interval of time
we can obtain the infinitesimal increase in energy by differentiating Eq. B.16 (we suppress the hti

notation for simplicity)
dp

dt
=

u1 � u2

3D

⇣
1
u1

+ 1
u2

⌘p. (B.17)

Whereas the result in Eq. B.16 is only true for D independent of the energy, this Eq. B.17 ap-
proximately holds for a generic dependence of D on the energy, since over small energy intervals
the diffusion coefficient can be considered approximately constant. From this equation we easily
recover the estimate for the maximum energy of cosmic-rays after a finite time that was obtained in
Chap. 1.

2For this reason the integral gets a minus sign.
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Appendix C

Formal treatment of cosmic-ray
propagation

In this section we estimate the diffusion coefficient of cosmic-rays in turbulent magnetic fields in a
more rigorous way: we adopt the so-called quasi-linear approximation [46], in which the turbulent
field is assumed weaker than the regular component. Let us denote by f(r,v, t) the phase-space
distribution of the cosmic-rays, and let us assume that they move in a static magnetic field. This
can be realized by passing to a frame comoving with the magnetohydrodynamic waves, but more
simply, as we have observed in Sec. 1.1, the velocity of the Alfven waves are non-relativistic, so they
are approximately at rest compared with cosmic-rays. The propagation of the particles is described
by the Vlasov equation, in which for simplicity we neglect the time dependence

v · rf +
q

E
[v ⇥ (B + �B(r))] ·

@f

@v
= 0, (C.1)

where B is the regular field directed along z. In the spirit of the quasi-linear theory, we separate the
distribution function into a regular part and a fluctuating part, arising from the fluctuations of the
turbulent field: f = hfi + �f . We substitute this expression in Eq. C.1 and perform an ensemble
average over the fluctuating field to obtain

v · rhfi +
q

E
[v ⇥ B] ·

@hfi

@v
= �h

q

E
[v ⇥ �B] ·

@�f

@v
i. (C.2)

On the other hand, by taking only the fluctuating terms in Eq. C.1, and neglecting higher order
terms, we find an equation for �f

v · r�f +
q

E
[v ⇥ B] ·

@�f

@v
= �

q

E
[v ⇥ �B] ·

@hfi

@v
. (C.3)

Our strategy is therefore to obtain the fluctuating part in terms of the regular one from Eq. C.3 and
replace it back in Eq. C.2 to obtain an equation in terms of the regular part alone. Let us decompose
the turbulent field in its spatial Fourier components �B =

P
k Bke

ik·r. The cylindrical symmetry
suggests a parameterization in terms of the pitch-angle between the velocity and the axis z, and
we denote by µ its cosine. Furthermore, we let � be the azimuthal angle of the velocity around
the axis z, so that vz = vµ, vx = v

p
1 � µ2 cos�, vy = v

p
1 � µ2 sin�, where v is the modulus

of the velocity. We adopt a similar parameterization for the wave vector k, writing kx = k? cos ,
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ky = k? sin . Decomposing Eq. C.3 into its Fourier components1 we obtain

ikzvµ�fk + ik?v

p
1 � µ2 cos(��  )�fk �

qB

E

@�fk

@�
=

q�Bzk

E

@hfi

@�
(C.4)

�
q(�Bxk cos�+ �Byk sin�)

E

@hfi

@�
µ �

q(�Byk cos�� �Bxk sin�)

E

@hfi

@µ

p
1 � µ2.

Since the regular magnetic field is assumed to be large, the Larmor frequency is correspondingly
large and thus the variable � changes very rapidly in time over the trajectory of a particle: for this
reason, we are only interested in the average of hfi over �. This allows us to neglect the terms
containing @hfi

@�
. Eq. C.4 can now be used to obtain �fk: we outline the steps of the calculation,

omitting the intermediate passages. After redefining �fk = �ke
i
Ek?v

p
1�µ2 sin(�� )

qB , we expand the
function �k as a Fourier series in � and determine the Fourier coefficients from Eq. C.4. The final
result, expressed in terms of �k, is

�k = �

X

l

e
�il�

p
1 � µ2 @hfi

@µ

2B

⇣
l + Ekzvµ

qB
� i"

⌘ (C.5)

"
�B�ke

i(l+1) 
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Ek?v

p
1 � µ2

qB

!
� �B+ke

i(l�1) 
Jl�1

 
Ek?v

p
1 � µ2

qB

!#
,

with the notation �B±k = �Bxk ± iByk. The " factor is introduced in the denominator with the
criterion that the turbulent magnetic field is inserted very slowly with time (see Ref. [45]). Finally,
this result can be used in Eq. C.2 and averaged over the variable �, consistently with our observation
that the function changes in � with the Larmor frequency, which is very large. The result is

v · rhfi +
q

E
[v ⇥ B] ·

@hfi

@v
=

@

@µ


Dµµ

@hfi

@µ

�
, (C.6)

where

Dµµ =
qB(1 � µ

2)⇡

4E

X
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✓
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kzvµE

qB

◆"
h�B+�B�i
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The presence of the delta function shows that indeed the scattering happens resonantly, and
that there are infinite resonances when the frequency felt by the particle kzvµ is any integral mul-
tiple of the cyclotron frequency. This result is generally simplified by using the magnetostatic slab
model, in which the turbulence is assumed to vary only in the direction of the regular magnetic
field. The ensemble average over the magnetic field is performed assuming that h�Bxk�Byk0i = 0,
h�Bxk�Bxk0i = h�Byk�Byk0i = uk�k,k0B

2
/2; according to the latter equation, uk measures the ratio

between the energy in the turbulent and in the regular magnetic field. The final result is

Dµµ =
⇡qB(1 � µ

2)

4E

X

k

qB

Evµ
uk

✓
�

✓
kz +

qB

Evµ

◆
+ �

✓
kz �

qB

Evµ

◆◆
. (C.8)

1We also use the fact that hfi varies over length scales much longer than �B, so that we can assume it approximately
constant.
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This coefficient describes the diffusion in pitch-angle: to this diffusion there is associated a
corresponding diffusion in physical space. To obtain this, we study the flux of particles arising in
response to a small spatial gradient, assuming that the phase-space distribution (we neglect the hi

from now on: we will always refer to the distribution ensemble averaged and averaged over the angle
�) can be decomposed as a spatially dependent isotropic part f0 and a small anisotropic part arising
in response to the gradient �f . Then Eq. C.6 becomes

vµ
@f0

@z
=

@

@µ

✓
Dµµ

@�f

@µ

◆
. (C.9)

This equation can be integrated over µ to obtain

Dµµ

@�f

@µ
= �

v

2
(1 � µ

2)
@f0

@z
. (C.10)

This anisotropic perturbation produces a current of particles which, when averaged over the angle,
is j =

R
dµ

2 vµ�f . Integrating by parts, and using Eq. C.10, this current can be expressed in the
usual diffusion form as

j = �D
@f0

@z
, (C.11)

where

D =
v
2

8

Z +1

�1
dµ

(1 � µ
2)2

Dµµ

. (C.12)

This is our final result for the spatial diffusion coefficient of cosmic-rays in the turbulent magnetic
fields. It is easy to see by explicit substitution that the order of magnitude is indeed the one predicted
in Sec. 2.1.
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Appendix D

Derivation of the thermal model

in Chap. 6 we showed that the neutrino spectrum produced in p� sources with a generic target photon
spectrum can be reproduced quite accurately by replacing the target photons with a blackbody
target. The mapping between the original photon spectrum and the temperature of the effective
blackbody spectrum was provided, together with a sketch of the derivation. In this appendix, we
provide more details on the derivation.

As a first step, let us recall some properties of p� interactions. In p� collisions the interaction
can be regarded as a superposition of various contributions, which have been listed in Chap. 1. The
contributions which mainly determine the shape and flavor composition of the neutrino spectrum
are the � resonance and the multi-pion interaction. Indeed, these give the largest contribution to
the interaction rate [30]. Let us denote by IT the different interaction types, which in our case are
� resonance and multi-pion interaction. For both interaction types we can assume that each p�

collision produces on average M
IT
⇡

pions (the multiplicity), with an average energy E
0
⇡

= �
IT
⇡

E
0
p
. As

in Chap. 6, we use primes to refer to quantities in the comoving frame. The interaction rate for a
proton, namely the number of collisions of a proton per unit time with a given interaction time, is
given by

�IT(E0
p
) =

Z
d"

0
�

Z
d cos ✓

1 � cos ✓

2
n("0

�
, cos ✓)�IT(E0

CM). (D.1)

Here "0
�

is the photon energy, ✓ is the angle between the proton and the photon direction, n("0
�
, cos ✓)

is the photon number density, E
0
CM =

q
"0
�
E0

p
(1 � cos ✓) is the center-of-mass energy, and �IT(E0

CM)

is the cross section for the given interaction type. For an isotropic photon distribution, the angle
integration can be performed once the cross-section for the interaction type is given. This allows to
rewrite the interaction rate as
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�
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0
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E0

p

fIT(y), (D.2)

where the variable y is defined as y = E
0
p
"
0
�
/mp, and the functions fIT(y) have been determined in

Ref. [30] by comparison with the results of SOPHIA.
Once we know how many collisions happen per second with a given interaction type (interaction

rate �IT(E0
p
)), how many pions are produced at each collision (multiplicity M

IT
⇡

), and how much
energy each pion carries on average (a fraction �IT

⇡
), we can determine the pion spectrum emissivity
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(number of pions emitted per unit time per unit energy) from each interaction type as

Q
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⇡

(E0
⇡
) =

Np(E0
⇡
/�
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⇡

)M IT
⇡
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◆
. (D.3)

Here Np(E0
p
) is the proton number density. For the rest of this appendix we assume

Np(E
0
p
) / E

0�2
p

e
�E

0
p/E

0
p,max . (D.4)

Let us now discuss separately the behavior of the functions fIT(y) for the two interaction types
considered here.

For the � resonance interaction, due to the resonant character of the scattering, the function
fIT(y) is strongly peaked at a value of y ' y� = 0.2 GeV. Therefore, in Eq. D.2 the target photon
spectrum can be evaluated with good approximation at y = y� and carried outside the integral.
The approximation breaks down of course when the photon energy "0

�
= y�mp/E

0
p

falls in a region
in which n("0

�
) is varying very rapidly. With this approximation, the pion emissivity (times the

squared energy) via � resonance interaction depends on the energy as
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where ��
⇡

= 0.22.
For the multi-pion interaction, the scattering is not resonant and consequently fMP(y) does not

exhibit any pronounced peak. In order to grasp the qualitative feature of the process, we can
approximate this function as a constant f̄MP for y & yMP = 0.5 GeV. Therefore the interaction rate
is
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where we have already expressed it in terms of the pion energy using the fraction �
MP
⇡

= 0.2. The
interaction rate depends on the pion energy E

0
⇡

in a way that is not easy to discuss in general.
However, we can understand the main features by considering the specific case where "0

�
n("0

�
) has a

single maximum at an energy "̄0
�
.

For low pion energies, such that E
0
⇡

<
yMPmp�

MP
⇡

"̄0�
, the energy "̄0

�
is not contained in the integration

range in Eq. D.6. Therefore, the function is monotonically decreasing in the integration range and
its value is determined mostly by the lower limit of integration. Assuming that n("0

�
) decreases as a

power law in energy (as it typically happens), the integral can be estimated in order of magnitude
as
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where we have neglected numerical factors coming from the integration. Therefore, for low pion
energies, the interaction rate is proportional to the photon number density, just as the � resonance
contribution.

For high pion energies, such that E
0
⇡

>
yMPmp�

MP
⇡

"̄0�
, the energy "̄0

�
is contained in the integration

range. The integral is dominated by the region near "̄0
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, and therefore we can replace the lower limit

in Eq. D.6 with 0, obtaining
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Figure D.1: Comparison between the � resonance and the multi-pion contribution to the neutrino
production for two benchmark targets of photons with broken power-law spectra. In the left panel
we show the two benchmark target photon spectra: for the red curve we choose the spectral indices
so that "0

�
n("0

�
) is peaked. For the blue curve we choose the spectral indices so that "0

�
n("0

�
) is flat

in energy below the break. In the right panel we show the corresponding neutrino spectra obtained
using NeuCosmA (solid lines), as well as the contribution of the � resonance only (dashed lines).

The interaction rate does not depend in this case on E
0
⇡
.

Therefore we have the following situation: for E
0
⇡

<
yMPmp�

MP
⇡

"̄0�
both the � resonance and the

multi-pion interaction rate grow with energy. Since y� ' yMP and ��
⇡

' �
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⇡

, we can approximate
the pion spectrum in this region as
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For E
0
⇡

>
yMPmp�

MP
⇡

"̄0�
the � resonance interaction rate follows the photon number density and

decreases with energy, whereas according to Eq. D.8 the multi-pion interaction rate is constant
in energy. Therefore in this range multi-pion processes dominate, and the pion spectrum can be
approximated as
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As a graphical representation of these two behaviors, we show in Fig. D.1 a peaked target photon
spectrum (left panel, red curve) and the corresponding neutrino spectrum (right panel, red curve).
We separately represent the � resonance contribution (dashed) and the total spectrum which also
includes the multi-pion contribution (solid). The � resonance contribution falls off above the critical
energy yMPmp�

MP
⇡ �⌫

"̄0�
, where �⌫ ' 0.25 is the fraction of the pion energy carried by the neutrino.

On the other hand, the total neutrino production is dominated by multi-pion processes and the
interaction rate remains constant.

The crucial point is that the pion spectrum for large pion energies becomes independent of
the shape of the target photon spectrum because of the multi-pion contribution. This means that
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any target photon spectrum peaked at an energy "̄0
�

will give rise to the same pion spectrum (and
therefore the same neutrino spectrum) for E

0
⇡

>
yMPmp�

MP
⇡

"̄0�
. Due to this observation, we can replace

any target photon spectrum "
0
�
n("0

�
) peaked at an energy "̄0

�
by an equivalent blackbody spectrum

peaked at the same energy, as we do by the mapping in Chap. 6.
A final comment is in order for the case in which the target photon spectrum "

0
�
n("0

�
) does not

have a single well-defined maximum. This case often appears in GRBs, where the target photon
spectrum in the low energy range has often a behavior n("0

�
) / "

0
�
, leading to a flat behavior in

energy for "0
�
n("0
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).

For definiteness, we assume that n("0
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becomes flat for energies lower than "̄
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. In this case,

our estimate for the multi-pion interaction rate at pion energies E
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is not valid, since

in obtaining it we assumed that most of the contribution to the integral came from the region near
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. In the case at hand, instead, we can only assume that most of the contribution comes in the

range from yMPmp�
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. Therefore in this range the pion spectrum can be approximated as
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This behavior is again illustrated in Fig. D.1 by the blue curves. In this case, the � contribution
to the pion and the neutrino spectrum becomes flat above the critical energy yMPmp�

MP
⇡

"̄0�
, as expected

from Eq. D.5. The total neutrino spectrum instead exhibits a slow growth due to the logarithmic
factor in the multi-pion contribution of Eq. D.11.

This circumstance is harder to reproduce with an effective blackbody photon target. Indeed any
peaked photon spectrum, such as a blackbody one, gives rise to a multi-pion contribution behaving as
Q⇡(E0

⇡
) / E

0�2
⇡

e
�E

0
⇡/E

0
p,max�

MP
⇡ , and cannot capture the logarithmic factor in Eq. D.11. Nonetheless,

the growth induced by the logarithmic factor in the pion and the neutrino spectrum is comparably
slow in energy, so that if this region does not occupy an energy interval too wide the reproduction
of the thermal model is still sufficiently accurate (see example below).

We provide in Fig. D.2 an example of the performances of the thermal model for power-law target
photon spectra n("0

�
) / "

0�↵
�

with varying spectral indices ↵ close to 1.
For ↵ & 1, the target photon spectrum is monotonically decreasing in energy. Therefore, the

energy contributing most to photohadronic production is the lower energy which can kinematically
participate to the interaction, namely "̄

0
�

= y�mp

E0
p,max

from Eq. 6.2. Indeed, the peak of the neutrino
spectrum is correctly reproduced by this choice within the thermal model (teal curves in the right
panel). On the other hand, the behavior of the spectrum below the peak is not perfectly reproduced.
This is due to the fact that, for "0

�
> "̄

0
�
, the power-law target photon spectrum decreases much

more slowly than the thermal model. We now discuss the reason for this.
From Eq. D.5 we see that for the power-law case the pion emissivity increase in this region as

E
02
⇡

Q⇡(E0
⇡
) / E

0
↵�1
⇡

. The neutrino emissivity for ↵ < 3 follows the same behavior. For ↵ > 3, while
the pion spectrum still increases as E
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) / E
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, the produced neutrino spectrum reaches
a universal form E
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Q⌫(E0
⌫
) / E

02
⌫

. This is in fact the spectrum of neutrinos produced in the weak
decay of pions.

On the other hand, for the thermal model, since the target photon spectrum decreases exponen-
tially for "0

�
> "̄

0
�
, the neutrino spectrum always has the universal form E

02
⌫

Q⌫(E0
⌫
) / E

02
⌫

induced
by the energy dependence of the weak pion decay.

Therefore, for ↵ > 3 the power-law model and the thermal model give exactly the same shape
for the neutrino spectrum. For 1 < ↵ < 3 the agreement between the two is better as ↵ is larger.
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Figure D.2: Comparison between the neutrino spectra produced by power-law target photons and
their reproduction within the thermal model. In the left panel we show the target photon spectra
(in teal for ↵ & 1, in blue for ↵ = 1, in red for ↵ . 1; solid lines), as well as the blackbody spectra
used to simulate them in the thermal model (dashed lines). The arrows indicate the energies "̄0

�
for

each case. In the right panel we show the neutrino spectra obtained using NeuCosmA: the color
scheme and the line styles are chosen in the same way as for the left panel.

Indeed, in Fig. 6.2 the benchmark example for AGN, with ↵ = 2 for "0
�

> "̄
0
�
, shows a very good

agreement between the broken power law and the thermal model.
For ↵ . 1, we see from Fig. D.2 (red curves in the right panel) that the reproduction of the

thermal model is very accurate. This is because the high-energy behavior is completely determined
by the multi-pion processes, which lead to a spectral shape independent of the properties of the
target photon spectrum.

For ↵ = 1 (blue curves in the right panel), the power-law model for the neutrino spectrum
exhibits a growth in energy that the thermal model does not capture. This is indeed caused by the
logarithmic factor in Eq. D.11 that we discussed above. As can be seen, over four decades in energy
this induces a discrepancy of about an order of magnitude between the power-law and the thermal
model.
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Appendix E

Cross sections for active-sterile
interactions

As mentioned in the introduction to Chap. 8, the aim of the papers [403, 404] is to study the
propagation of astrophysical neutrinos on their way to Earth. This requires the knowledge of the
cross sections for interaction of two active neutrinos, and an active and sterile neutrinos, as we will
discuss below. In this appendix, we collect the expressions for the relevant cross sections.

At tree level the new processes introduced by our new interaction are the four particle collisions
⌫⌫ ! ⌫s⌫s, ⌫⌫s ! ⌫⌫s and ⌫s⌫s ! ⌫⌫ (neglecting flavor indices). The first two ones, which are the
most relevant for us, are shown in Fig. E.1.

The process ⌫⌫ ! ⌫s⌫s is important to us because active astrophysical neutrinos can collide with
active neutrinos from the CNB: we assume the latter to be at rest in the laboratory rest frame,
which means that the CNB temperature is smaller than the neutrino mass. Let the active neutrinos
be in their mass eigenstates, denoted by Latin indices, before the collision, so the interaction is
⌫i⌫j ! ⌫s⌫s. The squared amplitude for the process, written in terms of the Mandelstam invariants
s = (p + l)2, t = (p � k)2 and u = (p � q)2 (see Fig. E.1, left panel) is
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(for simplicity, we assume equal masses for the active neutrinos ⌫` and ⌫`0 ; this is justified because
we will use the benchmark value m = 0.1 eV, which is larger than the mass splittings inferred by
oscillations). Here m is the mass of the active neutrino ⌫, � is the decay rate of the scalar mediator
given below, and M' is its mass. We remind that the squared amplitude depends on two Mandelstam
invariants only, since the third is connected to the others by the relation s + t + u = 2(m2 + m

2
s
).

The total cross section for the ⌫i⌫j ! ⌫s⌫s reaction, in the laboratory rest frame, is then given
by
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Z
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2(s, t)dt (E.2)

173



174

Figure E.1: Feynman diagrams for the scattering of two active neutrinos (left), and an active and
a sterile neutrino (right) through the secret interaction. Flavor indices for the active neutrinos are
neglected.
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The differential cross section for the production of a sterile neutrino with energy Es in the process
⌫i⌫j ! ⌫s⌫s is
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Here E is the energy of the incident cosmogenic active neutrino.

The sterile neutrinos produced via the process just discussed can again collide, during their
propagation, with the CNB neutrinos. For this reason the second process of interest to us is ⌫i⌫s !

⌫j⌫s, where i and j again denote mass eigenstates of active neutrinos. We assume again that the
initial momentum of the CNB neutrino is l, the momentum of the incident sterile neutrino is p, the
momentum of the final sterile and active neutrinos are respectively k1 and k2 as shown in Fig. E.1
(right panel). In this case the two final particles are distinguishable, so the choice of how to define the
Mandelstam parameters is not equivalent: we choose the convention that t = (p � k2)2 = (l � k1)2.
With this choice, the squared amplitude |Mis!js|

2 is identical to Eq. E.1 with the s and the u
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parameters exchanged in the corresponding equation. The total cross section is

�is!js =
1

64⇡J2

Z
t2

t1

|Mis!js|
2(m2

s
+ 2mE, t)dt

(E.6)

with
t1,2 = m

2 + m
2
s

�
(m2

s
+ 2mE)2 � m

4
s

2(m2
s

+ 2mE)
±

2m
2
E

2

2mE + m2
s

(E.7)

and again the energy of the incident sterile neutrino is E and J is defined as
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The differential cross section for the production of an active neutrino of energy E2 is then
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The differential cross section for the production of a sterile neutrino of energy E1 is (we invert the
order of the subscripts i and s to emphasize the difference with the previous case)
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The total decay rate � of the scalar mediator, through the processes ' ! ⌫`⌫s, is given by
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For ms � M', the decay rate of the scalar mediator vanishes, since the process ' ! ⌫s⌫` is kine-
matically forbidden. The divergences in the denominators of the matrix elements in Eq. E.1 become
therefore unregulated. The s-resonance can never be reached in the physical space of parameters,
so it is not affected by any divergence anyway. On the other hand, for the process ⌫⌫s ! ⌫⌫s only,
the t-resonance can be reached for physical values of the energies1: in fact, the resonance condition
t = M

2
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gives for the energy of the final sterile and active neutrino respectively
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where p is the impulse of the sterile neutrino in the laboratory frame. A similar divergence also
appears in the cross section for Rutherford scattering of charged particles, where it is connected

1This does not happen for the process ⌫⌫ ! ⌫s⌫s, as can be seen by exchanging m and ms in Eq. E.13, which
makes the energies negative.
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with the long range nature of the classical electrostatic interaction. In this case there is no classical
analogue of the interaction (since the secret interaction flips the neutrino from active to sterile), but
the divergence can still be ascribed to a divergence in the interaction range. In reality, the cross
section cannot of course exceed the transverse structure of the incident beam, so a regularization
mechanism could be devised. However, a simpler possibility for regularizing the divergence is to
give the mediator a small but non-vanishing decay rate. Indeed, it is uncommon for a particle to
be completely stable, if this stability does not descend from some specific property or conservation
law. Therefore, it is unlikely that our mediator is completely stable and it may have other decay
channels, giving rise to a finite total decay rate �, which eliminates the divergence.
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Secret interactions with sterile
neutrino decay

In Chap. 8 we mentioned that, if ms > M', sterile neutrinos are not stable and can decay to an
active neutrino and a scalar mediator. The cascading process, which originates from the collision
of an active astrophysical neutrino and a CNB neutrino, can change drastically due to this decay
channel. In this appendix, we discuss how we deal with this case.

First of all we need to determine the properties of the sterile neutrino decay. The lifetime for
the decay of a sterile neutrino with energy E into an i-th active neutrino is
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where U↵i are the elements of the PMNS matrix.
Because of relativistic boosting the active neutrinos are produced nearly in the same direction

as the original sterile neutrino. Their energy distribution is
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where Ea is the energy of the active neutrino, which can take values between the extrema
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The probability of decaying into the i-th mass eigenstate is
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For masses of the sterile neutrinos even slightly larger than the mediator mass, the lifetime is so short
that decay becomes the dominant process, and sterile neutrinos decay immediately after having been
produced. The transport equations in this regime can be therefore approximated by assuming that
the flux of sterile neutrinos injected per unit path length by the collisions of active neutrinos with
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the CNB, namely
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is completely converted into an active neutrino flux with the energy distribution in Eq. (F.2).We
then have only three equations for the active fluxes which are written as
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These are still three coupled transport equation which are hard to solve. We applied a perturba-
tive approach, treating the regeneration term as a small perturbation, and we verified a posteriori
whether this term was truly small. We found that the first order perturbative correction from the
regeneration term can significantly change the spectrum, and indeed this is the origin of the bump
in the flux (dashed line) of Fig. 8.3. Nevertheless, the second order correction was found to be
negligible compared to the zero and first order term, which justifies our use of the latter two alone.
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